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1. Introduction

The subject of this thesis is the study of the dynamic phenomena of the chro-

mosphere, their relation with the magnetic field, and the processes producing

them. The dissertation consists of three main projects that are presented in

three included papers and summarised at the end of this thesis (see Chapter 5).

Chapters 1-4 are devised to frame these projects in the solar physics context

and underline their scientific relevance. The chapters are organised as follows:

Chapter 1 is a general introduction to the different layers of the solar atmo-

sphere and their interaction with the magnetic field. Chapter 2 focuses on the

chromosphere and on the dynamic phenomena that are most relevant to our

research. Chapter 3 describes the ground-based observations and the process

of data reduction. Chapter 4 is a review on the analysis techniques applied in

the included papers.

This thesis is based on the unpublished Licentiate thesis "Study of peacock

jets observed above a sunspot light-bridge: results and techniques", defended

on January 9, 2017, and written by the same author.

1.1 The solar atmosphere

The atmosphere is the visible outer part of the Sun and it consists of stratified

layers of plasma, whose appearance is tightly connected to the processes oc-

curring in the solar interior. Nuclear fusion, of mainly hydrogen nuclei, take

place in the inner core of the Sun. The radiation generated in such a way

is transported outwards by radiative diffusion for almost 500 Mm, until the

temperature gradient drops, radiative diffusion is no longer efficient, and con-

vection takes over. The mean free path of the photons in the radiative zone is

extremely small, �1 cm.

In the convection zone, the energy is transported by convective motion, that

is the rising of hot plasma bubbles which cool down at the surface, releasing

radiation, and sink to the bottom of the convection zone. The average den-

sity of the convection zone (∼ 0.1 g/cm3) is two orders of magnitude smaller

than the average density of the radiative zone (∼ 10 g/cm3), thus the photons

interact much less with the matter and the mean free path is larger. The in-

ner Sun is opaque to radiation. The typical nuclear reactions produce photons
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in the gamma-ray regime, but due to the high opacity, the photons undergo

absorption, scattering, and re-emission, which decrease the photon energy.

Because the Sun is rotating, the Coriolis force can disturb the convective

motion of the plasma. As a back reaction, the rotation in the convection zone

is no longer uniform, as it is in the radiative zone. The differential rotation of

the Sun at the interface between radiative and convection zone creates a strong

shear layer. This region is thought to be the location where a dynamo can build

up a large-scale magnetic field. It is still not clear how the magnetic field is

generated inside the Sun and many models have been proposed. According

to the classic scenario of Babcock (1961), an initial poloidal field is stretched

by the action of the differential rotation of the Sun and generates a toroidal

field. When the flux tubes are stretched, the magnetic field is amplified and

flux tubes can rise up to the solar surface.

Overall, the solar magnetic field has a periodic behaviour. The solar cycle

consists of a complete inversion of the magnetic poles that takes around 11

years. So an entire cycle lasts ∼22 years. During the half period of 11 years,

there is a maximum of the solar activity that results in a larger amount of flux-

emergence through the solar surface.

The concept of stellar surface is vague since there are no sharp boundaries

between the atmosphere and the interior, and there is no phase change to mark

the border. So, we can intuitively define the surface of the sun as the radius at

which photons can finally escape into space without undergoing other interac-

tions.

Before continuing, it is useful to refresh the concept of optical thickness.

Given αν the absorption coefficient for a certain wavelength, and defined as the

inverse of the mean free path, the optical thickness τν for a layer of thickness

s is:

τν(s) =
s∫

0

αν(s)ds (1.1)

A medium in which τν > 1 is said to be optically thick. This is the case of the

solar interior.

1.1.1 The photosphere

The photosphere is the atmospheric layers where the medium becomes trans-

parent to the visible light. It is commonly defined as the height where the opti-

cal thickness is equal to one for the wavelength λ = 500 nm (green light). This

height is not constant, but it varies according to the different physical condi-

tions. On average, the photosphere is defined between (< τ500 >= 1)−100 km

and (< τ500 >= 1)+500 km.
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The photosphere in the quiet Sun appears as an intensity pattern called

granulation, which is due to the effect of the convection taking place mainly

under the surface. Each granule is bright in the centre, where the hot plasma

flows up, and dark at the intergranular lanes, where the cooled plasma sinks.

Typical length scales for granulation range between 0.5 Mm and 2 Mm (Rieu-

tord & Rincon 2010). Granulation is not the only flow observed on the so-

lar surface. On larger scales (20-70 Mm), we observe a pattern of horizontal

flow known as supergranulation. Many authors suggested also the existence

of a flow on intermediate scales, called mesogranulation (e.g. Deubner 1989;

Straus et al. 1992; Ploner et al. 2000; Domínguez Cerdeña 2003). However, its

existence is still matter of debate. Supergranulation is instead very well docu-

mented starting from 1956 (Hart 1956). From observations, it appears that the

boundaries of supergranular cells are associated with magnetic bright points

(see Section 1.2.1). The horizontal velocity field advects and concentrates the

vertical magnetic field to the boundaries. There, the field lines are arranged

into irregularly distributed patches of strong magnetic field (few kG) and form

the bright magnetic network. The most common diagnostic lines used for the

study of the photospheric velocities are the lines formed by the transitions of

Fe I and Fe II. Some of the Fe I transitions are also suitable for the diagnostic

of the magnetic field (see Section 4.4).

The magnetic field and the activity connected to it, strongly influence the

local temperature in the photosphere. Since they tend to be more concentrated

in certain regions, the temperature values largely fluctuate on the solar disk.

There are, nonetheless, theoretical models of the solar atmosphere that provide

a general description of the temperature distribution as a function height. An

example is the VAL model (Vernazza et al. 1976) shown in Figure 1.1 and

created on the basis of quiet Sun observations. According to this model, the

average quiet photosphere temperature spans from 6600 K on the surface to a

temperature minimum of 4400 K.

1.1.2 The chromosphere

The part of atmosphere above the photosphere is known as chromosphere.

There are no fixed boundaries in the solar atmosphere and the thickness of

the chromosphere evolves with time and changes depending on the local solar

activity. The mean chromosphere is commonly described as spanning from

0.5 to 2 Mm. Corresponding to this range of heights, the temperature model

(see Figure 1.1) shows a sudden increase, up to 10,000 K. This behaviour is

unexpected for a stellar atmosphere, where the temperature, together with the

density, should radially decrease outwards. The increasing temperature en-

sures that the chromosphere becomes partially ionised, unlike the photosphere
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Figure 1.1: VAL model of the solar atmosphere. Reproduced from Priest (2014).

where the main constituents H and He tend to be neutral.

The density in the chromosphere drops by a factor 104, compared to the

surface, and the magnetic field becomes volume-filling. As a result, the mag-

netic field of the chromosphere is typically weaker and more diffuse. While

in the photosphere the gas pressure is on average larger than the magnetic

pressure, in the chromosphere the two pressures are competing, and the upper

chromosphere is mostly dominated by the magnetic field.

The chromosphere is usually observed using strong optical and infrared

lines as Hα , Ca II H&K, the Ca II IR triplet, and He I 10830. The photosphere

is optically thick in the cores of these lines and no transparency from below is

observed. Scanning along the profile of these spectral lines, one can probe for

multiple layers of the atmosphere because the height corresponding to τν = 1

decreases towards the wings of these spectral profiles. With space facilities, it

is also possible to observe the upper chromosphere in UV lines, like He II 304,

from the Atmospheric Imaging Assembly (AIA) on board of the Solar Dy-

namics Observatory (SDO) and Mg II h&k from the Interface Region Imaging

Spectrograph (IRIS).

In the atmospheric model of Figure 1.1 we can see that the temperature

rises from ∼10,000 K in the chromosphere up to 106 K in the corona. The thin

layer, in which this sudden increase occurs, is called transition region. The

transition region mostly emits in UV and X-rays.

1.1.3 The corona

The outer part of the solar atmosphere, known as the corona, is an extremely

hot region: the temperature, at its base, is around 106 K, with hotter active
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regions. The corona is the outermost and therefore the least dense layer of the

solar atmosphere: the density fluctuates around 10−12 kg m−3 (denser in active

regions, less dense in coronal holes).

Because of its high temperature, the corona emits X-rays photons. The

atomic transitions producing this radiation comes from highly ionised atoms.

Ground observations of the corona can be done when the bright photo-

sphere is obscured, that is, using a coronagraph or during a solar eclipse. The

observed spectrum belongs to the optical corona, historically called K, F, and

E-corona. The K-corona is a continuum spectrum, produced by the Thomson

scattering of the photospheric photons on the coronal electrons. Because of

the low electron density, the radiation is very weak. The light emitted by the

K-corona is highly polarised and it is typically observed close to the limb. At

larger distances, the F-corona dominates. The F-corona radiation is due to the

photospheric photons that undergo Mie-scattering with the interplanetary dust.

Its spectrum exhibits Fraunhofer lines and it is not polarised. The E-corona

consists of spectral lines in emission formed by the high-temperature transi-

tions of coronal ions.

Observations of the optical corona during the solar minima showed a bright

pattern resembling the magnetic field lines of a bipole. This is a direct effect

of the low gas pressure that allows the magnetic field to dominate the entire

coronal landscape.

1.2 The active Sun

The magnetic field plays a key role in the most interesting phenomena observed

on the Sun since it permeates the solar atmosphere. In order to reach the pho-

tosphere, the magnetic field lines originated in the solar interior need to cross

the convection zone. The complex mechanism of flux emergence is still not

very well understood and we refer to Fan (2009) and Cheung & Isobe (2014)

for more detailed reviews. The magnetic flux emergence at the photosphere

can appear on different scales (van Driel-Gesztelyi 1998):

1. Tiny granular magnetic loops (∼ 1016 Mx1)

2. Ephemeral regions (∼ 1019 Mx)

3. Active regions (AR) (∼ 1023 Mx)

and ARs represent the largest one.

11 maxwell (Mx) = 1 gauss × cm2
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1.2.1 Active regions

A forming active region in the lower photosphere appears often as a horizontal

magnetic flux (200-600 G) moving upward, which is usually interpreted as the

top of buoyantly rising flux tubes. The emergence of Ω-shaped flux tubes pro-

duces bipolar active regions, which are the largest magnetic structures visible

in the photosphere and the most commonly observed. A typical AR can fully

develop in ∼5 days. The decay is usually slower.

In a bipolar active region, the polarity that first appears is known as the

leading polarity. Bipolar active regions follow the empirical Hale’s law (Hale

& Nicholson 1925) which states that: given a leading polarity of the bipolar

region in one hemisphere, the leading polarity of the other hemisphere will be

opposite. When the bipolar regions decay, the leading polarities tend to migrate

towards the equator where they cancel out and the following polarities migrate

towards the poles. At the poles, the magnetic flux cancels with the pre-existing

flux, creating a new polarity with opposite sign. In addition to the Hale’s law,

the ARs follow another empirical law, called Spörer’s law (Carrington 1858),

stating that: at the beginning of each solar cycle, the ARs use to appear around

40◦ north or south the equator. Their latitude decreases with time, and at the

end of the cycle, it is almost 10◦ above or under the equator. The amount of

flux emergence in an AR varies during the solar cycle by a factor of eight. Also

the number of sunspots depends on the solar cycle, and during solar minima,

the surface is often depleted of sunspots.

Active regions are present from the photosphere up to the corona, showing

different features depending on the height. This is exemplified in Figure 1.2,

where the same AR shows sunspots and pores in the photosphere (top panel)

and fibrils (see Section 2.4) in the chromosphere (bottom panel). Sunspots are

the most remarkable evidence of the presence of the magnetic field in the Sun.

We will talk about them in more detail in Section 1.2.2.

Apart from sunspots, ARs are the location of many other phenomena. In

the photosphere, small concentrations of magnetic flux are visible in the form

of magnetic elements (MEs) within the lanes between granulation cells. Their

intensity increases with the magnetic flux density, and they are better observed

towards the limb (Berger et al. 2007), where they are historically known as

faculae. During the period of maximum solar activity, the total luminosity of

the Sun increases because of the increasing number of MEs produced by flux

emergence.

In the chromosphere, the magnetic field is more space-filling, and the ar-

eas above MEs appear more diffused and bright. These regions are are called

plages. Plages are especially bright in the optical transitions of Ca II and Hα .

They are thought to originate from the flux escaped from the flux bundle form-
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Figure 1.2: Top: Active region in the photosphere (Hα Δλ =-2Å). Bottom: The

same active region in the chromosphere (Hα line core). In the photosphere are

visible: (1) a sunspot with partially formed penumbra, (2) a light bridge, (3) a

pore. The chromosphere is dominated by a carpet of fibrils and small loops. Im-

ages recorded with CRisp Imaging SpectroPolarimeter (CRISP, Scharmer 2006;

Scharmer et al. 2008) at the Swedish 1-m Solar Telescope (SST, Scharmer et al.

2003) on June 12, 2015.
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ing the nearby sunspots. This hypothesis could explain why plages are often

found close to sunspots and their brightness is related to the life stage of the

spot (van Driel-Gesztelyi 1998).

ARs harbour a vast zoo of loops and loop-like structure expanding at dif-

ferent heights. At typical chromospheric heights, Hα and Ca II images show

dark loops connecting opposite polarities, and filaments extending along the

neutral lines. In UV and X-rays, it is possible to observe bright coronal loops

and coronal plumes expanding along locally open magnetic field lines. Com-

plex magnetic field interactions, including flux emergence in regions with pre-

existing field and ARs merging, are often the trigger for energetic phenomena

as jets and surges (see Chapter 2), flares, and coronal mass ejections.

1.2.2 Sunspots

Sunspots are thought to be formed by the buoyancy of an omega-shape flux

tube (Priest 2014). The intersection of the flux tube with the photosphere ap-

pears as a dark region, called umbra which is surrounded by a filamentary

radial structure called penumbra. Naked umbrae are called pores. During their

lifetime, pores can either develop a penumbra and become a sunspot, or just

disappear. The dark appearance of the umbra is due to a strong magnetic field

(few kG) that partially inhibits the convection (Cowling 1953). As a conse-

quence of the inhibited convection, sunspots are colder than the surroundings.

In particular, the temperature in the umbra is 1000-1900 K less than in the

mean quiet Sun. The umbra radiates only the 20-30% of the total wavelength-

integrated flux of the quiet Sun, while the penumbra reaches 75-85% (Solanki

2003). Figure 1.3-a shows the intensity in a typical sunspot photosphere. The

penumbra (0.6 r̄) is almost twice as bright as the umbra at the centre of the

sunspot (0.0 r̄). The strong magnetic field pressure of a sunspot is balanced

by a lower gas density with respect to the surrounding. Moreover, the lower

temperature decreases the opacity provided by the H− bound-free transition,

which is the main contribution to the opacity in the photosphere. Therefore,

the optical depth reaches the unity at smaller height than the surrounding, and

the visible surface of the sunspot is located deeper in the atmosphere. This

effect is called Wilson depression. The depression is estimated to be around

450 km (Rempel et al. 2009).

Sunspots with a fully formed penumbra can have a diameter of 3 Mm up

to 60 Mm (Solanki 2003). The largest sunspots can survive for several weeks

while the smallest ones can disappear in few days. Sunspot evolution is quite

complex: pores can merge, or a decaying sunspot can disrupt into different

umbrae with or without a full penumbra. From an observational point of view,

the structure varies on timescales of the order of few hours.
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Figure 1.3: (a) Continuum intensity in function of the normalized radial distance

r̄ from the centre of the sunspot. (b) Vertical magnetic field (Bz,starting from

2500 G), radial magnetic field (Br, highest curve for r̄) and azimuthal magnetic

field (Bφ , lowest curve). (c) Inclination of the magnetic field. The dotted lines

identify the umbra, the penumbra and the canopy regions. Reproduced from

Keppens & Martinez Pillet (1996).

An upflow close to the umbra, and a downflow in the surrounding photo-

sphere create a sort of convection cell around the sunspot that is referred to as

moat flow. Moat flow is an efficient way to remove the heat underneath the

sunspot photosphere. It is thought that the moat flow can play a role in stabil-

ising the spot (van Driel-Gesztelyi 1998). How the sunspots decay is still not

clear. Meyer et al. (1974) suggested that turbulent diffusivity might remove

the magnetic flux, which is carried away by the moat flow. This process is

observationally known as moving magnetic features.

Figure 1.3-b and c show the magnetic field in a typical sunspot photo-

sphere. The field is strong and vertical in the umbra and becomes weaker and

more horizontal outwards in the penumbra.

The magnetic structure of the umbra is not well understood. Two main

models have been proposed to describe it. According to the monolith model,

the umbra is merely the intersection of a single flux tube with the solar sur-

face. This configuration is, however, unstable under the surface. A perturba-

tion travelling perpendicularly to the magnetic field can break the tube into

smaller tubes to obtain a lower energy configuration. In the second proposed

model, the umbra is no longer formed by a single flux tube but rather by many

thin flux tubes. This configuration is more stable but cannot properly explain

some observed phenomena in the sunspot (Rempel & Schlichenmaier 2011).

The magnetic structure underlying the penumbra is still a matter of debate too.

A convincing penumbral model should be able to explain all the dynamic phe-

nomena shown by the penumbra, in particular the outward mass flux observed

in the photospheric penumbra, known as Evershed effect, and the inward mass

flux seen in the chromosphere.

Sunspots are rich in fine structure. A very common feature are the umbral
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Figure 1.4: Magnetic field topology above a light-bridge. Reproduced from

Jurčák et al. (2006).

dots. These are small brightenings with a diameter of 100-500 km appearing

in the umbra as a weak-field intrusion (Socas-Navarro et al. 2004). They are

thought to be the fingerprint of convection taking place deep in the umbra

because they show upflows in their centre (Borrero & Ichimoto 2011). Umbral

dots also appear as embedded features in the remnants of light bridges (LBs)

(Louis et al. 2008).

LBs are bright plasma structures crossing the umbra, which can be present

both during the formation and the decay of the sunspot. LBs are usually classi-

fied as filamentary (Berger & Berdyugina 2003) or granular (Lagg et al. 2014).

Filamentary LBs exhibit elongated features similar to the penumbra and

show, in many observations, a central dark lane, possibly a sign of a magneto-

convective downflow, and a horizontal flow along the longest axis, resembling

the flow observed in the penumbra.

Granular LBs, appear as the surrounding granulation pattern. They are in-

terpreted as the result of convection taking place deep in the convection zone.

The inner part of granular LBs are almost field-free and the convection down-

flow is faster than in normal granules because of the more efficient radiative

cooling (Lagg et al. 2014).

In the photosphere, the magnetic field of LBs, is usually weaker and more

horizontal than the umbra (see for e.g. Leka 1997). The generally accepted

magnetic topology above LBs is canopy-like (e.g. Leka 1997; Jurčák et al.

2006; Lagg et al. 2014; Felipe et al. 2016), as shown in the cartoon model of

Figure 1.4. The field lines bend above the LB and become more vertical at

higher altitude. According to this model, no magnetic imprint of the LB is

expected in the higher atmosphere (but see Rezaei 2018).
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2. Dynamic phenomena of the

chromosphere

The complex physics of the chromosphere is reflected by the large variety of

dynamic events that populates it. This chapter will review the main features

of chromospheric jets and jet-like phenomena that are relevant for the projects

presented in this thesis (see Chapter 5) . As shown in Figure 2.1, chromo-

spheric jets release energy in a range between 1023 and 1026 erg. Some of

them also exhibit counterparts in the transition region and corona. Under-

standing the processes that drive these jets can provide information about the

unknown heating mechanism of the chromosphere and the role of the magnetic

field. The primary mechanisms that are thought to produce chromospheric jets

and jet-like phenomena are magnetohydrodynamic (MHD) waves (see Sec-

tion 2.1.1) and magnetic reconnection (see Section 2.1.2).

Figure 2.1: Dynamic phenomena classified as a function of the energy realeased

(X) and atmospheric layer (Y). Reproduced from Shimizu (2015).
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2.1 Driving mechanisms

Magnetic reconnection is a fundamental process in astrophysics for the trans-

formation of magnetic energy into particle acceleration, heat, and kinetic en-

ergy. Magnetic reconnection can also be the source of waves and shock waves.

Waves transport energy throughout the layers of the atmosphere and can also

be used as a probe for the solar interior. Magnetic reconnection and MHD

waves are thought to be the drivers of jets at any altitude, and they have also

been indicated as the possible causes for the chromospheric and coronal heat-

ing. However, the processes behind the energy transport and dissipation in the

chromosphere and the corona remain an unsolved problem.

2.1.1 MHD waves

Let us see the fundamental wave modes that are possible in a uniform medium.

The equations of the ideal magnetohydrodynamics (MHD) expressing mass

conservation (2.1), momentum conservation (2.2), adiabatic energy conserva-

tion (2.3), and the induction equation (2.4)1 are:

∂tρ +∇ · (ρvvv) = 0, (2.1)

∂t(ρvvv)+∇ · (ρviv j +Pδi j) =
1

μ
(∇×BBB)×BBB−ρ ĝzzz−2ρΩΩΩ×vvv, (2.2)

(∂t +vvv ·∇)P =−γρ∇ ·vvv (2.3)

∂tBBB = ∇× (vvv×BBB), (2.4)

MHD waves are solutions of equations 2.1-2.4. But these equations repre-

sent a set of non-linear partial differential equations which, from a mathemat-

ical point of view, is not easy to treat (Goossens 2003). A handier approach is

to linearise these equations, applying a small variation (δx) around the equi-

librium value x0. Thus, density, velocity, pressure, and magnetic field become:

ρ = ρ0 +δρ, (2.5)

vvv = δvvv, (2.6)

P = P0 +δP, (2.7)

BBB =B0B0B0 +δBBB (2.8)

By means of Equations 2.5-2.8 and assuming hydrostatic equilibrium,∇P0 =
ρ0ĝzzz, we obtain a new set of ideal MHD equations:

1The expression ∂t is the the time derivative in the Eulerian description.
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∂tδρ +(δvvv ·∇)ρ0 =−ρ0∇ ·δvvv, (2.9)

ρ0∂tδvvv+∇δP =
1

μ
(∇×δBBB)×B0B0B0 −δρ ĝzzz−2ρ0ΩΩΩ×δvvv, (2.10)

∂tδBBB = ∇× (δvvv×B0B0B0), (2.11)

∂tδP+(δvvv ·∇)P0 =C2
s (∂tδρ +δvvv ·∇ρ) (2.12)

(2.13)

Where the last equation is obtained using γP0 = ρ0C2
s and inserting Equa-

tion 2.9. A general dispersion relation is derived in Priest (2014) (ch.4). This

expression can be obtained by taking the time derivative of Equation 2.10 and

inserting the other linearised equations in it. Then, assuming a plane-wave

solution, we can substitute ∂t →−iω and ∇ → ikkk. The final expression is:

ω2δvvv =C2
s kkk(kkk ·δvvv)+ i(γ −1)ĝzzz(kkk ·δvvv)+ igkkkδvz −2iωΩΩΩ×δvvv+

+{kkk× [kkk× (δvvv×B0B0B0)]}× B0B0B0

μρ0

(2.14)

Acoustic waves Neglecting gravity (g = 0), magnetic field (B0 = 0B0 = 0B0 = 0) and the

Coriolis forces (ΩΩΩ = 0) we retrieve, from Equation 2.14, the well-known dis-

persion relation for acoustic waves:

ω =±kCs (2.15)

Alfvén waves If we set to zero P0, ΩΩΩ and g we obtain a wave driven by the

magnetic field. That is:

(ω2 − k2V 2
A )(kkk ·δvvv) = 0 (2.16)

where VA is called Alfvén speed and it is equal to VA =
√

B0/μρ0. Equa-

tion 2.16 has two possible solutions. The first is obtained in the case of incom-

pressibility ∇ ·δvvv = kkk ·δvvv = 0,

ω = kVAcosθB (2.17)

with θB the angle between kkk and B0B0B0. It is the case of Alfvén waves (also

called shear Alfvén waves) which are transversal waves driven by the magnetic

tension force. Magnetic tension force is one of the two terms composing the

Lorentz force:

FL = JJJ×BBB =
(∇∇∇×BBB)

μ
×BBB =

(BBB ·∇∇∇)BBB
μ︸ ︷︷ ︸
T

−∇∇∇
B2

2μ︸ ︷︷ ︸
P

(2.18)
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where the term T is the magnetic tension force, which is non-zero along the

magnetic field BBB direction, and the term P is the magnetic pressure force.

Alfvén waves are called torsional Alfvén waves when described in a cylin-

drical geometry with the magnetic field aligned to the ẑzz axis (see spicule of

type II in Section 2.4) The compressional solution is

ω = kVA (2.19)

and it is independent of the angle θB.

Magnetoacoustic waves If we restore the gas pressure term, and keep kkk ·
δvvv �= 0 with ω/k > 0, we obtain the solution for the magnetoacoustic waves:

ω/k =

√
1

2
(C2

s +V 2
A )±

1

2

√
(C4

s +V 4
A −2C2

s V 2
A cos2θB) (2.20)

The two solutions are known as fast and slow magnetoacoustic waves. The

phase speed of Alfvén waves is an intermediate value between these two. From

the solutions of Equation 2.20, we can see that if the Alfvén speed is set to zero,

we retrieve the simple acoustic waves while, if the sound speed is set to zero,

we obtain the dispersion relation for a compressional Alfvén wave. In a regime

where the plasma pressure dominates over the magnetic pressure (C2
s � V 2

A ),

we retrieve the incompressible solutions of acoustic waves for the fast mode

and the shear Alfvén waves for the slow mode.

Other waves,not involving the magnetic field, are solutions of the ideal

MHD equations but we will not treat them here (see Table 2.1).

Table 2.1: The magnetic hydrodynamic waves and their drivers

Wave type
Magnetic Coriolis Magnetic Plasma

Gravity
tension forces pressure pressure

Alfvén �
Inertial �
Compressional Alfvén �
Acoustic �
Internal gravity �
Magneto-acoustic � �
Acoustic gravity � �

So far we have seen MHD waves generated in the idealised case of a uni-

form medium. Inhomogeneities are always present, and they are principally

due to gravity and magnetic field which alter the pressure gradients. A non-

uniform medium can cause an increase or decrease of the wave amplitude, a

dissipation of the wave, or creation of new waves at discontinuity interfaces.
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2.1.2 Magnetic reconnection

The magnetic field evolution is described by the induction equation, which for

non-ideal MHD becomes:

∂tBBB = ∇× (vvv×BBB)+η∇2BBB (2.21)

The right-hand side of the equation consists of two terms. The first term de-

scribes the advection of the magnetic field lines by the plasma. When this term

dominates, the Alfvén theorem is valid and the magnetic field lines are "frozen"

to the plasma as they move together with it. When the second term (resistive

term) becomes much larger than the first, the induction equation can be simpli-

fied to a diffusion equation. This implies that magnetic field lines can diffuse

throughout the plasma and the flux and the magnetic topology are no longer

necessarily conserved. Magnetic reconnection can be defined as a change in

the topology of the plasma magnetic field lines due to resistive effects. A sim-

plified 2D description is shown in Figure 2.2. Two oppositely directed field

Figure 2.2: Left: Two opposite polarity magnetic field lines separated by a cur-

rent sheet are pushed together with velocity v. Right: Magnetic reconnection

happens in the null point X, and the plasma flows along the reconnected line at

the Alfvén speed. Reproduced from Degl’Innocenti (2007).

lines are pushed towards each other with a velocity v =VA/
√

Rm, where VA is

the Alfvén speed and Rm = l0V0/η the magnetic Reynolds number. l0 and V0

are the typical length and velocity scales, and η the magnetic diffusivity. In

a small diffusion region, the field lines break and reconnect as shown in Fig-

ure 2.2-b. The opposite polarities are separated by a current sheet in which the

current flows perpendicularly to the plane of the paper. After the reconnection,
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the plasma flows along the new reconnected lines at the Alfvén speed. The new

magnetic configuration corresponds to a lower magnetic energy. This model

is known as Sweet-Parker model or 2D slow reconnection (see Parker 1957;

Sweet 1958). The estimated rate or reconnection in this model is often smaller

than the observed one (Kadomtsev 1987).

Petschek (1964) proposed a more refined and complex model of fast 2D

reconnection model. In this model, the diffusion region is shorter and the

reconnection rate is faster than the Sweet-Parker model. Another modification

introduced by Petschek (1964) is the presence of stationary slow-mode shock

originated in the diffusion region. Shock waves represent an efficient way to

convert magnetic energy into kinetic energy.

The Petschek model is the building block of more sophisticated 2D fast

reconnection models that we will not discuss. An entirely different descrip-

tion of magnetic reconnection is possible in 3D. One of the main differences

compared to 2D is that 3D reconnection does not need to occur at null points

but it can happen throughout the entire diffusion region (Pontin 2011). So far,

3D models are in a developing phase: energy dissipation and current sheet

formation are still under debate.

Some of the main observable effects of the magnetic reconnection are the

dissipation of magnetic energy into heating, the plasma acceleration, turbu-

lence and shock waves (Priest 2014).

2.2 Anemone jets

Anemone jets are a remarkable product of the magnetic reconnection. They ap-

pear as inverted-Y shaped plasma ejection and are usually observed in corona

and transition region. Jets with the same cusp shape but smaller size can also be

seen in chromospheric active regions. Shibata et al. (2007) observed anemone

chromospheric jets in Ca II H broadband filter (Hinode/SOT) launched close

to a sunspot. The plasma is ejected from the top of a small loop that creates the

characteristic Y-shape. The footpoints appear as a series of tiny brightenings

(e.g., Morita et al. 2010). These jets reach 1-10 Mm of height, having widths

of 150-300 km. (Shimizu 2015). Anemone jets exhibit often simultaneous

hot (EUV, X-ray) and cold (Hα) components (e.g. Yokoyama & Shibata 1996;

Zeng et al. 2016).

Yokoyama & Shibata (1995) proposed one of the first models of anemone

jet in the corona (Figure 2.4), that can be adapted also to the chromosphere

(Takasao et al. 2013). Yokoyama & Shibata (1995) suggested that, in a pre-

existing locally open magnetic field, an emerging loop rises into the corona

via instabilities, carrying cold chromospheric material. The emerging loop ex-

pands towards the locally pre-existing magnetic field lines, and then magnetic
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reconnection occurs on the side where the field inclination gradient is larger.

On this side, part of the newly reconnected lines forms a smaller loop next

to the emerging one. The reconnection produces two bi-directional jets, one

propagating upwards and one downwards, towards the reconnected loop. The

jet hits the reconnected loop, the compression increases its temperature and

produces the bright loop observed at the base of the jet.

Although the scenario of flux emergence into a pre-existing field seems

already well established, there is no consensus about the mechanisms that ac-

celerate the cold and hot components of the jets. In the model of Yokoyama &

Shibata (1995), the reconnection allows the twisted field lines of the emerging

magnetic field to release the magnetic tension, able to launch the cold chro-

mospheric plasma (Shibata & Uchida 1986; Canfield et al. 1996; Zeng et al.

2016). Magnetic reconnection is also responsible for the shocks and pressure

enhancement that might produce the bright X-ray counterparts. Other authors,

as Shimojo et al. (2001), suggested instead that the hot component can be due

to chromospheric evaporation.

As far as it concerns the cold jets, the slingshot effect is not the only mech-

anism proposed. Shibata et al. (1982) and Takeuchi & Shibata (2001) showed

that magnetic reconnection happening in the lower atmosphere could generate

slow mode waves. These waves propagate into regions of lower density where

eventually they form a shock which accelerates the local plasma upwards.

Takasao et al. (2013) performed 2D MHD simulations of chromospheric

jets and found out that the acceleration mechanism depends on the height of the

reconnection. If the magnetic reconnection occurs close to the photosphere,

then the collision between upward and downward moving plasma generates

slow-mode waves that become shock-waves propagating higher and launch

the transition region as a chromospheric jet. On the contrary, if the magnetic

reconnection occurs in the upper chromosphere, the chromospheric plasma

is primarily accelerated by the magnetic tension force producing a whip-like

motion of the magnetic field lines.

2.3 Fan-shaped jets and light bridge jets

Fan-shaped jets are recurrent chromospheric ejections typically observed near

sunspots. They were first reported by Roy (1973) on a sunspot LB. In his Hα
observations, taken with the 75-cm vacuum tower telescope at Sacramento

Peak Observatory, a series of dark fan-shaped jets appear with apparent length

up to 40 Mm. Roy (1973) estimated that these jets could reach velocities of

the order of 100 km s−1.

The dataset recorded by Asai et al. (2001) at the Domeless Solar Tele-

scope (DST) shows recurrent Hα surges with apparent length ranging from

��



Figure 2.3: Classic model for coronal anemone jets formation. Reproduced from

Shibata (1997).

13 to 23 Mm. The ejections appeared eight times during a 6.5 hr observation

with a mean life of ∼10 minutes. The estimated plane of the sky velocity is

28-57 km s−1 (upper panel of Figure 2.4). The co-observations with TRACE
revealed co-spatial ejections in the upper transition region (171 Å), but the

bright jet front was misinterpreted as a loop.

The same phenomenon was observed with higher resolution by Shimizu

et al. (2009) (lower panel of Figure 2.4) in Ca II H data from the Solar Optical

Telescope (SOT-Hinode). In their images, the LB ejections appeared in fan-

shape and rooted in some bright footpoints. The lengths are comparable to

those previously reported and the velocity reaches up to 180 km s−1. The

footpoints of these jets are often visible in the 1700 Å and 1600 Å channels of

the SDO/AIA (Toriumi et al. 2015b). This suggests that the footpoints could be

located in the upper photosphere or lower chromosphere (Fossum & Carlsson

2005).

Shimizu et al. (2009) detected downflows at the photospheric footpoints,

with bi-directional jets that may be the signature of magnetic reconnection.

They proposed a model for the magnetic topology which is shown in the left

panel of Figure 2.5. Since an enhancement of vertical current (Jz) was observed

in the LB centre, they suggested that a field-aligned current carries a twisted

flux tube embedded under the LB canopy. The poloidal component of the field

is therefore in antiparallel configuration with the vertical umbral field, and they

can reconnect at the LB edge, giving rise to plasma ejections.

Another proposed magnetic field topology for LB jets is a horizontal and
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Figure 2.4: Upper: light bridge jets temporal evolution observed in Hα at DST

from Asai et al. (2001). Lower: The same kind of jets temporal evolution but ob-

served at higher resolution by Shimizu et al. (2009) in Ca II H with SOT-Hinode.

weaker field carried into the LB by convective motion. This field is aligned

with the LB major axis and can reconnect with the bent cusp shape field of the

umbra (Toriumi et al. 2015b,a). This is illustrated in the right panel of Fig-

ure 2.5. Although this scenario was developed after observations of a newly

formed LB, the same configuration is corroborated by the photospheric magne-

togram provided in PAPER I, where we observe a late-stage light bridge.(see

Section 5.1). In both the scenarios of Figure 2.5, the magnetic reconnection

heats the surrounding plasma in the form of bright footpoints and accelerates

the cold photospheric/chromospheric material.

Fan-shaped jets are sometimes referred to as "light wall", when observed

in lines sensible to transition region temperatures. Here, we briefly review the

main results obtained in the study of light walls. On the basis of IRIS satel-

lite observations, Hou et al. (2016) affirmed that light walls are multi-thermal

structures that tend to appear along magnetic neutral lines. Yang et al. (2015)

suggested that leakage of p-mode waves from below the photosphere may have

a key role in the oscillatory behaviour of the recurrent fan-shaped jets, but

the jets can also be enhanced by interaction with falling material (Yang et al.

2016). P-mode leakage or p-mode leakage together with magnetic reconnec-

tion has also been reported by Zhang et al. (2017) and Hou et al. (2017). Reid

et al. (2018) suggested instead that the fan-shaped jets located on LBs or in

the penumbra can be driven by running penumbral waves, since they exhibit

similar periodicity.

Tian et al. (2018) distinguished between short and long LB ejections, ad-

dressing the first as the omnipresent jets produced by leakage of magnetoa-
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Figure 2.5: Left: A flux tube carried by current (long arrow) is twisted and

embedded under the light bridge canopy. A reconnection between the poloidal

component of the flux tube field and the umbral field lines drives the plasma

ejections. Reproduced from Nishizuka et al. (2012). Right A weak horizontal

field is carried into the light bridge via convective upflows. The surrounding

umbral field bends turning into a cusp shape above the LB. The umbral field

and the horizontal field can reconnect at the light bridge edge. Reproduced from

Toriumi et al. (2015b).

coustic waves from the photosphere and the second as the product of intermit-

tent magnetic reconnection. The first study about short LB ejections (500 km

to 2000 km) is due to Louis et al. (2014). In their observations, the base of

these small-scale jets appears bright and migrating along the LB, on the main

direction of the photospheric horizontal velocity. Unlike Tian et al. (2018),

they ascribed magnetic reconnection to the smaller jets’ origin. Small jets are

also reported on filamentary penumbral structures intruding into the umbra

(Bharti et al. 2015). Fan-shaped jets can occur also in the penumbra of com-

plex sunspot group. In PAPER II (Section 5.2) we report on jets observed in

a δ -sunspot group. This type of ejections is usually related to events of flux

emergence, producing magnetic topologies similar to those obtained in LBs.

2.4 Spicules and their on-disk counterparts

When observing the chromosphere at the limb, it is possible to see a carpet

of brighter jet-like structures against the dark background. These features are

known as spicules and are typical phenomena of the chromosphere. Spicules

have their counterparts on the solar disk which, for historical reasons, have

different names.

According to De Pontieu et al. (2007), spicules can be divided into two

categories. Spicules of type I are almost ubiquitous, although predominant in
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active regions. Their average height ranges between 3 and 4 Mm in active re-

gions and 5 Mm in the quiet Sun. Their typical width is 120-700 km. Spicules

have a lifetime of 3-7 minutes, in which they show an upward motion with ve-

locities between 10 and 50 km s−1 and a downward motion with a deceleration

which is not the gravitational one. Most of them show a transversal motion that

makes it difficult to follow their time evolution in a single space-time diagram

along the spicule axis. The fronts of those which do not have transversal mo-

tion exhibit a parabolic path in the diagram. Spicules of type I are driven by

megneto-acoustic waves (De Pontieu et al. 2004; Hansteen et al. 2006). The

turbulent convection motion of plasma under the solar surface produces pres-

sure fluctuations which appear as p-mode acoustic waves. The cut-off period

of p-mode waves is usually greater than the value in the upper photosphere

and the waves are reflected or absorbed. Jefferies et al. (2006) showed that the

presence of an inclined flux tube allows photospheric oscillation to propagate

above the temperature minimum into the chromosphere (see also De Pontieu

et al. 2004). The cut-off period value becomes larger when the magnetic field

becomes more horizontal. P-mode waves can be converted into slow magneto-

acoustic waves in region of non-horizontal magnetic field (for more details see

Crouch & Cally 2003). When magneto-acoustic waves reach the less dense

chromospheric layers, they can steepen into shocks which drive plasma flows

upward.

Spicules of type I are identified on disk as dynamic fibrils (or mottles

in quiet Sun) and they appear as dark features between supergranules (Priest

2014). Dynamic fibrils have a special appearance when observed above sunspots.

Rouppe van der Voort & de la Cruz Rodríguez (2013) reported slower and

shorter fibrils compared to plages. The umbral fibrils are shorter than penum-

bral ones because in the umbra (1) the field is more vertical and (2) the strong

field causes a lower density and lower shock heights (Rouppe van der Voort &

de la Cruz Rodríguez 2013). The more inclined field in the penumbra allows

more leakage of photospheric oscillations and longer fibrils are observed.

Spicules of type II are longer and faster spicules which can reach up to

7 Mm with velocities of 50-150 km s−1. They have a shorter lifetime (10-

60 s) and do not exhibit a downward phase in Ca II H, instead they appear

to fade away. De Pontieu et al. (2007) explained this disappearance by sug-

gesting that Ca II can undergo ionisation due to strong heating. In addition to

upward motion and a transversal swaying (also shown by type I), type II have

a torsional motion around their axis (De Pontieu et al. 2012). Swaying and

torsional motions can be the sign of Alfvén waves (see Section 2.1.1). The

mechanism driving these spicules is, however, not clear. Recent simulations

and observations (Martínez-Sykora et al. 2017; De Pontieu et al. 2017) sug-

gest that ambipolar diffusion might play a key role in the formation of type-II
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Figure 2.6: Spicules observed in the quiet Sun by CRISP Imaging SpectroPo-

larimeter (CRISP, Scharmer et al. 2008) in the blue wing of Hα and Ca II H .

Reproduced from Pereira et al. (2016).

spicules.

The jets we have encountered in the previous sections are launched from

active regions, where magnetic pressure dominates over the gas pressure. Thus,

we assume that jets trajectories follow the magnetic field lines. The general-

isation of the same concept to fibrils produced in different locations of the

solar disk is less obvious. Several authors investigated this problem (de la

Cruz Rodríguez & Socas-Navarro 2011; Schad et al. 2013; Leenaarts et al.

2015; Martínez-Sykora et al. 2016; Asensio Ramos et al. 2017) and the pic-

ture that arises from these studies is that fibrils tend to follow the magnetic

field, although it seems that the correspondence with the vertical field is less

tight than with horizontal and the ambipolar diffusion can produce a shift be-

tween fibrils and magnetic field. In unipolar regions, the match between fibrils

and the magnetic field is very puzzling (Reardon et al. 2011), because of the

unresolved internetwork field and also because it is sometimes difficult to lo-

cate the fibrils footpoints. In PAPER III, we analysed a unipolar network of

supergranular size harbouring a radial arrangement of fibrils. The results are

described in Section 5.3.
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3. Observations and data

reduction

A large part of the observations analysed in the included papers were per-

formed at the Swedish 1-m Solar Telescope (SST, Scharmer et al. 2003) lo-

cated at the Roque de los Muchachos (2400 m) on the island of La Palma.

This site is very popular for ground-based astronomy because of its excellent

atmospheric conditions. Stable atmospheric conditions are critical for astro-

nomical observations.

When the atmosphere is turbulent, the light wavefronts encounter bub-

bles of air at different temperatures and with different refractive indices. This

causes each part of the wavefront to propagate at different velocities and in

different directions. Thus the final images will appear blurred, shifted, and

distorted. This set of modifications in the wavefront is called seeing effect and

often represents one of the most significant challenges in solar observations.

Moreover, every point in the field of view travels a different path with dif-

ferent turbulence that produces another distortion of the wavefront, known as

anisoplanatism.

3.1 The telescope

The SST has been designed with an altazimuth turret that makes it robust and

simple to assemble. The telescope is domeless and refractive; its first optics

consists of a singlet lens of fused silica which has a low coefficient of thermal

expansion. The singlet has a clear aperture of 0.97 m and serves as the main

window of the telescope turret. The light collected by the lens is reflected by

two folding mirrors towards the bottom of the tower. The tower is kept in

vacuum by an air pump and allows the beam to propagate without being dis-

torted by the turbulence which would be otherwise created inside. The 14 m-

high tower keeps the primary optic far from the ground which becomes warm

during the day.

The light passing through the singlet lens is affected by chromatic aberra-

tion that is corrected by a series of optics called the Schupmann system. This

system consists of a negative lens and a mirror (point B in Figure 3.1) which
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receive light from the reflection onto a 66 mm mirror placed at the focal plane

(point A in Figure 3.1).

Figure 3.1: Scheme of the Swedish Solar Telescope. Reproduced from Scharmer

et al. (2003).

The compensated image reaches the optical table passing through a field

stop (point A in Figure 3.1), then it is reflected onto the tip-tilt mirror and a

deformable mirror and finally re-sized by the field lens (point C in Figure 3.1).

The beam is then split into a red and a blue beam by a dichroic beamsplitter.

The beam on the blue side feeds a correlation tracker (CT) with live im-

ages. The CT measures the shift that the atmosphere produces on the images

and calculates the inclination of the tip-tilt mirror required to correct the off-

sets. The CT and the tip-tilt take care of the shifting of the image but not of

the distortion. The distortion of the image implies that the wavefront cannot

be considered plane. To deal with this issue, an optical system called adaptive

optics (AO) is placed along the red beam. It consists of an array of lenslets

which focuses the light onto photon sensors placed at the same focal distance.

The wavefront distortion is proportional to the shift of the focus on the sensor

and it is corrected by changing the tilt of 85 small lenses. This system, known
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Figure 3.2: The main component of the optical table of the Swedish Solar Tele-

scope: FL = field lens, FS = field stop, TM = tip-tilt mirror; DM = deformable

mirror; RL = reimaging lens; DC = dichroic beamsplitter; DBS = double beam-

splitter, CT = correlation tracker; AO WFS = adaptive optics wavefront sensor;

WB BS = wide-band beam splitter; FPI = Fabry–Pérot interferometer, LCs = liq-

uid crystal modulators; P BS = polarizing beamsplitter, NB = narrowband, WB =

wideband, NBT = narrowband transmitted, NBR = narrowband reflected, PD =

phase diversity.Figure and caption reproduced from Löfdahl et al. (2018).

as Shack-Hartmann wavefront sensor, and the CT allow the wavefront to be

plane and stable when reaching the optics of the table.

Part of the red beam is used to feed the AO as shown in Figure 3.2, the rest

of the light enters the CRisp Imaging SpectroPolarimeter (CRISP, Scharmer

2006; Scharmer et al. 2008). This instrument consists of a dual Fabry-Perot

interferometer, two ferroelectric liquid crystal modulators, a polarising beam

splitter and three cameras: one for the wide-band imaging and the other two

dedicated to narrowband imaging. A beamsplitter reflects 10% of the incom-

ing light into the wide-band camera and transmits the rest into the Fabry-Perot

interferometer. The Fabry-Perot interferometer consists of two pairs of etalons

and two pairs of lenses. The etalons are glass plates internally coated with a

high-reflecting material. The beam undergoes a multiple reflection and inter-
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Figure 3.3: The action of a prefilter, a pair of high-resolution etalons and a pair of

low-resolution etalons allow selecting a very narrow band range of wavelengths.

Reproduced from de la Cruz Rodríguez et al. (2015).

ference between the etalons. The transmitted bandwidth Δλ , for each incoming

λ , is equal to (Kitchin 2013):

Δλ =
λ 2T

πl
√

R
(3.1)

With T and R the transmission and reflection coefficients of the etalons respec-

tively and l the distance between the two plates that can be changed depending

on the desired Δλ . The first pair of etalons, the high-resolution etalons (HRE),

transmit an infinite series of periodic narrowband wavelength ranges, while

the second pair, the low-resolution etalons (LRE) select only the lower orders

from the previous train. A prefilter, placed before the Fabry-Perot interferom-

eter, allows the two pair of etalons filtering only a very narrow band as shown

in Figure 3.3. In August 2016, the CHROMospheric Imaging Spectrometer

(CHROMIS) was installed on the blue beam, for observations in the range 380-

500 nm. This new instrument consists of a Fabry-Perot interferometer, and it

operates similarly to CRISP, although it is not yet equipped for polarimetry.

3.2 Polarimetry

The light travels many different optical surfaces before reaching the CCD cam-

eras, and each of them can alter its polarisation sate. Any change to the po-

larisation can be described by a 4×4 matrix called Mueller matrix. Given the

Mueller matrix of the telescope optics (MTMTMT ) and of the detectors (MDMDMD), the total

change in polarisation is given by

�Iobs =MtotMtotMtot�Isun =MDMDMDMTMTMT�Isun. (3.2)
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The light beam coming out from the CRISP Fabry-Perot interferometer is

directed into two liquid crystal modulators and a polarising beamsplitter that

are used for polarimetry - the measurement of the four Stokes parameters (see

Section 4.3.2). When dealing with polarimetry, the quantity measured by the

CCD cameras is the intensity I, in units of counts. The measured intensity is

a linear combination of the input Stokes parameters (see van Noort & Rouppe

van der Voort 2008) that can be written as:

Imeas(t;x) = M00[I +h1(t;x)Q+h2(t;x)U +h3(t;x)V ] (3.3)

where hhh is called diattenuation vector and is defined as the entries of the

Mueller matrix MMM,

hhh = (M01,M02,M03)
T/M00. (3.4)

The turbulent motions of the Earth’s atmosphere produce a cross talk be-

tween the parameters, also called seeing-induced cross talk. So the Stokes

vector crossing the atmosphere changes as

III = IIIsun +
〈
δIIIseeing

〉
space

+δIIIseeing(t) (3.5)

Where III is the sum of the real solar image IIIsun, plus the spatial smearing〈
δIIIseeing

〉
space

and the spurious polarisation due to a temporal modulation lower

than the characteristic time of the seeing δIIIseeing(t). The spatial smearing de-

creases when observing at higher resolution (and small field of view) and when

the wavefront is plane. The instruments and the optics contribute to modify the

polarisation vector too. The cross-talk intrinsic of spurious polarisation and

instrumental polarisation are corrected using temporal and spatial modulation,

which are described in the following paragraph.

To calculate all four Stokes parameters, at least four measurements with

different diattenuation vector values are necessary. The prototype polarimeter

is often described as a retarder plus an analyser-polariser (Sanchez et al. 1992).

In this kind of system the parameters that can be changed are the retardation

of the retarder, corresponding to a time variation of h(t;x), the variation of

the angle of the retarder and the angle of the analyser-polariser, corresponding

to a space variation of h(t;x). This process is known as temporal and spatial

modulation.

The temporal modulation with CRISP is carried out by two ferroelectric

liquid crystal modulators. Each of them acts as a retarder of the wavefront

along one axis and leaves unchanged the perpendicular direction, creating two

linear polarisation components propagating with a phase shift. The voltage

supply allows switching the fast and slow axes very rapidly producing two

other states. The action of the two modulators is finally to create four dif-

ferent combinations of the Stokes parameters. The spatial modulation is per-

formed by a polarising beamsplitter which produces two beams: a reflected
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and a transmitted one, with two perpendicular states of linear polarisation.

Two different cameras simultaneously record the two beams.

To calculate the polarisation induced by the instrumentation on the optical

table, it is customary to apply a sequence of optics consisting of a filter, a linear

polarizer and a retarder, soon after the field stop. This configuration allows to

perform polarimetry of a known input polarisation vector and, by comparison

between input and output, to obtain the demodulation matrix, that is the matrix

that transforms a series of intensity measurements into the signal free from the

induced instrumental polarisation.

3.3 Data reduction pipeline

The raw data need to be processed to correct for the non-ideal behaviour of

the instrumentation and the Earth-atmosphere-induced image distortion. This

process is called data reduction and it usually starts taking into account the

reverse path of the light beam.

A detailed description of the data reduction pipeline can be found in de la

Cruz Rodríguez et al. (2015) and the updated version, including both CRISP

and CHROMIS, in Löfdahl et al. (2018). In this section, we will outline only

the major aspects.

The very first correction concerns the CCD cameras, which are the last

device the electromagnetic wave impinges on. The thermal movement of the

electrons can produce a spurious current (dark current) on the CCD. A mea-

surement of the dark current is commonly done soon after the science obser-

vation, by stopping the light beam at the field aperture and taking images.

Each CCD pixel can exhibit a different sensitivity (gain) to the incoming

photons. To measure this effect, the detector is lit by a uniform light source.

This latter is obtained by observing a quiet Sun area, possibly at the disk centre

where the intensity is higher, and moving the field of view around a circle. In

such a way, the image we obtain is an average of many different FOVs for each

wavelength and polarisation state.

The etalon surfaces unavoidably have some imperfections that shift the

central wavelength of the transmission profile differently in each point of the

etalon surfaces. Therefore, a map of the shifts, called cavity map, is produced

and used together with the averaged flat fields to correct for the distortions

introduced by the etalons. Flat fields are also demodulated to remove the po-

larisation signal induced by the instruments.

The cameras are synchronised by a chopper placed before CRISP and

aligned using pinholes images. These are observations of the disk centre ob-

tained using an array of very fine holes located at the Schupmann focus. The

holes are so small that the images do not show any trace of the solar structure.
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After the dark correction, the flat correction and the camera alignment, the

science data undergo a process called Multi-Object Multi-Frame Blind De-

convolution (MOMFBD, Löfdahl 2002; van Noort et al. 2005). This process

compensates the aberration induced by instrumentation and the atmospheric-

induced aberration that the AO did not correct. MOMFBD is based on the

assumption that the distortion is a convolution of the real object image with

a constant point spread function (PSF) plus some noise (Löfdahl et al. 2007).

The image reconstruction is done by dividing the field of view in small patches

(∼5 arcsec) where it is possible to assume the condition of spatial invariant

PSF. Many possible combinations of the object images and PSFs can produce

the observed image, so boundary conditions are necessary. A short exposure

time allows freezing the seeing condition in each frame, so, if the number of

frames is large, it will be easier to distinguish between the real image of the

Sun and the seeing effect. Another constraint is given by the fact that the seeing

effect changes with the wavelength position.

Once the narrowband images are restored, they should be corrected for the

polarisation induced by the elements in the optical table and the telescope. Fol-

lowing the reverse order, first, the demodulation matrix of the optical table is

applied to the NB images. It should be noted that demodulation is done pixel

by pixel. Thus the demodulation matrix has to be clipped according to the

image FOV and convolved with the seeing PSF. The narrowband camera’s im-

ages, which are restored separately, must now be combined and demodulated

with the telescope model.

A very last step is the correction for residual seeing distortions and the

de-rotation of the images, using the pointing position provided by the turret

log and the alignment of the time series. This former is done by aligning the

wide-band images which have the advantage of showing a sharp and almost

fixed granulation pattern. The same shifts are then applied to NB images.
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4. Techniques to study the solar

atmosphere

In this chapter, we will focus on the techniques used in the included papers

to study the solar atmosphere. Since the primary subject of this thesis is the

chromosphere, it is fundamental to understand its role as the interface between

the photosphere and the corona. Therefore, the techniques presented here are

not limited to chromospheric heights.

One of the most powerful techniques nowadays used in solar physics is

the backward modelling based on polarimetric data, called inversion technique

(see Section 4.4). This approach can be very computationally demanding, and

other techniques based on local approximations can sometimes be applied to

retrieve single atmospheric parameters. The first part of this Chapter will focus

on these other techniques.

4.1 Temperature analysis

4.1.1 Radiation temperature

In PAPER I, the only available high-resolution observations were recorded

in the Hα spectral line. Therefore, we estimated the temperature using the

radiation temperature corresponding to the Hα line intensity. The radiation

temperature is defined as the temperature of a black body, that emits the same

intensity as observed,

TR =
hc

kBλ ln

(
1+

2hc
I(λ )λ 3

) (4.1)

The radiation temperature is usually a good temperature diagnostic in non-

scattering lines, formed under local thermodynamic equilibrium (LTE) condi-

tions. However, in scattering non-LTE lines, like Hα , the radiation temperature

is typically lower than the actual temperature of the gas. Therefore, we used

the radiation temperature as a lower boundary value for the total temperature.

In order to apply Equation 4.1, the CRISP data shown in PAPER I had to

be transformed from counts to intensity units (erg cm−2 s−1 Hz−1 ster−1). This
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calibration was performed using the standard intensities provided by the Solar

Atlas (Neckel & Labs 1984) in the quiet Sun at disk centre. The mean intensity

Im, calculated on a sub-field of granulation in the observations, was related to

the solar atlas intensities ISA by the linear relation Im = cISA. The calibration

coefficient c was calculated performing a least-square minimisation. Thus,

c = ∑λ Im(λ )− ISA(λ )/∑λ I2
SA(λ ). The calculation of c was carried out using

only the wavelength points closest to the continuum. The values provided by

the Solar Atlas were also corrected for the limb darkening by multiplying the

intensity by the polynomial approximation provided by Neckel & Labs (1994).

4.1.2 Differential emission measure

A diagnostic tool for the temperature that may be used in the transition region

and the corona is the differential emission measure (DEM). We applied this

technique in PAPER I to the EUV channels of AIA. The definition of DEM

comes out when we try to derive the temperature of a coronal plasma using

the information provided by the EUV and X-ray spectra. As shown in Craig &

Brown (1976), the emission line flux (erg cm−2 s−1 Hz−1) from an optically

thin EUV or X-ray source in thermal equilibrium can be written as:

I(λi j) =
∫ ∫ ∫

F(λi j,T (rrr))n2
e(rrr)d

3rrr (4.2)

where F(λi j,T (rrr)) is called spectral distribution function and ne is the electron

density. The temperature distribution is convolved with the electron density so

it is impossible to deconvolve the integral in Equation 4.2. An easier formula-

tion is possible by introducing the concept of DEM,

dEM(T )
dT

= ξ (T ) = ∑
i

(∫ ∫
ST

n2
e(rrr)|∇T |−1 dS

)
i
= n2

e
dV
dT

(cm−3 K−1)

(4.3)

Where dV is the volume element and dS is the surface element with constant

temperature and the index i refers to the i-th line of sight region where the

temperature ranges between T and T +ΔT . The last identity holds true if sur-

faces of constant temperature correspond also to surfaces of constant electron

density. So Equation 4.2 can be re-written as:

I(λi j) =
∫

T
F(λi j,T )ξ (T )dT (4.4)

Sometime it is also common to define the DEM as a function of the height:

ξ (T ) = nenH
dh
dT

∼ n2
e

dh
dT

(cm−5 K−1) (4.5)
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with ne = ne(h(T )). The DEM measures the plasma along the line of sight

(h) that contributes to the emission in the range T − T + ΔT (Aschwanden

2005). From the definition of Equation 4.5 follows the consequent version of

Equation 4.4, where I(λi j) is the intensity:

I(λi j) =
∫

T
G(T,AX ,λi j,ne)ξ (T )dT (4.6)

with Ax the abundance of the element relative to the hydrogen N(X)/N(H) and

G(T,AX ,λi j,ne) the contribution function. Using real dataset of observations,

Equation 4.4 (or 4.6) becomes a discretised system (see Craig & Brown 1976;

Hannah & Kontar 2012):

KKKnm ξ (Tm) = gn (4.7)

with:

KKKnm = ∑
m

F((λi j)n,Tm),

gn = I(λi j)n

To solve Equation 4.7 for the temperature Tm is problematic (see e.g. Craig

& Brown 1976; Guennou et al. 2012; Cheung et al. 2015): the higher the num-

ber of diagnostic lines (gn), the higher is the temperature resolution. However,

since each emission line produces a DEM peaked at its formation temperature,

if the contribution functions overlap there is a substantial loss of information.

The solution, if it exists, can be unstable or negative. Many different methods

have been proposed for the solution of Equation 4.7. We used the IDL code

distributed by Hannah & Kontar (2012), who approached the solution using a

regularized inversion for AIA EUV channels. The code removes the degener-

acy of the least square problem with the following regularization:∣∣∣∣
∣∣∣∣KKKξ (T )−ggg

δggg

∣∣∣∣
∣∣∣∣2 +λ ‖ LLL(ξ (T )−ξ0(T )) ‖2= min (4.8)

where LLL are the Lagrangian multipliers.

4.2 Velocity analysis

When dealing with dynamic events such as jets and fibrils, one of the central

questions concerns the velocity vector. However, the inversion technique can

only provide the velocity along the LOS direction. In PAPER I, we overcame

this problem by measuring the velocity vector along the jets in a different way.

The first step in our analysis was to select a path along one of the jets using

CRisp SPectral EXplorer (CRISPEX Vissers & Rouppe van der Voort 2012).
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Figure 4.1: Left: the Hα space-time slice at (a) Δλ = -47km s−1 (b) line centre

(c) Δλ = +47 km s−1 . The red line is a parabolic fit to the jet front. Right: the

Hα λ -time slice at the light-bridge location (d) and along the jet (e). The red line

fits the inclination of the diagonal feature showing the upward and downward

motion. Reproduced from Robustini et al. (2016).

The path extracted from the Hα data had 3 dimensions: space (s), time (t) and

wavelength (λ ). We used this information to calculate the two components of

the velocity vector, which are the LOS component and the projection on the

perpendicular plane-of-the-sky (POS).

To calculate the POS component, we used s-t diagrams obtained from the

extracted path. The s-t diagrams in Figure 4.1 are plotted at different λ . The

jet fronts show a parabolic trajectory: the first half is given by the blue part

of the Hα intensity profile and corresponds to the upward motion of the jets.

The second half is due to the downward motion of the jets (red part). We

fit a second-order polynomial function to the jet fronts, in the form of s(t) =
v0(t − t0)− a

2
(t − t0)2. From here, we obtained the value of the velocity at the

light-bridge (the bright lane around 2 Mm) and the constant value of the jet

deceleration.

To calculate the initial LOS velocity, it should be possible to evaluate the

Doppler shift of the intensity profile at the light-bridge location. However,

the spectral profiles at the light-bridge have a complex structure due to high

temperature and the overlap with other jets. So we estimated the LOS decel-

eration by using the inclination of the upward and downward signature in the

λ -t slice (see the right panel in Figure 4.1). Then, with the constant value of

the deceleration, we can calculate the Doppler shift velocity at different time
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Figure 4.2: The black vector is the velocity vector. The blue axes are the LOS

reference system with z the line of sight of the observer. A rotation around the y-

axis produces the local reference system (red), where the Sz axis is the local solar

vertical and the SxSy-plane the plane tangent to the solar surface. This image is

based on the idea of Title et al. (1993)

locations and extrapolate the value for the initial velocity. The total velocity

and deceleration are v0 = (v2
LOS(t0)+ v2

POS(t0))
1/2 and a = (a2

LOS + a2
POS)

1/2

respectively.

The modulus of the total velocity and its LOS and POS components can be

used to estimate the angle between the jet and the solar vertical. As described

in Title et al. (1993), we can think to the LOS reference system (where the

z-axis is the line of sight) as a rotation around the y-axis of the local reference

system, that is the one in which the Sz-axis correspond to the solar vertical and

the SxSy-plane is tangent to the surface (see Figure 4.2). Therefore, knowing

the heliocentric θ -angle and the velocities, we can retrieve the γ angle solving

this system:

⎡
⎣vx = vPOS cosα

vy = vPOS sinα
vz = vLOS

⎤
⎦=

⎡
⎣V (cosθ sinγ cosψ − sinθ cosγ)

V (sinγ sinψ)
V (sinθ sinγ cosψ + cosθ cosγ)

⎤
⎦ (4.9)

The angle γ is eventually used to constrain the length of the jets that is

initially measured in the POS and also to project the value of the deceleration

along the solar vertical, allowing a direct comparison with the solar gravita-

tional acceleration.

The method used in PAPER I is designed for few selected examples, and

it cannot be applied on the entire FOV. Thus, in PAPER II and PAPER III,
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we created full FOV maps showing the LOS velocity only, applying either the

inversion technique or directly calculating the velocity from the Doppler shift.

The LOS velocities measured with ground-based instruments do not corre-

spond exactly to the Doppler velocity, but consist also of the contributions of

the solar rotation (vsun), the Earth’s rotation (vearth), the Earth’s orbital motion

around the Sun(vorb) and the gravitational redshift (vgr).

vLOS =

(
λ
λ0

−1

)
c+ vsun + vearth + vorb + vgr

The last four terms become very important for velocities smaller than few

km s−1 and the vsun becomes larger for limb observations. Therefore, the LOS

velocity has to be corrected for these additional terms. Moreover, intrinsic

physical conditions on the Sun and observational circumstances require cali-

brating the velocity with a reference velocity. For photospheric velocities, we

assumed the sunspot umbrae to be at rest, following the prescription of Beck-

ers (1977). This method is not applicable in the chromosphere, so in this case,

we calibrated the observations using the spectra of the Solar Atlas (Neckel &

Labs 1984).

4.3 Magnetic field analysis

In the projects presented in Chapter 5, the magnetic field is studied through the

Zeeman effect, which splits the energy levels of an atom and polarises light in

the presence of magnetic fields.

4.3.1 Zeeman effect

The Hamiltonian function for an atom in a uniform external magnetic field BBBext

is given by the sum of three terms: the unperturbed Hamiltonian H0, the fine

structure of the spin-orbit coupling Hso and the magnetic Hamiltonian HB.

H =H0 +Hso +HB (4.10)

with,

H0 =
−h̄
2m

∇2 − e2

4πε0

1

r
, (4.11)

Hso =
e2

8πε0

1

m2c2r3
SSS ·LLL, (4.12)

HB =
e

2m
(LLL+2SSS) ·BBBext, (4.13)

(4.14)
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When the magnetic field associated to the spin-orbit coupling BBBint dom-

inates over the external field BBBext, the magnetic hamiltonian can be used as

a perturbation of H0 +Hso. The first order perturbation theory returns the

energy splitting that the external magnetic field produces on the unperturbed

energy level (see Equation 4.15). A given level with total angular momentum

JJJ is split in 2J+1 sublevels. The splitting is known as Zeeman effect.

ΔE(1)
H =

〈
nl jm j

∣∣HB
∣∣nl jm j

〉
= μBg jBextm j (4.15)

where μB is the Bohr magneton and g j is the Landé factor, defined as:

g =
3

2
+

S(S+1)−L(L+1)

2J(J+1)
(4.16)

when spin-orbit coupling1 is assumed .

Most of the interactions in which we are interested are electric dipole in-

teractions. Then the selection rules Δm j = 0,±1 hold true. The three possible

values of Δm j give rises to three groups of level splitting: Δm j = −1 shifting

to lower energies, Δm j =+1 shifting to higher energies and Δm j = 0 shifting

in between the two previous cases.

It is customary, for the Zeeman effect, to construct a graph called Zeeman

pattern, and to draw segments corresponding to the splitting components along

the frequency axis. The most simple pattern is obtained for transitions like

Fe I 5250.2 Å , where there is only one component for each Δm j . This occurs

when the two splitting transition levels have the same Landé factor or when

one of the two has null angular momentum JJJ. The pattern, in this case, appears

like the one in the right column of Figure 4.3. The components with Δm j =±1

are called red and blue σ , depending on the position with respect to the central

wavelength, while the component Δm j = 0 is called π . The most general case,

when there are multiple σ and π components, is referred to as anomalous

Zeeman effect.

σ components produce linearly polarised radiation parallel to the external

magnetic field, while π components are responsible for circular polarisation

perpendicular to the field. Therefore, if the line of sight of the observer is par-

allel (or perpendicular) to BBBext, the observer will not observe linearly polarised

radiation (or circular polarisation).

From Figure 4.3 it can be noticed that the Zeeman pattern is symmetric

about the unperturbed frequency. In the case of anomalous splitting, where

the components have different strengths (also different length in the pattern,

proportional to the transition probabilities between the levels), it is common to

1A good assumption for light elements. Otherwise the Landé factor value is provided by

laboratory experiments.
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Figure 4.3: Top Left: de-excitation transition between the first energy level

and the ground state in the absence of the magnetic field. This transition pro-

duces one single spectral line (middle left) which is represented in the Zee-

man pattern as one single π component pointing upward (bottom left). Top
right: In the presence of magnetic field, every level splits in 2J + 1 sublevels

with m = −J,−J + 1, . . . ,J − 1,J. The spectral lines corresponding to the

three possible transitions (middle right) are a blue and a red-shifted σ com-

ponents, and an unshifted π component. This specific case in which there is

only one spectral line for each component is known as normal Zeeman pat-

tern, and it is shown in the bottom right scheme. The σ components are rep-

resented as pointing downwards segments. The π component is pointing up-

wards. Reproduced from ������������	�
�����	����	���������������

��������� �!�����"���#�
�$�
%��&'.
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use the concept of centre of gravity. This quantity depends on the strength and

the frequency of the components and can be written as:

Xσb = ν0 + ḡ
eB

4πmc
, (4.17)

Xσr = ν0 − ḡ
eB

4πmc
, (4.18)

Xπ = ν0 (4.19)

Equations 4.17 - 4.18 introduce the useful concept of the effective Landé fac-

tor:

ḡ =
1

2
(g+g′)+

1

4

[
J(J+1)− J′(J′+1)

]
(4.20)

with g and g′ the Landé factors of two transition levels. Lines with large Landé

factors, like Fe I 5250.2 Å (ḡ = 3) or Fe I 6302.5 Å (ḡ = 2.5), are sensitive

to the magnetic field and can be employed as efficient diagnostic tools. A

larger ḡ implies a larger polarimetric signal S, as can be seen for example

in the weak field approximation formula (see Section 4.3.4) derived in Landi

Degl’Innocenti (1982):

S =
V
I

∝ ḡB
dI0

dλ
(4.21)

Both the iron lines cited above are formed in the photosphere and can be

used for its diagnostic. More challenging is the diagnostic in the higher layers

of the atmosphere where the magnetic field tends to be weaker. Chromospheric

lines have usually smaller ḡ and, because of the increasing temperature above

the temperature minimum, the Doppler broadening (ΔλD) becomes significant.

The Doppler broadening is an obstacle to the resolution of the wavelength

splitting produced by the magnetic field. We can compare the effect of Doppler

and Zeeman broadening (ΔλB):

ΔλB = ḡ
λ 2

0 e0 B
4πmec2

(4.22)

ΔλD =
λ0

c

√
2kT
m

+ξ 2
micro (4.23)

where, e0 is the electron charge, me the electron mass , λ0 the line centre wave-

length, B the magnetic field strength, c the light speed, k the Boltzmann con-

stant, m the atomic mass, and ξmicro the microturbolence velocity. Table 4.1

shows the values of magnetic field strength necessary to obtain a ΔλB of the

same order of ΔλD. Strong field concentrations (∼kG), larger than those re-

ported in Table 4.1, are typical only in the photosphere of sunspots. Notice
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that, since ΔλB/ΔλD ∝ λ , it is useful to perform observations at longer wave-

lengths, where a weaker magnetic field is required to distinguish a clear sepa-

ration of the Zeeman components. Of course the limits of infrared observations

must be taken into account, such as the telescope diffraction limit increasing as

1.22λ/D and the smaller amount of available photons compared to the visible

band.

4.3.2 The Stokes parameters and the polarised radiative transfer equa-
tion

Since the direct observation of the Zeeman splitting is often unfeasible, it is

more convenient to make use of the polarisation induced by the Zeeman ef-

fect recording the full state of polarisation of the spectral lines. Polarimetry

consists in the measurement of the Stokes parameters, which are defined as:

I =k(< ε∗
1 ε1 >+< ε∗

2 ε2 >), (4.24)

Q =k(< ε∗
1 ε1 >−< ε∗

2 ε2 >), (4.25)

U =k(< ε∗
1 ε2 >+< ε∗

2 ε1 >), (4.26)

V =k(< ε∗
1 ε2 >−< ε∗

2 ε1 >) (4.27)

with k a dimensional positive constant, E1(t) = ε1e−iωt and E2(t) = ε2e−iωt the

component of the electric field vector along the direction �x1 and �x2 perpendicu-

lar to the propagation of the electromagnetic wave. In astronomy is customary

to measure the Stokes parameter as a function of the light intensity rather than

in terms of the electromagnetic field. An useful definition is then:

I =I0◦ + I90◦ , (4.28)

Q =I0◦ − I90◦ , (4.29)

U =I45◦ − I135◦ , (4.30)

V =I�− I� (4.31)

Where Iθ ◦ is the intensity measured through a perfect linear polariser and I�,�
is the intensity through a perfect circular polariser. So I is the total intensity, Q

and U represent the linear polarisation and V the circular polarisation.

The propagation of the electromagnetic radiation and the consequent ab-

sorption and emission processes through the medium are described by the ra-

diative transfer equation (RTE). When dealing with polarised radiation, the

RTE can be written as:
dIII
ds

=−KKKIII + jjj (4.32)
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where KKK is the absorption matrix and jjj is the emission vector. The vector

III = (I,Q,U,V )T contains all the information about the Stokes parameters. In

matrix notation the RTE is:

d

ds

⎛
⎜⎜⎝

I
Q
U
V

⎞
⎟⎟⎠=−κl

⎛
⎜⎜⎜⎝

φI +
κc
κl

φQ φU φV

φQ φI +
κc
κl

ψV −ψU

φU −ψV φI +
κc
κl

ψQ

φV ψU −ψQ φI +
κc
κl

⎞
⎟⎟⎟⎠
⎛
⎜⎜⎝

I
Q
U
V

⎞
⎟⎟⎠+

⎛
⎜⎜⎝

φISlκl +κcSc

φQSlκl
φU Slκl
φV Slκl

⎞
⎟⎟⎠

(4.33)

That can be re-written in the useful form of:

d

ds

⎛
⎜⎜⎝

I
Q
U
V

⎞
⎟⎟⎠=−κc

⎛
⎜⎜⎝

1 0 0 0

0 1 0 0

0 0 1 0

0 0 0 1

⎞
⎟⎟⎠
⎛
⎜⎜⎝

I −Sc

Q
U
V

⎞
⎟⎟⎠−κl

⎛
⎜⎜⎝

φI φQ φU φV

φQ φI ψV −ψU

φU −ψV φI ψQ

φV ψU −ψQ φI

⎞
⎟⎟⎠
⎛
⎜⎜⎝

I −Sl
Q
U
V

⎞
⎟⎟⎠

(4.34)

The first matrix in the right hand side (r.h.s.) of Equation 4.34 is the propaga-

tion matrix for the continuum. The continuum is not perturbed by the presence

of a magnetic field and the absorption coefficient κc is the same as in a non-

magnetized medium. The second matrix of the r.h.s. is the contribution given

by the spectral line. Sc and Sl are the source function for the continuum and

the line respectively. The matrix entries φq and ψq are defined as:

φq = ∑
mlmu

SJlJu
q (mlmu)

1√
πΔνD

H(ν −νA +ανB,a), (4.35)

ψq = ∑
mlmu

SJlJu
q (mlmu)

1√
πΔνD

L(ν −νA +ανB,a) (4.36)

The detailed explanation of the Equations 4.35 and 4.36 can be found in

Degl’Innocenti & Landolfi (2004). What is important to notice is the depen-

dence of the absorption φ and dispersion ψ profile on the line position (ν),

the Doppler shift (νA) and the shift of the Zeeman components (νB) via the

Voigt (H) and Faraday (L) functions respectively. The information about the

magnetic field is therefore contained in the propagation matrix of the spectral

line. The system of equations 4.34 can only be solved numerically. The formal

solution of Equation 4.32 is:

I(s)I(s)I(s) =
s∫

s′

OOO(s,s′′) j(s′′)ds′′+OOO(s,s′)III(s′) (4.37)
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where the OOO(s,s′′) is called evolution operator and describes how the polarisa-

tion vector changes from the point s to s′ as III(s) =OOO(s,s′)III(s′).
If we write Equation 4.32 in terms of continuum optical depth τc,

dIII
dτc

=KKK(III −SSS) (4.38)

it can be shown (see ch.9 of del Toro Iniesta 2007) that the formal solution for

the emerging intensity is:

III(0) =
∞∫

0

OOO(0,τc)KKK(τc)SSS(τc)dτc. (4.39)

The evolution operator usually has to be calculated numerically, and it has

a very complicated form. However, there are situations in which it is possible

to deduce some information about the magnetic field without solving the entire

Equation 4.34, using some approximations.

4.3.3 Milne-Eddington atmosphere

One of these approximations is the Milne-Eddington (ME) atmosphere. Al-

though this section focuses on the magnetic field analysis, ME atmosphere

approach is used to retrieve also other atmospheric parameters, among them

temperature and velocity. In the ME atmosphere, it is assumed that the source

function varies linearly with the continuum optical depth τc,

SSS = (S0 +S1τc,0,0,0)
T (4.40)

and the propagation matrix is assumed to be depth-independent, that is con-

stant with τc. So, at a given hight, the magnetic field direction and modulus

are constant. Given these assumptions, it has been shown (Degl’Innocenti &

Landolfi 2004) that the evolution operator has the simpler form of an exponen-

tial and Equation 4.39 becomes:

III(0) =
∞∫

0

eKKK(τc)τcKKK(τc)(S0 +S1τc,0,0,0)
T dτc. (4.41)

with KKK(τc) constant. Equation 4.41 can be integrated to obtain a solution for

each Stokes parameter. Unno (1956) presented for the first time the explicit

relations. This solution is analytical and depends on nine parameters: the ratio

between the continuum and the line absorption coefficient, the Doppler broad-

ening, the natural line broadening, the magnetic field (modulus, inclination and

azimuth) and the source function (S0 and S1).
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In PAPER I, we used the photospheric LOS magnetogram provided in

the level 2 data from the SpectroPolarimeter (SP) of the Solar Optical Tele-

scope (SOT) mounted on board of the Japanese satellite Hinode. Level 2

data contain different atmospheric parameters (������������	�
�	�
�	

�����
��
��
�
�����
�
�����������) obtained through a ME in-

version done with the MERLIN code (Skumanich & Lites 1987). In PAPER
III, we calculated LOS velocities (see Section 4.2) and magnetic field vector

from the CRISP 6302 Å line pair, with the MINE code (de la Cruz Rodriguez

et al. in prep) based on a ME atmosphere.

4.3.4 Weak field approximation

Another useful approximation is possible when the magnetic field can be con-

sidered constant with depth and the Zeeman broadening is much smaller than

the Doppler broadening,

ΔλB

ΔλD
� 1 ⇒ ḡ

λ 2
0 e0 B

4πmec2

λ0

c

√
2kT
m

+ξ 2
micro

� 1 (4.42)

This is called the weak field approximation (WFA) to suggest the presence of

an upper limit of the magnetic field. This upper limit depends on the wave-

length, on the thermal velocity, on the effective Landé factor characterising the

spectral line and on the typical microturbolence velocity. Table 4.1 provide

some reference values for the applicability of the WFA. In general chromo-

spheric broad lines suit better and photospheric visible lines should be avoided

(for further discussions see del Toro Iniesta & Ruiz Cobo 2016 and de la Cruz

Rodríguez & van Noort 2017).

When the condition 4.42 holds true the intensity can be related to the

Stokes parameters through the set of Equations 4.43 - 4.45.

V =− λ 2
0 e0

4πmec2
ḡ Bcosθ

∂ I
∂λ

=C1BLONG
∂ I
∂λ

, (4.43)

U =−1

4

λ 4
0 e2

0

(4πmc2)2
Ḡ B2sin2θ

∂ 2I
∂λ 2

sin2ψ =C2B2
T RANS

∂ 2I
∂λ 2

sin2ψ, (4.44)

Q =−1

4

λ 4
0 e2

0

(4πmc2)2
Ḡ B2sin2θ

∂ 2I
∂λ 2

cos2ψ =C2B2
T RANS

∂ 2I
∂λ 2

cos2ψ (4.45)

where ψ is the azimuthal angle of the magnetic field. The two components

of the magnetic field (longitudinal and transversal) and the azimuth angle are
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Figure 4.4: Magnetograms of observation in Fe I 6302Å. Left: magnetogram

obtained using the NICOLE inversion code. Right: magnetogram obtained with

the weak-field approximation.

obtained applying the formula for the least-squares minimisation,

Yi = mXi m =
∑n

i=1YiXi

∑n
i=1 X2

i
(4.46)

which returns:

BLONG =
∑λi Vλi

∂ I
∂λi

C1 ∑λi

(
∂ I
∂λi

)2
, (4.47)

B2
T RANS =

∑λi

√
Q2

λi
+U2

λi

∣∣∣∣ ∂ 2I
∂λ 2

i

∣∣∣∣
|C2|∑λi

(
∂ 2I
∂λ 2

i

)2
, (4.48)

tan2ψ =

∑λi Uλi

∂ 2I
∂λ 2

i

∑λi Qλi

∂ 2I
∂λ 2

i

(4.49)

The WFA should be applied carefully to active regions. The iron lines of

Table 4.1 are the most common lines for the diagnostic of the magnetic field
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Table 4.1: The strength of the magnetic field (B) for which Doppler and Zeeman

broadening are comparable (ΔλB ≈ ΔλD), for a given wavelength, temperature

(T), Landé factor (ḡ) and microturbulence (ξmicro).

Spectral line [Å] B [G] T [K] ḡ ξmicro [km s−1]

Ca II 8542 2784 5×103 1.1 3

Fe I 6173 1495 5×103 2.5 0.5

Fe I 6302 1526 5×103 2.5 0.5

in the photosphere but the maximum field allowed for WFA is often much

smaller than the field in the umbra of the sunspot. The effect is a systematic

underestimation of the magnetic field. An example is given in Figure 4.4,

where the LOS magnetic field is calculated for the same sunspot with inversion

techniques (left panel) and with the weak-field approximation (right panel),

using observations in Fe I 6302Å. The second panel shows comparable values

except in the part of the umbra where the field is stronger.

Ca II 8542 Å offers a larger range of field values in which the WFA is

applicable although it must be kept in mind that the estimated value can be

overestimated in the presence of shock events like umbral flashes.

In PAPER II, we fed the inversion of Ca II 8542 Å data (see Section 4.4)

with an input model having a magnetic field vector retrieved with WFA.

4.4 Inversion

Data inversion is a technique used to infer the atmosphere parameters from

the measurements of the Stokes parameters. The procedure is described in

Figure 4.5.

Initial atmosphere. The first step is to define an initial atmosphere. The in-

put consists of a series of various physical variables describing the atmosphere

(T , ρx, vlos, vturb, ne, BBB) as a function of the optical depth.

RTE solution and data synthesis. In the second step, the polarised RTE is

solved using the initial atmosphere. We have previously seen that it is possible

to write a formal solution of RTE using the evolution operator (Equation 4.37).

The evolution operator is, in general, a quite complicated expression. Nonethe-

less, it can be written in a simpler form using the DELO (Diagonal Elements

Lambda Operator) method (e.g. Rees et al. 1989; Trujillo Bueno 2003). The
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Figure 4.5: Flow chart describing the fundamental steps in a general inversion

of polarimetric data.

spectral line contribution of Equation 4.33 is divided by κlφI + κc = ηI and

re-written as:

1

ηI

dIII
ds

=− dIII
dτ

=
KKK
ηI

III +SSS (4.50)

where SSS = jjj/ηI . An expression similar to the unpolarised radiative transfer

case can be finally obtained,

dIII
dτ

= III −SeffSeffSeff, (4.51)
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defining the matrices:

K̄KK =
KKK
ηI

−1, (4.52)

SeffSeffSeff = SSS−K̄KKIII. (4.53)

So, by analogy with the unpolarised case, we can write the polarisation vector

at the grid point τk as (see Equation (62) in Rees et al. 1989):

III(τk) = III(τk+1)e−(τk+1−τk) +

τk+1∫
τk

e−(τ−τk)SeffSeffSeff(τ)dτ (4.54)

and solve it once the dependence of SeffSeffSeff on the the grid points τk is established.

In the original paper of Rees et al. (1989), they assumed a linear approximation

(DELO-linear):

SeffSeffSeff(τ) =
(τk+1 − τ)Sk

effSk
effSk
eff +(τ − τk)SSSk+1

eff

(τk − τk+1)
. (4.55)

An improvement can be done using the Bezier-spline interpolants which, like

DELO-linear, produce a stable solution but they also provide a faster conver-

gence to the solution and with a better accuracy. A Bezier-spline is suitable for

the case of few depth points and steep gradients. In the inversion performed in

PAPER II, we chose the cubic Bezier interpolants. A more detailed descrip-

tion is given in de la Cruz Rodríguez & Piskunov (2013). Once that Equa-

tion 4.54 is solved, we obtain the full Stokes vector describing the polarised

radiation through the model atmosphere we have chosen at the beginning.

Comparison with observations. The Stokes parameters synthesised with

the inversion have to be compared with the observed ones. If these two sets

are not similar at all, it means that the input atmosphere model is far from the

reality. So, the initial parameters have to be varied, and the RTE solved again,

this time with the new atmospheric parameters. The iteration goes on until the

difference between the observed and synthesised Stokes vectors is minimised.

This difference can be quantified by the function χ2 defined as,

χ2 =
1

d

3

∑
s=0

n

∑
i=0

[
Iobs
s (λi)− Isyn

s (λi)
]

w2
s,i (4.56)

where d is the number of degrees of freedom, n is the number of wavelengths,

and ws,i is the weight assigned to each value. The goal is the minimisation of

the χ2 value. The model atmosphere corresponding to the minimum value of

χ2 is ready for science purposes. There are, however, geometrical issues that

have to be taken into account before using the values provided by the inversion.

We will deal with them in the following sections.
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4.5 How to deal with the azimuth ambiguity

The magnetic field is a fundamental parameter in the study of the chromo-

spheric dynamics. However, when retrieved from polarimetry, its transversal

component is affected by an azimuthal ambiguity. Let us examine this issue

in more detail. The Stokes parameters are defined in the reference system de-

scribed by three vectors: the direction of propagation of the electromagnetic

wave and the perpendicular vectors �ea and �eb (see Degl’Innocenti & Landolfi

2004). A rotation of �ea produces the following transformation:

I′ = I, (4.57)

Q′ = Qcos2α +U sin2α, (4.58)

U ′ =−Qsin2α +U cos2α, (4.59)

V ′ =V (4.60)

The Stokes parameters remain unchanged under a rotation of 180◦. This is

also known as the 180◦ ambiguity of the linear polarisation. For this reason,

rotation of 180◦ of the magnetic field vector around the line of sight direction

produces the same solution of the RTE. The azimuth ambiguity is still present

also when approximations are applied to the model: in the expression for the

transversal field derived in the WFA (see Equation 4.48) the magnetic field is

squared and leads to a ± type of solution. Therefore, every time the magnetic

field vector is retrieved from the Stokes parameters, one must establish which

of the two orientations of the transversal field is correct. Sometimes, this can

be done by looking at the environment. If we measure the magnetic field in

a sunspot with a certain polarity (circular polarisation is positive or negative),

the transversal field can be chosen to point inwards or outwards the centre of

the umbra, depending on the sign of the longitudinal magnetic field. However,

the situation is generally more complicated, and the de-ambiguation requires

a more sophisticated approach. Numerous algorithms have been proposed for

this purpose (see Metcalf et al. 2006) and two of them are summarised in Ta-

ble 4.2

Most of these methods are based on the property of the magnetic field to

be solenoidal. Therefore, it should be possible to establish the direction of the

azimuth by choosing the one that fulfils ∇ ·BBB = 0. However, this requires to

know the dependence of the longitudinal field on the height,

∂Bx

∂x
+

∂By

∂y
=−∂Bz

∂ z
(4.61)

which is usually not known.

To circumvent this problem, the field is supposed to be potential (BBB =
−∇Φ) and the height dependence can be approximated using the potential

��



Figure 4.6: A map of the azimuth in a sunspot before (left) and after (right) the

de-ambiguation using the minimum energy method.

Table 4.2: Two of the existing algorithms for azimuth de-ambiguation. Adapted

from Metcalf et al. (2006)

Method Quantity minimised Minimisation scheme

Acute angle |θ0 −θe| Local

Minimum energy ∑(∇ ·BBB+ |JJJ|)2 Simulated annealing

field. Since the tangential components (Bx and By) are affected by ambiguity,

a potential magnetic field PPP is extrapolated from the value of the line of sight

field, Bz that can be written as:

∂Bz

∂ z
≈−

(
∂Px

∂x
+

∂Py

∂y

)
. (4.62)

In the acute angle method, the direction of PPP (θe) is compared pixel by pixel

with the one of the tangential field (θ0). The direction that forms an angle with

the potential field smaller than π
2

is chosen as the preferred orientation of the

tangential field.

In the tests carried out by Metcalf et al. (2006) the acute angle did not

perform well in active regions with pores and observed at large heliocentric

angles.

Another promising approach is the minimum energy method (MEM, Met-

calf 1994; Leka et al. 2014). In the MEM, the azimuth ambiguity is solved

by minimising ∇ ·BBB. However, the simple minimisation of the divergence can

leave some pixels pointing in a completely different direction from the closest

ones. This in turns produces spurious currents. Thus, a strategy is to impose
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also the minimisation of |JJJ|. Making use of Equation 4.62 we can write:

|∇ ·BBB| ≈
∣∣∣∣ ∂
∂x
(Bx −Px)+

∂
∂y
(By −Py)

∣∣∣∣ , (4.63)

Jx ≈ ∂
∂y

(Bz −Pz)+
∂Pz

∂y
− ∂Py

∂ z
, (4.64)

Jy ≈ ∂
∂x

(Pz −Bz)+
∂Px

∂ z
− ∂Pz

∂x
, (4.65)

Jz ≈ ∂By

∂x
− ∂Bx

∂y
(4.66)

The quantity that is minimised is called annealing energy:

E = ∑(∇ ·BBB+ |JJJ|)2 . (4.67)

This name is due to the technique employed for the minimisation: the simu-

lated annealing, first described by Kirkpatrick et al. (1983).

4.6 Local frame transformation

Once the direction of the tangential field is established, the magnetogram must

be rotated in the local reference system. Most of the time, observations are not

carried out at disk centre, and the magnetic field and velocity vectors that are

obtained from these data are not in the local solar coordinate system but the

line of sight one.

Having these vectors in the frame of the solar surface instead of the ob-

server is fundamental to avoid projection effects and wrong interpretations. A

typical example of misleading projections is the presence of spurious opposite

polarities in the LOS magnetograms.

The coordinate system transformation for the magnetic field vector follows

the scheme of Figure 4.7. The axes labeled with s are in the local reference

frame. The ys axis is aligned with the solar north, while the y axis is in the

zero azimuth direction in the line of sight reference system. The first rotation

is performed around the zs axis to move the projection of y on the xsys plane

parallel to ys. The reason for this rotation lies in the fact that the value zero of

the azimuth in the polarimeter that we used is defined towards the solar north.

The second rotation corrects for the observations performed at a heliocentric

angle θ �= 0, that is not at disk centre. This is done with a rotation around the

y axis. The transformation is described by Equation 4.68:

⎛
⎝Bx

By

Bz

⎞
⎠

local

=

⎛
⎝cosθ cosβ −cosθ sinβ −sinθ

sinβ cosβ 0

sinθ cosβ −sinβ sinθ cosθ

⎞
⎠
⎛
⎝Bx

By

Bz

⎞
⎠

observer

(4.68)
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Figure 4.7: (a) The reference system labelled with s is the local reference system

in which the axes xs and ys define a plane tangent to the solar surface. The red

axes represents the reference system of the observers. Number 1 and 2 indicate

the rotations around the zs and ys axis respectively. (b) The projection of the y
axis on the xsys plane is rotated of an angle β towards the North.
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5. Projects

This last chapter provides an overview of the three projects that compose this

thesis. The full version of the included papers can be found at the end of the

chapter.

5.1 Paper I

The first project aims to establish the dynamics of the long-scale fan-shaped

jets observed in the chromosphere above a sunspot light-bridges. In this re-

search, we analysed a time series of 88 minutes observed with CRISP at the

SST and targeting a decaying sunspot. We used high-resolution imaging spec-

troscopy in H-α to estimate velocities, lengths, accelerations, and inclination

of multiple jets forming the bulk of fan-shaped plasma ejections. Imaging

spectroscopy techniques allowed us to obtain both the components of the mo-

tion, that is the line of sight and the plane of the sky. The average total velocity

obtained is on the order of hundreds of km s−1 which suggests that magnetic

reconnection could be the primary driver of these jets. Another significant

result concerns the jet deceleration, which is somewhat constant and in agree-

ment with the effective solar gravity. This scenario implies that no forces can

significantly lower the deceleration of jets.

The fan-shaped jets in our observations were rooted in bright footpoints

located on the edges of the LB. We believe that the bright footpoints are the

evidence of heating produced by magnetic reconnection. To provide an esti-

mate of the temperature in these locations, we applied the methods described

in Sections 4.1. The results indicate that the jet footpoints have a temperature

that can reach transition region values.

The scenario of the magnetic reconnection is also supported by the pho-

tospheric magnetic field configuration shown in the Hinode/SP line of sight

magnetogram. The location where the jets are launched coincides with the

interface between the vertical umbral magnetic field and the more horizontal

field of the LB. This large field inclination gradient is a favourable condition

for magnetic reconnection.
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5.2 Paper II

The second project focuses on the atmospheric conditions of a sunspot har-

bouring fan-shaped jets. In particular, we retrieved the magnetic field vector

and the temperature distribution both in photosphere and chromosphere, and

analysed how they changed with height.

For this purpose, CRISP observed a δ -sunspot group, in the sensitive spec-

tral lines of Fe I 6302 Å and Ca II 8542 Å with full Stokes polarimetry. We

applied the data inversion technique to retrieve the atmospheric parameters

from the photosphere to the middle chromosphere. We inverted the lines sep-

arately, obtaining a surprisingly good continuity between the maps retrieved

with Fe I 6302 Å and Ca II 8542 Å.

Unlike PAPER I, the fan-shaped jets of this dataset are not rooted in a

LB, but in the shared penumbra of the sunspot group. Nevertheless, the mag-

netic field configuration that we found is similar to that of the LB case. In the

shared penumbra, the magnetic field maps show a weaker and more horizontal

structure embedded in a vertical field environment, which has two opposite po-

larity patches at its ends. Besides, chromospheric field maps reveal a flattening

of the central structure, suggestive of a three-dimensional loop. The jets are

launched at the interface between the loop-structure and the vertical penumbral

field. The brightenings on the jet footpoint are locations of very high tempera-

ture, and the magnetic field maps show also the presence of a shear of the field

along the vertical direction.

The high temperature of the footpoint is interpreted as magnetic reconnec-

tion heating. The temperature distribution as a function of height reveals that

the heating is confined between logτ500 = −2 and logτ500 = −3. Thus, we

concluded that the magnetic reconnection driving the fan-shaped jets occurs in

the lower part of the chromosphere.

5.3 Paper III

The last project moves away from the very active environment of the previ-

ous projects, and it focuses on the magnetic configuration of a quieter region.

The target of this study is a unipolar region enclosed in a supergranular cell

that harbours a radial arrangement of fibrils. This study aims to show how the

chromosphere appears in this region and retrieve its magnetic field configura-

tion.

We scanned through the chromosphere employing multi-wavelength ob-

servations in Ca II 8542 Å, Hα , and Ca II K. We performed a ME inversion

(see Section 4.3.3) of the Fe I 6301 and 6302 Å to retrieve some atmospheric

parameters of the photosphere, including magnetic field, and applied WFA
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(see Section 4.3.4) to Ca II 8542 Å data to obtain the three components of the

magnetic field at chromospheric heights.

With the photospheric magnetic field values, we calculated the magnetic

flux in the unipolar network and the quiet Sun inside the unipolar network. The

network field is not balanced, and a substantial part of the field is expected to

fan out along vertical and locally open field lines rooted in the network. Above

the supegranular cell, the chromospheric magnetic field is more horizontal, and

the azimuth indicates that the field tends to point inwards, suggesting the shape

of a canopy.

In the centre of the cell, we measured a significant blue-shift in the Ca II K

nominal line core associated to an intensity enhancement. We interpreted it as

the product of a strong velocity gradient along the LOS.

Based on these results, we proposed two models of the magnetic field con-

figuration that take into account also the velocity distribution in the cell centre

and the asymmetric arrangement of the fibrils.
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6. Sammanfattning

Solen är ett unikt laboratorium för att studera astrofysikaliska fenomen, därför

att solen är den stjärna som är närmast oss. Trots sin närhet har solen fortfa-

rande hemligheter. Hur de extremt höga temperaturerna uppstår i de yttersta

skikten av solens atmosfär, koronan och kromosfären strax under den, är en av

de mest fascinerande gåtorna i modern solfysik. Att undersöka kromosfären är

av särskild betydelse eftersom det är genom kromosfären som energi och gas

transporteras från den kalla fotosfären upp till den heta koronan. Många olika

dynamiska fenomen, som jetströmmar och spikuler, kan observeras i kromo-

sfären och man tror att de är viktiga för förståelsen av de mekanismer som vär-

mer upp den yttersta atmosfären. Att studera kromosfäriska fenomen är dock

svårt på grund av de komplicerade fysikaliska förhållanden som finns i kromo-

sfären. I kromosfären är gastrycket ofta mindre än det magnetiska trycket och

det innebär att strukturer och fenomen i kromosfären styrs främst av magnet-

fältet.

Därför fokuserar denna avhandling främst på jetströmmar i kromosfären

och deras växelverkan med magnetfältet. Avhandlingen består av tre artiklar

med en kappa som fungerar som en inledning till ämnet. Kapitel ett i kappan

ger en kort överblick över solens atmosfärsskikt och aktiva områden. I and-

ra kapitlet fokuserar vi på dynamiska fenomen (jetströmmar) som observeras

i kromosfären. En beskrivning av det Svenska 1-meters solteleskopet (SST)

samt datareduktion och bearbetning finns i kapitel tre. Kapitel fyra förklarar

de metoder för att beräkna magnetfält, hastigheter och temperaturer, som an-

vänds i artiklarna. Till sist, sammanfattar det femte kapitlet de tre artiklarna

som avhandlingen grundas på.

I alla projekten analyserade vi högupplösta bilder från SST samt observa-

tioner från satelliter.

Det första projektet handlar om återkommande jetströmmar i form av sol-

fjädrar som brukar observeras på solfläckar. I våra observationer startar de i en

ljusbrygga som går tvärs över den mörkaste delen (umbran) av en stor sol-

fläck. Vi mätte jetströmmarnas temperatur och dynamik i kromosfären och

fann förhöjda temperaturer vid deras fotpunkter och också på deras högsta

punkt. Från en analys av gasens uppmätta variationer i hastighet förstår vi att

plasmat har en konstant deceleration mot solens yta. Magnetfältskartor från

satellitteleskopet Solar Dynamic Observatory visar att den magnetiska konfi-
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gurationen gynnar magnetisk omkoppling som den mekanism som producerar

de solfjäderformade jetströmmarna.

I det andra projektet studerar vi en solfläcksgrupp, där solfjäderformade

jetströmmar kastades från penumbror i utkanten av gruppen. Vi använde mät-

ningar från spektropolarimetriska observationer och beräknade magnetfältets

och temperaturens tredimensionella struktur i atmosfären. Denna analys visar

att magnetisk omkoppling äger rum i de nedre kromosfäriska skikten. Detta

är ett viktigt resultat därför att, som tidigare studier visar, de mekanismer som

accelererar kromosfäriska jetströmmar beror på höjden där den magnetiska

omkopplingen sker.

Det tredje projektet syftar till att utforska kromosfärens magnetiska konfi-

guration över en unipolärt område som sammanfaller med en supergranul. Där

observeras fibriller radiellt runt supergranulens mittpunkt. Magnetfältet i dessa

områden är ganska förbryllande och det finns inte konsensus om dess spatia-

la variationer. Från vår analys drar vi slutsatsen att magnetfältet har formen

av ett uppochnervänt vinglas, det vill säga att magnetfältslinjerna kröker över

supergranulen.
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