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Abstract
This thesis presents the modeling of radio and X-ray emissions from supernova (SN) shock fronts and hydrodynamical
simulations of SN-circumstellar medium (CSM) interaction. The interaction of SN ejecta with the CSM drives a strong
shock wave into the CSM. These shocks are ideal places where effective particle acceleration and magnetic field
amplification can take place. The accelerated relativistic particles, in the presence of magnetic field, could emit part of their
energy via synchrotron radiation in radio wavelengths. The flux of this radiation, when compared with observations, gives
an estimate of the CSM density. This could either be the particle density (nISM) in case of the SN exploding in a constant
density medium, characteristic of interstellar medium, or pre-SN mass loss rate (dM/dt) of the progenitor system for a wind
medium. In Paper I we have modeled the synchrotron emission and compared that with the radio upper limits measured
for the Type Ia SNe 2011fe and 2014J. Assuming equipartition of energy between electric and magnetic fields, with 10%
of the thermal shock energy in each field, we obtain a very low density medium, having nISM <~ 0.35 cm-3, around both the
SNe. In terms of dM/dt this implies an upper limit of 10-9 Msun yr-1 for a wind velocity, vw, of 100 km s-1. This study suggests
that in SN shocks it is more likely that the amplification efficiency of magnetic fields is less than that for the electric fields.
In Paper II, we carry out the hydrodynamical simulations of the interaction between SN ejecta and CSM for SN 1993J and
SN 2011dh. Subsequently, the radio and X-ray emission have been calculated from the shocked gas encapsulated between
the forward and reverse shocks. Considering the ejecta profile of these SNe from multi-group radiation hydrodynamics
simulation (STELLA), it is found from our investigation that for a wind velocity of 10 km/s around 6500 years prior to
the explosion of SN 1993J a change in mass loss rate occurred in the system. For a binary system this may imply that the
change in dM/dt could be due to a change in the mass accretion efficiency of the companion star. In case of SN 2011dh the
late time emission is turned up to be consistent with a wind medium with (dM/dt)/vw = 4 × 10-6 Msun yr-1/10 km s-1. Paper III
focuses on the radio emission from four young SNe Type Ia, SN 2013dy, SN 2016coj, SN 2018pv and SN 2018gv. Using
the same model for radio emission as in Paper I, the upper limits on dM/dt and nISM are estimated. We found tenuous media
around these SNe, which put tight constrain on their progenitor systems.
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Abstract

This thesis presents the modeling of radio and X-ray emissions from super-
nova (SN) shock fronts and hydrodynamical simulations of SN-circumstellar
medium (CSM) interaction. The interaction of SN ejecta with the CSM drives
a strong shock wave into the CSM. These shocks are ideal places where effec-
tive particle acceleration and magnetic field amplification can take place. The
accelerated relativistic particles, in the presence of magnetic field, could emit
part of their energy via synchrotron radiation in radio wavelengths. The flux
of this radiation, when compared with observations, gives an estimate of the
CSM density. This could either be the particle density (nISM) in case of the SN
exploding in a constant density medium, characteristic of interstellar medium,
or pre-SN mass loss rate (Ṁ) of the progenitor system for a wind medium. In
Paper I we have modeled the synchrotron emission and compared that with the
radio upper limits measured for the Type Ia SNe 2011fe and 2014J. Assum-
ing equipartition of energy between electric and magnetic fields, with 10% of
the thermal shock energy in each field, we obtain a very low density medium,
having nISM <∼ 0.35 cm−3, around both the SNe. In terms of Ṁ this implies
an upper limit of 10−9 M� yr−1for a wind velocity, vw, of 100 km s−1. This
study suggests that in SN shocks it is more likely that the amplification effi-
ciency of magnetic fields is less than that for the electric fields. In Paper II, we
carry out the hydrodynamical simulations of the interaction between SN ejecta
and CSM for SN 1993J and SN 2011dh. Subsequently, the radio and X-ray
emission have been calculated from the shocked gas encapsulated between the
forward and reverse shocks. Considering the ejecta profile of these SNe from
multi-group radiation hydrodynamics simulation (STELLA), it is found from
our investigation that for a wind velocity of 10 km s−1 around 6500 years prior
to the explosion of SN 1993J a change in mass loss rate occurred in the sys-
tem. For a binary system this may imply that the change in Ṁ could be due
to a change in the mass accretion efficiency of the companion star. In case of
SN 2011dh the late time emission is turned up to be consistent with a wind
medium with Ṁ/vw = 4× 10−6 M� yr−1/10 km s−1. Paper III focuses on the
radio emission from four young SNe Type Ia, SN 2013dy, SN 2016coj, SN
2018pv and SN 2018gv. Using the same model for radio emission as in Pa-
per I, the upper limits on Ṁ and nISM are estimated. We found tenuous media
around these SNe, which put tight constrain on their progenitor systems.
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1. Introduction

Supernovae (SNe) are massive destruction of stars. There exist different mech-
anisms which could potentially lead to a successful disruption. Stars with main
sequence (MS) masses more than 8 M� can burn their hydrogen, present in the
core, all the way up to 56Ni which subsequently decays into 56Fe. The pres-
ence of this iron core indicates the end of the star life. Photo-disintegration of
56Fe and electron captures on free and bound protons remove thermal pressure
support from the iron core. This triggers the collapse, which continues as long
as the central density is less than nuclear density, ρnu, ∼ 2×1014 g cm−3. Once
the density of the inner part of the core is above ρnu the collapse of the inner 10
km region is ceased and a shock is formed. A powerful shock then can destroy
the rest of star leaving behind a compact object, a neutron star or a black hole.
This kind of destruction is called core collapse explosion.

Stars with masses < 8 M� can not go beyond carbon burning phase, and
instead become a degenerate white dwarf (WD). With the help of a companion
these WDs can result in a successful thermonuclear explosion. There are two
well know formation channels which could lead to a destruction, namely the
single degenerate (SD) and double degenerate (DD) channel. In the former
case the WD accretes matter from a main sequence (MS) or an asymptotic
giant branch star and gets close to the Chandrasekhar (CH) limit (' 1.4 M�).
Close to this limit the central density is high enough to trigger carbon burning.
For degenerate matter, pressure does not depend on temperature. Therefore the
nuclear burning at the center leads to a thermonuclear runway which unbind
the star completely (Whelan & Iben 1973). In the DD channel two WDs, with
total mass being more than the CH limit, spiral each other and gravitational
waves are emitted. Because of this radiation the orbital separation between
them reduces and eventually the merger leads to a successful explosion under
right physical conditions (Iben & Tutukov 1984; Webbink 1984).

During the explosion a variety of elements are produced. The abundance
of these elements depends on the explosion mechanisms as well as on the evo-
lution of the star before it explodes. One of the important elements produced
in the explosion is radioactive 56Ni, which powers the peak of the optical light
curve. The shape of this light curve could be different depending on different
progenitors. According to these light curves, and the presence or absence of a
few important elements in the optical spectra, SNe are classified into different
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types and subtypes, which we will discuss next.

1.1 Classification of Supernova

Primarily SNe are categorized into two classes, type I and type II, based on
Hα feature. The former one lacks any trace of hydrogen while the spectra of
type II show prominent Hα lines. The thermonuclear runway of WDs, called
Type Ia explosion, show no presence of hydrogen in their early spectra. They,
however, exhibit a strong Si II λ6150 line which is absent in other Type I SNe,
namely Type Ib and Ic. The distinguishing feature between Type Ib and Ic is
He I lines which appear in the spectra of Type Ib and have no sign in the later.
The early time spectra of different types of SNe are shown in the left panel of
fig. 1.1. It can be seen from the figure that the spectra of Type II are dominated
by hydrogen, whereas the spectra of Type Ia consist mainly Fe, Si lines. The
Type II and Ib/c SNe are core collapse explosions of massive stars whereas the
Ias are due to thermonuclear runaway of WDs.

Apart from differences in the spectra, the light curves of different types of
SNe are distinctly different. The right panel of fig. 1.1 displays the light curves
resulted from different types of progenitors and explosions. Among type II
SNe the most frequent one is Type IIP. Their light curves are characterized
by a nearly constant luminosity for an extended period after the maximum.
Another class of SNe, which is less frequent than IIP, is Type IIL. In this case,
after the peak, the light curve decreases linearly in magnitude. Beside this
there is another type of core collapse explosion, called type IIb, where the
progenitor is almost stripped of all of its hydrogen. Therefore the early spectra
show the presence of hydrogen, but gradually this signature disappears and the
spectra become similar to that of Type Ib SNe.

A subtype of Type II SNe is Type IIn. These SNe show interaction with
dense circumstellar medium (CSM) and narrow Hα lines with broad wings.
This classification scheme is illustrated in fig. 1.21. For a SN the typical
explosion energy, Eexp, is ∼ 1051 erg. However, there are super-luminous SNe
which have Eexp ∼ 1053erg (Gal-Yam 2012). A few Type Ib/c and IIn SNe are
found to have Eexp more than 1052 erg. They are sometimes called hypernovae.

1.2 Progenitor Star

Supernovae are very energetic events, with Eexp ∼ 1051 erg, and could be ob-
served at different wavelengths. However, it is difficult to determine what type
of star has exploded and whether the star was a part of a binary system. The

1Figure from http://astronomy.swin.edu.au/cosmos/S/Supernova+Classification
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Figure 1.1: Early time spectra (upper panel) and light curves (lower panel) of
different types of SNe. Figure from Filippenko (1997).
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Figure 1.2: Classification of different types of SNe according to light curves and
spectral features1.

direct method is to search in pre-explosion images of the host galaxy around
the explosion site. But as these stars are usually faint and very distant objects
this is not an efficient way to look for the progenitors. For relatively close
by SNe this kind of searches could put constrains on the progenitor star mass
(e.g., see Li et al. (2011) for SN 2011fe), luminosity of a companion (e.g., see
Kelly et al. (2014) in case of SN 2014J) etc.

Important information about the progenitor can be extracted from the CSM
which is the immediate surroundings of the star. The density of this medium
carries the signature of the parent star. During the evolution a star usually loses
a fraction of its envelope through winds. For a binary system mass loss may
also occur through Roche Lobe overflow. When the high velocity SN ejecta
interact with the surrounding medium strong shocks are formed. These shock
fronts are often bright in radio and at X-ray frequencies. The strength of this
emission depends on the density of the CSM. Therefore, a comparison of the
observed radio and X-ray fluxes with the models provides an estimate of the
CSM density.

One of the very well observed SNe in radio is SN 1993J (Bartel et al. 2000,
2002; Bietenholz et al. 2010; Chandra et al. 2004; Marcaide et al. 1995a,b,
1997, 2009; Martí-Vidal et al. 2011; Pooley & Green 1993; van Dyk et al.
1994; Weiler et al. 2007). The Very Long Baseline Interferometry (VLBI)
images of this SN taken at 8.4 GHz are displayed in fig. 1.3 (Bartel et al.
2000). The evolution of the radio shells are shown from 50 days to 5 years
since the explosion. In chapter 3 the modeling of the radio emission from
circumstellar (CS) interaction is described in detail.
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Figure 1.3: VLBI images of SN 1993J at 8.4 GHz from 50 to 1893 days after
the explosion. Figure from Bartel et al. (2000).
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2. Circumstellar Interaction

After the explosion the outer part of the SN ejecta move supersonically. Usu-
ally the velocity of the CSM is much less than that of the ejecta. Therefore,
when the ejecta interact with this nearly stationary surrounding a strong shock
is formed. This outgoing shock, known as the forward shock, sweeps up the
surrounding material into a thin shell. The pressure behind this shock is very
large. As a result of that a reverse shock is launched into the ejecta. In gen-
eral, the density of the ejecta is much higher than that of the ambient medium.
Therefore, the reverse shock, which moves inward in mass, is much slower
compare to the outgoing one, and the temperature behind the shock is low.
This can make the reverse shock radiative. In between the two shocks there
exists a contact discontinuity. A schematic diagram of the interaction is shown
in Fig. 2.1 (Lundqvist & Fransson 1988).

The density profiles of both ejecta and surrounding medium play an im-
portant role in shock dynamics. We discuss these structures in the next two
sections.

2.1 Ejecta Structure

Within the first day after the explosion the density profile of the ejecta is set
up and the SN starts to expand homologously. In this phase vej(m) ∝ r(m),
where ve j(m) is the velocity of an ejecta shell having mass m and r(m) is the
corresponding radius of that shell. The inner part of the ejecta is expected to
have a flat density profile. The outer structure could be described by a steep
power law. This outer part of the ejecta interacts with the ambient medium
and results in radiation at different wavelengths. Therefore, the structure of
outer region plays an important role in predicting the observed emission. If ρej
represents the ejecta density, as a function of radius, r, we can write the density
of the outer edge of the ejecta as ρej ∝ r−n, where n is the power law index.

As density of the outer layer of a star decreases with radius, the SN shock
wave accelerates when it moves through it. The power law index of the outer
part of the ejecta depends on the nature of the star. For a star with a convective

7



Figure 2.1: Interaction of SN ejecta with CSM. The figure is not to scale and the
different length scales written in the picture demonstrate the extent of different
type of region, e.g. the fully ionized H II and neutral H I medium. The boundary
marked with τ f f ∼ 1 indicates the region where the free free optical depth for the
radio emission is ∼ 1. Figure from Lundqvist & Fransson (1988).

(radiative) envelope n is found to be around 12 (10.2).
The density of ejecta material decreases as t−3 where t represents the time

since explosion. Therefore, the density of the outer part can be written as

ρej = ρo

( r
vot

)−n ( t
to

)−3
. (2.1)

This profile applies up to the end point of the ejecta which is moving with a
maximum velocity of vmax. Here, ρo represents the density of the ejecta at a
radius ro, corresponding to a velocity of vo, at time to. The above equation
is mainly valid for SNe for which the explosion energy is produced at the
center of the star. This is usually true for core collapse SNe and sometimes
for thermonuclear explosion. According to the current understanding a Type
Ia SN can also be a result of two successive explosions; first a detonation at the
outer edge of the WD, followed by a second detonation close to the core. This
is called double detonation model (Benz 1997; García-Senz et al. 1999; Livne
1997; Livne & Arnett 1995). For this kind of asymmetric explosion the ejecta
structure may be different from that written here.

Numerical simulations based on stellar evolution, radiation hydrodynam-
ics and radiative transfer have found that the ejcta structure of a SN could
be complicated (Blinnikov et al. 2000, 1998, 2006; Dessart et al. 2018). The
ejecta structure of SN 1993J and SN 2011dh, evaluated using the multi-group
radiation hydrodynamics simulations (STELLA), at day 1 past the explosion
are shown in fig.2.2 with solid lines. The stellar model used here for both SNe
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Figure 2.2: Ejecta structure of SN 1993J (left panel) and SN 2011dh (right
panel), evaluated using STELLA, in solid lines. The fitted curves to the ejecta
profiles are shown in dashed lines. Figure from PAPER II.

1993J and 2011dh was derived from model 13C of (Woosley et al. 1994). In
the 13C model the primary is part of a binary system with a main sequence
mass of 13 M�, while the companion is a 9 M� star, and the initial separation
between the two stars is 4.5 AU. Because of binary interaction the progenitor
loses most of its hydrogen envelope before the explosion. As a result the pre-
SN star has a radius of 4.33× 1013 cm, a hydrogen envelope of 0.2 M� and a
helium and heavy element core of 3.71 M�.

2.2 Ambient Medium

Massive stars lose a fraction of its envelope mass through winds. The velocity
of the wind and the rate at which mass is lost vary between different evolu-
tionary stages. In case of a main sequence (MS) or blue supergiant (BSG) the
mass loss rate (Ṁ) is ∼ 10−6 M� yr−1 and the typical wind velocity (vw) is be-
tween 1000 - 3000 km s−1. For these stars the wind is driven radiatively, i.e.,
the atmospheric gas gets accelerated mainly through absorption and scattering
of spectral lines. This happens as momentum is transferred from photospheric
photons to the metals present at the atmosphere of the star (Castor et al. 1975;
Vink et al. 2000). The radiation force for hot stars is mainly caused by spectral
lines, with some small contribution from electron scattering.

For red super giants (RSGs) the ambient medium is comparatively more
dense than that around BSG/MS. The Ṁ and vw for RSGs are in the range
10−6−10−5 M� yr−1 and 10 - 50 km s−1. However, what does cause this out-
flow in this phase is not well understood and in general thought to be driven
by the dust. It is believed that at the very late RSG stage the stars under-
goes super-wind phase, with Ṁ ∼ 10−4 − 10−3 M� yr−1. Stars like VY CMa,
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IRC10420 and NML Cyg fall in this category. As Ṁ is high and the number of
stars being observed in the super-wind phase is small it is expected that this is
a short-lived phase with a duration of ∼ 104 yrs. The origin of this high mass
loss at the end of RSG phase is not clear. However, Heger et al. (1997) found
that large amplitude pulsation before the RSG explodes as a SN could result in
a super-wind.

Eventually, massive stars evolve into the Wolf-Rayet (WR) phase with its
hydrogen envelope almost completely striped off. These stars have Ṁ ∼ 10−5

M� yr−1 and much higher wind velocity in the range 2000-5000 km s−1. In
this case the wind could be driven by radiation, and the pulsation instabilities
may play important role in initiating the blow.

If the mass loss parameters (Ṁ and vw) remain constant before the explo-
sion, the density of CSM as a function of radius, r, can be written as

ρCSM =
Ṁ

4 π r2 vw
. (2.2)

The above equation defines the ambient medium density mainly around the
core collapse SNe (type II and type Ib/c). In case of type Ia the density of cir-
cumbinary medium is usually expected to be described by the above equation
for the ones which originate from SD channels. However, for spin up/down
model this is not true. In this model a WD accretes matter from a non degener-
ate companion and spins up. After the mass transfer is ceased, the WD starts to
spin down by losing or redistributing angular momentum, and finally results in
an explosion when the central density becomes high enough to ignite carbon
at the center (Hachisu et al. 2012a,b; Justham 2011). Ilkov & Soker (2012)
estimated that for a weakly magnetised WD the spinning down time could be
> 109 yrs. This time span is enough to allow the ambient medium created by
the progenitor mass loss to diffuse into the ISM. Therefore the WD eventually
explodes in a constant density medium, similar to ISM.

The second well known formation channel, the DD channel, for Type Ia
predicts a clean environment, which is characteristic of ISM, around the pro-
genitor system. For this kind of progenitor system and spin up/down model
the density of the ambient medium could be given by

ρCSM = nISM µ (2.3)

where nISM represents the particle density, which is a constant, and µ is the
mean atomic weight of the surrounding medium. Therefore, we can write the
density of the ambient medium as

ρCSM = A r−s. (2.4)
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Here s =2 (or 0) for a wind (or constant density) medium and A = a constant =
Ṁ

4πvw
(or nISM µ). This structure prevails beyond a radial distance Ro which is

close to the radius of the pre-SN star.

2.3 Shocks

If a fluid is disturbed, the information can be communicated to the undisturbed
fluid with the speed of sound, cs, which can be written as,

cs =

√
dp
dρ

(2.5)

where ρ and p represent the density and the pressure of the fluid. If the dis-
turbance propagates with a speed V > cs, the undisturbed fluid in the upstream
cant not get time to adjust with the obstacle and hence the upstream fluid re-
mains undisturbed until the obstacle reaches it. This kind of disturbance is
called shock and can be regarded as a sharp discontinuity. The sonic Mach
number of a flow is represented as following

Ms =
V
cs
. (2.6)

For a shock the flow is supersonic, i.e., Ms > 1. The schematic diagram of a
plane shock propagating along x direction, having an infinitesimal width dx, is
shown in fig. 2.3. The velocity, pressure and density in the upstream region,
which is the unshocked region, are represented by u1, p1 & ρ1. The post shock
region, i.e., the downstream, is characterised by u2, p2 and ρ2. These quantities
are being refereed with respect to the shock frame.

The shock can be treated as a discontinuity with an infinitesimal width dx.
It is expected that mass, momentum and energy should be conserved across
the shock. The continuity equation across the shock in the x direction is

∂ρ

∂t
+
∂(ρux)
∂x

= 0. (2.7)

Integrating the above equation over dx and considering that mass does not
accumulate in this infinitesimal layer (i.e. ∂

∂t

∫
ρdx = 0, which means incoming

mass flux = outgoing mass flux) we get

ρ1u1 = ρ2u2. (2.8)

Applying conservation of momentum and energy across the shock one would
find

ρ1u2
1 + p1 = ρ2u2

2 + p2 (2.9)
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Figure 2.3: Propagation of fluid, in the rest frame of shock, from left to right
along x direction. The shock is represented by a discontinuity which is having
an infinitesimal width of dx. The velocity, pressure and density ahead of the
shock (upstream region) are represented by u1, p1 & ρ1 and that behind the shock
(downstream region) are u2, p2 and ρ2. The physical quantities are referred with
respect to the shock frame. Figure from Clarke & Carswell (2007).

and
1
2

u2
1 +

p1

ρ1
+ ε1 =

1
2

u2
2 +

p2

ρ2
+ ε2. (2.10)

Here ε represents the internal energy per unit mass. Eqns. 2.8, 2.9 and 2.10 are
known as Rankine-Hugoniot relations. For a strong adiabatic shock, i.e. when
p2 >> p1 (which means Ms >> 1), eqn. 2.8 gives

ρ2

ρ1
→

γ+ 1
γ−1

. (2.11)

For a monoatomic gas the adiabatic index γ = 5/3. Therefore, if the nature of
the gas remains same before and after the shock, for monoatomic gas

ρ2

ρ1
= 4. (2.12)

The shock compression ratio, η, is defined as

η =
ρ2

ρ1
. (2.13)

Therefore, for an adiabatic shock with Ms >> 1 and γ = 5/3 η = 4.
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2.3.1 SN shock structure and evolution

As a result of core collapse, in case of of core collapse SNe, or explosive car-
bon burning at the center of a WD, shock waves are created. These shocks are
radiation dominated, and for a successful explosion, propagate from the core
to the surface of the star. When the shock is in the stellar interior the optically
thick gas could trap the radiation, but as it reaches the optically thin gas near
the surface of the star a radiative precursor is formed. When the front part
of this precursor reaches the surface radiation starts to escape from the shock
front and results in a UV outburst. Unshocked gas ahead of shock is preheated
and preaccelerated by the escaping radiation. As a result the shock front dies
out. However, as the shocked gas moves through the preaccelerated material a
dense shell is formed which results in a viscous shock as the shell moves for-
ward supersonically into the slower moving layers (Ensman & Burrows 1992).

Shortly after the UV outburst, free/homologous expansion of the ejecta is
established, and the SN moves forward with a velocity >

∼ 104 km s−1 (Cheva-
lier 1976). In the free expansion phase velocity (v) is proportional to radius
(r), i.e., v = r/t, where t is the time since explosion. If the dense shell is
unimportant, the density of the outer part of the ejecta in this phase can be
well approximated by eqn. 2.1. For most of the cases the velocity of ambient
medium (see § 2.2) is much lower than the ejecta velocity. The interaction
of the high velocity ejecta with the nearly stationary ambient medium creates
two shock waves; one of them propagates into the CSM, called the forward
shock, and the second one is driven back into the ejecta, known as the reverse
shock. As a result, between the two shocks, a shell is formed which contains
shocked circumstellar matter and the shocked outer layer of ejecta (see fig.
2.1). These two shocked regions are separated by a contact discontinuity. The
interaction of a power law ejecta with a power law ambient medium is found
to be described by a self similar solution (Chevalier 1982a). However, in case
of a non-power law ejecta and CSM profiles the shocks no longer follow self
similar structures, and one requires to perform hydrodynamical simulations to
determine the evolution of the shocks. In PAPER II the ejecta structures of SN
1993J and SN 2011dh were taken from numerical simulations STELLA (see
fig.2.2). Therefore, we performed hydro simulations to calculate the shock
structures. The details about this hydro simulation is given in §5. In PAPER
I we assumed that the SN-CSM interaction can be described by a self-similar
solution. Here we present a simple derivation of the shock evolution. More
details about the self-similar structure can be found in (Chevalier 1982a).

Suppose the shocked gas is encapsulated in a thin shell of radius Rsh. As
the shell moves forward it interacts with more matter and decelerates. From
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the pressure difference across the shell we can write

(M1 + M2)
d2Rsh

dt2 = 4πR2
sh (P2−P1) (2.14)

(Chevalier 1982b). Here M1 is the swept up CS mass which can be written as

M1 =

∫ Rsh

Ro

ρCSM 4πr2 dr =
4π A

(3− s)
(R3−s

sh −R3−s
o ). (2.15)

After a few expansion times it is expected that Rsh >> Ro. As s < 3, we get

M1 =
4π A

(3− s)
R3−s

sh . (2.16)

M2 represents the swept up ejecta mass. Therefore, with R′ = vmaxt we write

M2 =

∫ R′

Rsh

ρej 4πr2 dr =
4 π ρo

3−n
vn

o t3
o tn−3 (R3−n

sh −R′3−n). (2.17)

The highest velocity of the ejecta, vmax, before the interaction is not known.
However, one could expect that R′S (≡ vmaxt) >> Rs. For SN ejecta n ∼ 10 - 12
(Chevalier & Fransson 2017; Matzner & McKee 1999). Thus, with n > 3 we
get

M2 =
4 π Γ

n−3
tn−3 R3−n

sh (2.18)

where we define
Γ = ρo vn

o t3
o. (2.19)

In eqn. 2.14, P1 and P2 are the pressures at the outer and inner shock waves.
That means

P1 =

(
ρCSM

)
Rsh

(dRsh

dt

)2
= A R−s

sh

(dRsh

dt

)2
(2.20)

And

P2 =

(
ρej

)
Rsh

(Rsh

t
−

dRsh

dt

)2
= Γ R−n

sh tn−3
(Rsh

t
−

dRsh

dt

)2
. (2.21)

Here Rsh
t is the unshocked ejecta velocity just behind the reverse shock, which

is the inner radius of the shell. Therefore with eqns. 2.16, 2.18, 2.20 and 2.21
eqn. 2.14 becomes

{ 4π A
(3− s)

R3−s
sh +

4 π Γ

n−3
tn−3 R3−n

sh

} d2Rsh

dt2 = 4πR2
sh

{
Γ R−n

sh tn−3
(Rsh

t
−

dRsh

dt

)2

−A R−s
sh

(dRsh

dt

)2}
.

(2.22)
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The above equation has a solution of the form Rsh = ktm, where k and m
are constants. Putting this into eqn. 2.22 and equating the power of t on both
sides we get

m =
n−3
n− s

. (2.23)

And we also get the following:

k =

( (4− s)(3− s)Γ
(n−4)(n−3)A

)1/(n−s)
(2.24)

Therefore, shell radius has the form

Rsh =

( (4− s)(3− s)Γ
(n−4)(n−3)A

)1/(n−s)
t(n−3)/(n−s). (2.25)

The inner density profile of a SN is flatter than for the outer ejecta, and can be
written as

ρin ∝ r−δ (2.26)

where 0 ≤ δ ≤ 3. If we assume that the density of ejecta has an index n (∼
10−12) beyond a vo we obtain

vo =

(2 Eexp (5−δ) (5−n)
Mexp (3−δ) (3−n)

)1/2
(2.27)

where, Mexp and Eexp are the total mass and kinetic energy of explosion, re-
spectively.

The velocity of the circumstellar or forward shock, vs, is given by

vs =
dRsh

dt
=

(n−3
n− s

) Rsh

t
∝ t(s−3)/(n−s) (2.28)

and the maximum unshocked ejecta velocity close to the reverse shock is

vej =
Rsh

t
=

(n− s
n−3

)
vs ∝ t(s−3)/(n−s). (2.29)

Therefore the reverse shock velocity can be written as following

vrev = vej− vs =

(3− s
n−3

)
vs ∝ t(s−3)/(n−s) (2.30)

Using eqn. 2.25 the ratio of mass, density, temperature in each component of
the shell are

M1

M2
=

4− s
n−4

(2.31)
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ρ1

ρ2
=

(4− s)(3− s)
(n−3)(n−4)

(2.32)

T1

T2
=

(n−3
3− s

)2
(2.33)

Here ρ1, T1 represent the density and the temperature behind the forward shock
and ρ2, T2 are that behind the reverse shock. Considering self similar structure
with n = 7 and s = 2, the profiles of density, velocity and pressure in the shell
are represented in fig. 2.4 (Blondin & Ellison 2001).

Eqn. 2.32 shows that the density of swept up ejecta is much higher than
swept up CS material, i.e., ρ2 >> ρ1, for n > 7. Also from eqn. 2.33 T2 < T1.
Therefore, material behind the reverse shock may cool radiatively. Moreover,
the shocked ejecta are found to develop Rayleigh-Taylor (RT) instabilities
(Chevalier et al. 1992). The instabilities arise due to the fact that high den-
sity material behind the reverse shock gets slowed down by the low density
gas behind the forward shock. Fig. 2.5 demonstrates the growth of the insta-
bilities for different values of effective adiabatic index1 of the gas (γeff). It is
simulated assuming n = 7 and s = 2.

The thin shell approximation differs by around 30% from self similar so-
lution.

2.3.2 Free expansion time scale

The free expansion phase of a SN continues as long as the reverse shock re-
mains in the outer power law part of the ejecta. Beyond this phase the SN
evolves into Sedov-Taylor phase. The duration of free expansion phase (TFE)
can be given by

TFE = Λ
1

(3−s) ζ
n−s
3−s
2 v

s
3−s
o,e j (2.34)

where

Λ =
4π
θ

(3− s
n−3

) ρo,e j

β

ζ3−n
2

ζ3−s
1

r2−s
o,w (2.35)

(Kundu et al. 2017). Here β = Ṁ/vw (nISM) for a wind (constant density)
medium. vo,e j and ρo,e j represent the velocity and the density of the extreme

1For higher efficiency of particle acceleration, radiative losses and escape of accelerated
particles from the shock fronts the shocked gas behaves like a gas with an effective adiabatic
index < 5/3.
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Figure 2.4: The profiles of density, velocity and pressure in the interaction shell
are represented considering n = 7 and s = 2 in self similar solution. The posi-
tions of the reverse shock, contact discontinuity and forward shock are shown.
The shocked ejecta and shocked CSM are separated by the contact discontinuity.
The scaling of X-axis is according to the forward shock position, i.e., R1 is the
position of the forward shock. The pressure, velocity and density are scaled with
respect to their values just behind the forward shock. Figure from Blondin &
Ellison (2001).

Figure 2.5: Rayleigh- Taylor (RT) instabilities in the shocked ejecta as a function
of effective adiabatic index γeff . The finger like features are the characteristic of
RT instability. The colour scale represents the density of the gas. It is scaled with
respect to the CSM density immediately surrounding the forward shock front.
Note how the RT protrusions reach all the way to the forward shock for low
values of γeff . The figure is obtained from John Blondin.
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outer part of the inner ejecta. θ is the ratio between swept up ejecta and cir-
cumstellar mass. ζ1 = Rsh/rc and ζ2 = rrv/rc where Rsh, rc and rrv being the
forward shock, contact discontinuity and reverse shock radii and ro,w repre-
sents a reference radius.

2.3.3 Particle Acceleration and Magnetic Field Amplification

Shocks are ideal places for effective particle acceleration to occur. According
to diffusive shock acceleration (DSA) theory, particles move back and forth
across the shock front and gets accelerated (Bell 1978). The escape of parti-
cles in the upstream region is prevented by the Alfvén waves created by the
particles themselves. These waves scatter the particles back into the down-
stream region. As a fact of this the particles remain bounded between the two
region. This results in a particle spectrum f (p) ∝ p−3η/(η−1), where p is the mo-
mentum. For a strong shock with γ = 5/3 f (p) ∝ p−4. Fig. 2.6 shows the time
evolution of both electron and proton momentum behind the shock (Park et al.
2015) from particle in cell (PIC) simulations. Here f (p) is multiplied by p4 to
make visible the scaling with respect to the DSA theory which predicts a p−4

spectrum for accelerated particles. The dashed lines show the Maxwellian,
i.e., the thermal distribution of both species in their respective plots. Here t
represents time and ωpe =

√
4πnee2/me is the electron plasma frequency. ne

and me are the electron number density and mass, respectively. In fig. 2.6 the
spectrum is simulated considering a reduced mass ratio between proton and
electron: mp/me = 100.

Beyond the Maxwellian peak the spectra follow the expected p−4 profile.
As visible in the figure with time the maximum energy of particles increases.

The ratio between non-thermal electron to proton can be written as Kep ≡

fe(p)/ fp(p). As accelerated electrons and protons have same spectral index
Kep is independent of p. Park et al. (2015) found that for mp/me = 100 and
vu = 0.1c Kep ' 3.8×10−3, where c is the velocity of sound in vacuum. For a
shock with a compression factor of η and shock velocity of vs, vu =

(η−1)
η vs. Ac-

cording to recent PIC simulations, in shocks, which are parallel/quasi-parallel
to background magnetic field, protons are injected in the DSA after they gain
injection momentum pinj ≈ 2.5mpvs via shock drift acceleration mechanism
(SDA) (Caprioli et al. 2015; Caprioli & Spitkovsky 2014a; Park et al. 2015).
Here mp is the proton mass. For electrons the momentum is a factor mp/me

smaller compare to protons. Thus it is difficult for electrons to achieve the
injection momentum pinj. Therefore, it is expected that more protons over
electrons will be accelerated in the shock fronts. This makes Kep much smaller
than 1. Further, Park et al. (2015) checked the effect of mp/me on the electron
to proton ratio of accelerated particles considering mp/me = 400. For this value
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Figure 2.6: Time evolution of downstream (a) proton and (b) electron momen-
tum spectra multiplied by p4. The dashed line show the Maxwellian (thermal) fit.
The flat part in both plots demonstrate the distribution of non-thermal particles.
Both accelerated electrons and protons are found to follow the DSA prediction,
i.e., f (p) ∝ p−4. Figure from Park et al. (2015).

of mp/me they found Kep ≈ 5.5×10−3.
From the momentum distribution, the energy distribution f (E) can be esti-

mated as
f (E)dE = 4πp2 f (p)dp⇒ f (E) = 4πp2 f (p)

dp
dE

(2.36)

where E represents the energy of the particle. For non-relativistic particles
E =

p2

2m where m is the mass of the particle. Therefore, we get

f (E) ∝ E−1.5. (2.37)

In case of relativistic particles E ∝ p. This gives us,

f (E) ∝ E−2. (2.38)

The shock velocity profile could be affected significantly by the presence
of accelerated ions. Initially the shock is considered to be discontinuous, how-
ever, for DSA this kind of structure can not conserve energy and momentum
simultaneously. As a result the shock profile gets modified by super-thermal
ions, and a smooth structure is created along with a subshock. This is demon-
strated in fig. 2.7 (Ellison & Reynolds 1991) for different maximum energies
(10, 102, 103, 104, 105 and 106 MeV from right to left) up to which protons
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Figure 2.7: Shock structure in a plane parallel shock with Ms ∼ 100 for different
maximum energies (10, 102, 103, 104, 105 and 106 MeV from right to left) up to
which protons were accelerated in the Monte Carlo simulations done by Ellison
& Reynolds (1991). As the cutoff energy increases, the shock becomes smoother
for larger distances. The Y axis is scaled with respect to the shock velocity
U1 = 2× 104 km s−1, which is considered to be constant in the simulation. The
upstream proton temperature is assumed to be 1×106 K. Here λ0 represents the
scattering mean free path of the particle and is ∝ Rrig, where Rrig is the rigidity of
the particle.

are accelerated in the Monte Carlo simulation done by Ellison & Reynolds
(1991). The subshock is having a compression factor ' 3. Therefore, low en-
ergy particles scattering across the subshock experience a lower compression
ratio and thus results in a steep spectrum with a power law index for the energy
distribution > 2. The high energy particles which scatter across the main shock
can feel a higher compression factor and produce a particle spectrum similar
to eqn. 2.38. However, escape of high energy particles from the shock fronts
can produce a steep particle spectrum. Beside this when synchrotron or inverse
Compton cooling is important the the index of the integrated particle spectrum
becomes steepen by E−1.

From hybrid simulations Caprioli & Spitkovsky (2014a) found that for a
shock with Mach number1 M ∼ 100 effective particle acceleration took place
when the background magnetic field is parallel/quasi-parallel to the shock nor-
mal. In this case, a maximum of 10-20% (≡ ξcr) of post shock energy can be
converted to energetic particles. The acceleration efficiency is insignificant for
quasi-perpendicular shocks.

It is found from PIC simulations that magnetic field amplification is corre-

1Here M = MA, which is the Alfvénic Mach number, ' Ms
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lated with particle acceleration efficiency (ξcr) and M (Caprioli & Spitkovsky
2014b). For effective acceleration the amplification is also significant. The
relevant physical quantities for a shock having M = 100 are demonstrated in
fig. 2.8 (Caprioli & Spitkovsky 2014b) as a function of distance x at time
t = 200ω−1

c . From top to bottom panels the quantities are: parallel component
of ion momentum, density of ion, total magnetic field amplification, compo-
nent of magnetic field in parallel, and out of plane direction, and velocity of
Alfvén waves. t is measured here in units ofωc, and for a background magnetic
field of Bo and ion mass of mion, this ωc can be written as

ω−1
c =

c mion

e Bo
(2.39)

where Bo and e being the modulus of Bo and electric charge. The second
panel in fig. 2.8 depicts that the asymptotic compression factor of ' 4 has been
reached in the downstream region x <∼ 5000 c/ωp, where ωp is the ion plasma
frequency.

An important physical quantity here is the Alfvénic Mach number, which
can be given by

MA =
vs

vA
(2.40)

where vA is the Alfvénic speed and can be written as

vA =
B

√
4πmionnion

. (2.41)

B and nion represent the upstream magnetic field strength and the ion density,
respectively. The ions considered are having thermal velocity ' vA, therefore,
Ms ' MA.

As ions are accelerated across the shock front, magnetic field in the up-
stream region gets amplified. This affects the shock transition properties. A
filamentary structure and cavities can be noticed in the upstream region for
x >∼ 8000 c/ωp in fig. 2.8 and are found to be associated with high Mach num-
ber shocks. In the region 5000 c/ωp <∼ x <∼ 8000 c/ωp the energy in the ac-
celerated particles is significantly large compare to the energy in thermal and
magnetic components. This effect modifies the shock hydrodynamics in the
region 5000 c/ωp <∼ x <∼ 8000 c/ωp, which represents the cosmic ray induced
precursor.

The amplification of magnetic field increases with Mach number of the
shock. The total average amplified magnetic, Btot, in a parallel/quasi-parallel
shock can be written as 〈Btot

Bo

〉2
≈ 3 ξcr M̃A (2.42)
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Figure 2.8: Relevant physical quantities across shock transition as a function of
x in units of c/ωp at time t = 200ω−1

c . From top to bottom panels the quantities
are: parallel component of ion momentum, density of ion, total magnetic field,
component of magnetic field in parallel, and out of plane direction, and velocity
of Alfvén waves. Figure from Caprioli & Spitkovsky (2014b).
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Figure 2.9: Total amplification of magnetic fields, from PIC simulations, as a
function of MA is shown with stars. The dashed line demonstrates the prediction
from resonant streaming instability for ξcr = 0.15, i.e., the dashed line corre-

sponds to
〈

Btot
Bo

〉2
= 0.45 MA. Figure from Caprioli & Spitkovsky (2014b).

(Caprioli & Spitkovsky 2014b) where M̃A = (1+1/η)MA is the Alfvénic Mach
number in the shock reference frame. Considering ξcr = 0.15 and for a strong
shock with η = 4 〈Btot

Bo

〉2
≈ 0.45 MA. (2.43)

In fig. 2.9 the results from PIC simulation regarding the total amplification of
magnetic field as a function of MA are shown with stars (Caprioli & Spitkovsky
2014b). The dashed line depicts the prediction from resonant streaming insta-
bility (Bell 1978) for ξcr = 0.15. From the figure it is clear that the results of
hybrid simulations are in good agreement with the theoretical prediction from
resonant streaming instability.
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3. Radio and X-ray emission

3.1 Radio: Synchrotron Emission

At the shock front the radio emission is mainly due to synchrotron radiation.
Relativistic particles gyrate around the magnetic field which causes them to
radiate part of their energy. This emission is called synchrotron radiation. The
schematic diagram of synchrotron emission from a charged particle having a
pitch angle α is shown in fig. 3.1. The pitch angle (α) is the angle between the
particle velocity and magnetic field vector.

Let us consider the motion of a relativistic electron of rest mass me and
Lorentz factor γe, corresponding to a velocity ve, in a uniform magnetic field
B. We can write,

d
dt

(γemeve) =
e
c

ve×B (3.1)

and
d
dt

(γemec2) = 0. (3.2)

From eqn. 3.2 we get ve = constant, where ve is the modulus of ve. Now taking
components of ve parallel (ve||) and perpendicular (ve⊥) to B we get,

dve||

dt
= 0,

dve⊥
dt

=
e ve⊥ ×B
γemec

. (3.3)

This implies a uniform circular motion of the projected motion of the electron
in a plane whose normal is parallel to B. Moreover, the acceleration of the
electron is perpendicular to ve and has a constant magnitude. Hence the re-
sultant motion will be a helical motion. Fig. 3.2 demonstrates such a helical
motion motion of a charged particle having a velocity v, with components v||
and v⊥, in a uniform magnetic field B. The gyration frequency, ωB, of this
motion is given by

ωB =
e B

γe me c
. (3.4)

The acceleration in the parallel and perpendicular directions has a magnitude
of zero and ωBve⊥ , respectively. Therefore, the total emitted power can be
written as

Psync =
2 e4

3 c5

γ2
e B2 v2

e⊥

m2
e

. (3.5)
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Figure 3.1: Synchrotron emission from a charged particle having a pitch angle α
in a magnetic field B. The emission is confined within the shaded region. Figure
from Rybicki & Lightman (1979).

Figure 3.2: Helical motion of a charged particle having a velocity v, with com-
ponents v|| and v⊥, in a uniform magnetic field B. a represents the acceleration
of the particle. Figure from Rybicki & Lightman (1979).
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Here ve⊥ = cos(α) ve, where α is the pitch angle. In an isotropic velocity field
averaging over all pitch angles for a given β = ve/c we get

Psync =
4
3

c σT β
2 γ2

e uB (3.6)

where σT = 8π
3 r2

o = 8π
3

(
e2

mec2

)2
is the Thomson scattering cross section for elec-

trons. uB = B2

8π is the magnetic energy denisty.
The critical frequency (ωc) of synchrotron radiation is given by

ωc =
3
2
γ3

e ωB sin(α). (3.7)

3.1.1 Synchrotron Self-Absorption

Every emission process is accompanied with an absorption process. For syn-
chrotron emission the emitted radiation can be absorbed, in the presence of
a magnetic field, by the same particle population which is emitting the radi-
ation. This process is called synchrotron self-absorption (SSA). There exists
another process, called stimulated emission, which contributes to the overall
absorption. In this case the particles are induced to emit radiation in the pres-
ence of a radiation field. Combining the contributions from both the processes
and considering a population of accelerated particles with a power law energy
distribution of the form

dN
dE

= NoE−q (3.8)

where No and q are the normalization constant and power law index, respec-
tively, we get the absorption coefficient (αν) for SSA as following

αν = κ(q) No (Bsin(α))(q+2)/2 ν−(q+4)/2 (3.9)

with

κ(q) =

√
3 e3

8 π me

( 3 e
2 π m3

e c5

)q/2
Γ

(3q + 2
12

)
Γ

(3q + 22
12

)
(3.10)

(Rybicki & Lightman 1979) where Γ denotes the Gamma function and ν is the
frequency of photons corresponding to different transition levels having same
energy difference. The source function of synchrotron emssion is found to be

S ν ∝ ν
5/2. (3.11)

For an optically thick medium, i.e., where optical depth τν > 1, the intensity
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Figure 3.3: Synchrotron spectrum. In the optically thick regime the intensity is
proportional to ν5/2 and in the thin regime it is ∝ ν−(p−1)/2, where p ≡ q . The
peak of the spectrum corresponds to τ ≈ 1. Figure from Rybicki & Lightman
(1979).

Iν ∝ S ν ∝ ν
5/2 (3.12)

and in the optically thin regime, i.e., for τν < 1

Iν ∝ ν−(q−1)/2. (3.13)

The synchrotron spectrum in both the optically thick and thin regimes is shown
in fig. 3.3. The peak of the spectrum, with a peak frequency ν = νp, corre-
sponds to τν ≈ 1 (see § 3.2).

3.2 Modeling of synchrotron emission from shock fronts

Electrons, accelerated in the shock front, emit synchrotron radiation which
could be observed at radio frequencies. The intensity of this radiation can be
defined as

Iν = S ν[1− exp(−τν)]. (3.14)

When SSA is the dominant absorption mechanism, from eqn. 3.11 the source
function is given by

S ν = S νp

(
ν

νp

)5/2
(3.15)
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where S νp is the source function corresponding to the peak frequency νp. For
an optical path length of ∆s the optical depth can be written as

τν = αν ∆s (3.16)

As synchrotron emission originates from relativistic particles we assume that
the energy distribution of the synchrotron emitting particle follows eqn. 3.8.
Therefore, we get,

τν =

(
ν

νabs

)−(q+4)/2
(3.17)

Here νabs is the absorption frequency for which τνabs = 1. The peak intensity is
defined as follows

Iνp = 2 kB Tbright

(νp

c2

)2
(3.18)

where kB and Tbright are the Boltzmann constant and the brightness tempera-
ture, respectively. From eqn. 3.14, 3.16, 3.17 and 3.18 we get

S ν =
2 kB Tbright

c2

ν−1/2
p

ν−5/2

{
1− exp(−

{ νp

νabs

}− q+4
2

)
}−1

. (3.19)

Thus we can write

Iν(τν) =
2 kB Tbright

c2

ν−1/2
p

ν−5/2

(
1− exp(−τν)

) {
1− exp(−

{ νp

νabs

}− q+4
2

)
}−1

. (3.20)

In case of SNe effective particle acceleration takes place at the shock fronts
(see fig. 2.1). Therefore the shell of shocked gas is often bright in radio fre-
quencies as visible in fig. 1.3. We assume here a spherical shell with a thick-
ness of ∆r. When the shell is optically thin, for a distant observer the path
length of a photon inside the shell will be ∆r for the centre part. As we go
toward the pole the path length increases. Therefore we write the intensity as

Iν(τν) =
2 kB Tbright

c2 {νabs(h)}1/2
ν5/2

f (X)

(
1− exp[−τν(h)]

)
(3.21)

with

f (X) = X1/2
{
1− exp(−X−

q+4
2 )

}
,where X =

νp

νabs
. (3.22)

Here 0 ≤ h ≤ 1 and accounts for emission from a given part of the shell as seen
by a distant observer, hRsh being the so-called impact parameter. We define a
geometrical parameter ξh as

ξh = ∆s(h)/(2∆r). (3.23)
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Therefore, for SSA we can write

νabs(h) = νabs,0 ξ
2

q+4

h and νp(h) = νp,0 ξ
2

q+4

h (3.24)

Tbright(h) = Tb ξ
1

q+4

h (3.25)

and

τν(h) =

(
ν

νabs(h)

)−(q+4)/2
= ξh

(
ν

νabs,0

)−(q+4)/2
(3.26)

where νabs,0, νp,0 and Tb are the absorption, and peak frequency and bright-
ness temperature at h = 0. Using eqn. 3.24 - 3.26 we can write eqn. 3.21 as
following

Iν(h) =
2 kB Tb

c2 {νabs,0}1/2

ν5/2

f (X)

(
1− exp(−ξhτνo)

)
(3.27)

with

τνo =

(
ν

νabs,0

)−(q+4)/2
. (3.28)

Here νabs,0 can be calculated from

τνabs(0) = 1 = ανabs ∆s(0) (3.29)

Therefore,

νabs,0 =

(
κ(q) No B(q+2)/2 ∆r

)2/(q+4)
(3.30)

where ∆r = ∆s(0).

3.2.1 Luminosity in optically thin regime

The luminosity form a shell of radius Rsh can be calculated as

Lν = 8 π2 R2
sh

∫ 1

0
Iν(h) h dh. (3.31)

Now, let us define a dimensionless quantity ϑν as

ϑν =
Lν

Lν,0
(3.32)

where,
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Lν,0 = 8 π2 R2
sh Iν(0)

∫ 1

0
h dh = 4 π2 R2

sh Iν(0). (3.33)

Thus, we get

Lν = 8 π2 R2
sh ϑν

kB Tb

c2 {νabs,0}1/2

ν5/2

f (X)

(
1− exp(−τνo)

)
. (3.34)

In an optically thin medium τνo << 1. Therefore we can write

1− exp(−τνo) = τνo =

(
ν

νabs,0

)−(q+4)/2
. (3.35)

This gives

Lν,thin =
8 π2 R2

sh ϑν KB Tb

c2 f (X)
{νabs,0}

(q+3)/2 ν−
(q−1)

2 (3.36)

(Pérez-Torres et al. 2014). When free free absorption is important along with
SSA it is written as

L
′

ν,thin = Lν,thin exp[−τff(Rsh)], (3.37)

where τff is the free free optical depth.

Energy density in electric and magnetic fields :

We assume that all electrons in the post shock region are accelerated and follow
a power law distribution in energy as given by eqn. 3.8. If ue represents the
energy density of downstream electrons then

ue =

∫ Emax

Emin

dN
dE

E dE =

∫ ∞

Emin

No E−q E dE (3.38)

where Emin and Emax are minimum and maximum energy of electron popula-
tion, respectively. We assume here Emax→ ∞. Therefore, we get

No = uth εe (q−2) (Emin)(q−2) (3.39)

where the post shock thermal energy density is represented by uth and for a
shock of velocity vs can be written as

uth =
9
8
ρCSM v2

s . (3.40)

Eqn. 3.39 is valid for a constant value of εe, which represents the fraction of
post shock energy that has been channeled into electrons. This energy is shared
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by both relativistic (E > mec2) and non relativistic (kinetic energy EK < mec2)
electrons. Therefore we write

εe = εnrel + εrel =
ue

uth
(3.41)

where εnrel and εrel give an account of the energy that has been shared by non
relativistic and relativistic components. At the initial phase when the shock
velocity is very high all electrons are relativistic. This implies εe = εnrel and for
q = 3

εrel > 0.16
( vs

5×104 km s−1

)−2
(3.42)

(Chevalier & Fransson 2006). As vs decreases with t, after a certain time the
above criterion can not be fulfilled. This suggests the existence of an electron
population which is non relativistic, i.e. the kinetic energy of electrons Ek <

Erest(≡ mec2). For a power law distribution of electrons this implies

εrel = εe

(Emin

Erest

)(q−2)
(3.43)

(Kundu et al. 2017). Relativistic particles radiate part of their energy via syn-
chrotron emission. Therefore, we consider electrons with E > Erest to con-
tribute to the synchrotron emission. We note that the assumption of power-law
spectrum for non-relativistic electrons may not be realistic, however, this en-
ables us to estimate the energy density of both relativistic and non relativistic
electrons as a function of time. The significance of this assumption are dis-
cussed in §2 (also see figure 3) of Paper I.

The energy density in magnetic field is given by

uB =
B2

8π
(3.44)

where B represents the magnetic field strength. The fraction of bulk kinetic
energy that is converted to magnetic fields is represented by εB, where

εB =
uB

uth
. (3.45)

From eqns. 3.44 and 3.45 we get

B =
√

8 π uth εB . (3.46)
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Calculating Emin :

At a given radius the density of the surrounding medium can be given by eqn.
2.3. This equation is also valid for a wind medium with nISM as a function of
radius, whereas in case the of a constant density medium nISM is a constant
quantity. In general, the CSM is assumed to be composed of hydrogen and
helium. This medium gets ionised by UV radiation from shock breakout. As
the electron mass is negligible compared to the proton mass, we can write from
eqn. 3.40

uth =
9
8
µi mp np v2

s (3.47)

where µi and np are the mean ion mass per particle and the number density of
protons, respectively. We consider a CSM made of hydrogen and helium with
a ratio 10:1.

The mean energy Ē of the electron population is

Ē =
(q−1)
(q−2)

Emin . (3.48)

Using the above two equations we can write

Emin =
9
8
µi np

ne

mp v2
s

η
εe

(q−2)
(q−1)

. (3.49)

Simplifying νabs,0 :

In the self similar solution the thickness of the radio emitting shell

∆r ∝ Rsh. (3.50)

Using the relations given by eqns. 3.39, 3.46 and 3.50 we get,

νabs,0 ∝

(
Rsh εe ε

(q+2)/4
B E(q−2)

min u(q+6)/4
th

)2/(q+4)
. (3.51)

Therefore, eqn. 3.36 can be written as

Lν,thin ∝ Tb R
(3q+11)
(q+4)

sh

(
εe ε

(q+2)/4
B E(q−2)

min u(q+6)/4
th

)(q+3)/(q+4)
ν−

(q−1)
2 . (3.52)
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3.3 Evaluating density of CSM

A comparison between experimentally measured radio fluxes and the model
could provide an estimate of CSM density. Below it is demonstrated how the
mass loss history of different kind of progenitor stars are constrained using
radio observations and modeling.

3.3.1 SN Type Ia

In general the ambient media around SNe Type Ia are tenuous. It is therefore
expected that free free absorption of the radiation by the external medium is
not important and the emission can be given by eqn. 3.52. one of the unknown
parameters in this equation is the power law index of the electron distribution,
q. As we have discussed in § 2.3.3, DSA predicts q = 2. However, in case of
SNe Type Ib/c, from the observed radio luminosity in optically thin regime,
it is found that the energy spectrum of relativistic particles is steeper with an
index q = 3 (Chevalier & Fransson 2006). For these SNe, the synchrotron or
inverse Compton coolings are irrelevant. As this provides an indirect estimate
of q in the relativistic regime we have considered q = 3 for SN 2014J and
SN 2011fe.

Although PIC simulations have advanced our knowledge about particle
acceleration in shock fronts, the results of the hybrid simulations are obtained
for shocks having low Mach number (e.g. supernova remnants (SNRs)) (see §
2.3.3) . Other restrictions of recent PIC simulations and different mechanisms
which could lead a steep particle energy spectrum are discussed in § 2.3.3.

Using eqns. 2.25, 3.49, 3.40 and 2.28 for a wind medium (s = 2) we could
write Lν,thin as following for q = 3

Lν,thin ∝

(n−3
n−2

)3.86
Tb ε

1.71
e ε1.07

B

(
Ṁ/vw

) 1.93n−8.43
n−2 t−

(n+2.57)
n−2 ν−1, (3.53)

and for a constant density medium (s = 0)

Lν,thin ∝

(n−3
n

)3.86
Tb ε

1.71
e ε1.07

B (nISM)
1.93n−8.43

n t
(2.86n−25.3)

n ν−1 (3.54)

(Kundu et al. 2017). The radio light curves at different frequcencies, for a
wind (s = 2) and a constant density medium (s = 0), are shown with solid lines
in figs. 3.4 and 3.5 for SN 2014J (Kundu et al. 2017). In both cases n = 13,
q = 3 (this is equivalent to p = 3 written in both figures) and εe = εB = 0.1. It
can be seen that for a wind medium the luminosity decreases with time (see
eqn. 3.53 with n = 13) whereas this trend is opposite for a constant density
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medium (eqn. 3.54 with n = 13). Here we have taken the inner density structure
of the SN from numerical simulations; N100 (Röpke et al. 2012; Seitenzahl
et al. 2013) when the SN expands in a wind medium and a violent merger
model (Pakmor et al. 2012) when the ejecta plough through a constant density
medium (these models are discussed in detail in the next chapter). In these
modellings Tb = 5× 1010 K (Readhead 1994) and has been kept fixed at this
value throughout the evolution of the SN.

As shown in fig. 3.4 the upper limit on Ṁ/vw is obtained by comparing our
model with the observational upper limit measured at 5.5 GHz around 8 days
after the explosion. From this we get Ṁ < 6.9×10−10 (vw/100 km s−1)−1 M� yr−1

for q = 3 and εe = εB = 0.1. In case of a constant density medium, fig. 3.5
suggests nISM < 0.32 cm−3 for the same parameters. Here the upper limit on
luminosity measured at 1.66 GHz constrains the particle density around the
progenitor. In case of detection of radio emission one could estimate Ṁ/vw or
nISM from radio modelings.
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Figure 3.4: Radio light curves, when the ejcta plough through a wind medium
(i.e., s = 2), are shown with solid lines for n = 13, q = 3 (this is equivalent to p = 3
written in the figure) and εe = εB = 0.1 for SN 2014. The synchrotron luminosity
in this case is governed by eqn. 3.53 and decreases as time goes on. The inner
density structure of the ejecta is taken from the N100 model. Here the Ṁ/vw is
constrained by the observation done at frequency 5.5 GHz around 8 days after
the explosion of the SN, and yields Ṁ < 6.9×10−10 M� yr−1 for a wind velocity
of 100 km s−1. Figure from PAPER I.

The estimated CSM density (either nISM or Ṁ/vw) provides important in-
formation about the progenitor system. As discussed in § 2.2 the ambient
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Figure 3.5: Radio light curves, when the ejecta expand through a constant
medium (i.e., s = 0), are shown with solid lines for n = 13, q = 3 (this is equiv-
alent to p = 3 written in the figure) and εe = εB = 0.1 for SN 2014. In this case
the synchrotron luminosity increases with time and is governed by eqn. 3.54.
The inner density structure of the ejecta is taken from a violent merger model.
Here the particle density is constrained by the observation done at frequency 1.66
GHz around 400 days after the explosion of the SN, and yields nISM < 0.32 cm−3.
Figure from PAPER I.

density differs for different types of star.
These calculations of Ṁ/vw or nISM depend on several parameters, n, q(≡

p), Tb, εe and εB, used to model the radio emission. Among these εB plays
an important role in determining the strength of the radiation as synchrotron
power is proportional to uB (see eqn. 3.6). Unfortunately, the amplification of
magnetic field in shock fronts is very poorly constrained. This therefore allows
a wide range of possible values of εB.

The dependence of the upper limit of Ṁ, with vw = 100 km s−1, and nISM
on outer ejecta density slope, n, for two different values of εB, 0.1 and 0.01,
are shown in figs. 3.6 and 3.7. For both cases q = 3, Tb = 5× 1010 K and
εe = 0.1. The solid lines demonstrate the upper limits when εB = 0.1 and the
dashed ones represent that for εB = 0.01. Lines with solid circles (crosses)
show the CSM density (either nISM or Ṁ/vw) for SN 2014J (SN 2011fe). As
can be seen in both plots, there is almost an order of magnitude difference in
the predicted upper limits on Ṁ/vw or nISM for the two values of εB used to
model the emission. See § 4 of Paper I for more details.

Using the same model for radio emission as in Paper I, in Paper III we
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Figure 3.6: Upper limits on Ṁ as a function of outer ejecta density slope, n,
predicted by the N100 model for εB = 0.1 (0.01) are displayed with solid (dashed)
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lines show the upper limits for εB = 0.1 (0.01). Figure from PAPER I.
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estimate the upper limits on nISM and Ṁ, with vw = 100 km s−1, for four young
Type Ia SNe, SN 2013dy, SN 2016coj, SN 2018pv and SN 2018gv, which
are at distances 13 to 20 Mpc. Among the SNe the first three are observed
with electronic Multi Element Radio Interferometric Network (eMERLIN) at
5.1 GHZ, 1.51 GHz and 5.1 GHZ, respectively, while for SN 2018gv Aus-
tralian Telescope Compact Array (ATCA) is used to observe radio emissions
at 5.5 GHz and 9.0 GHz. In case of SN 2016coj to achieve deep limits on
CSM density, observations done at other frequencies with other telescopes are
taken from Mooley et al. (2016). From our analysis the upper limits on Ṁ
are found to be 12×10−8 M� yr−1, 2.8×10−8 M� yr−1, 1.3×10−8 M� yr−1 and
2.1× 10−8 M� yr−1 for SN 2013dy, SN 2016coj, SN 2018gv and SN 2018pv,
respectively, for εe = εB = 0.1 and n = 13. In fig. 3.8 the light curves expected
from our model for two values of εB, 0.1 and 0.01, are shown along with the
observed upper limits for SN 2016coj. Similar light curves for SN 2018gv and
SN 2018pv are displayed in fig. 3.9. These estimates implies very low den-

Figure 3.8: Radio light curves of SN 2016coj, at different frequencies, expected
from our model along with the observed upper limits. We observe this SN at 1.51
GHz with eMERLIN at 11 days after the explosion. To achieve deep deep limits
on CSM density, observations done at other frequencies with other telescopes are
taken from Mooley et al. (2016). For this study it is assumed that n = 13 and
εe = 0.1. The effect of two different values of εB, 0.1 and 0.01, are shown with
solid and dashed lines. respectively. Here the mass loss rate is constrained by our
observation which is done at 1.51 GHz. Figure from PAPER III.

sity media around the four SNe, and put tight constrain on their SD progenitor
systems. In case of constant density medium, with εe = εB = 0.1 and n = 13,
the upper limits on nISM for the above four SNe are 300 cm−3, 120 cm−3, 300
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cm−3 and 120 cm−3, respectively. It should be noted that to constrain the con-
stant density medium it is better to observe the SNe at late epochs, as for this
kind of medium radio flux increases with time (see eqn. 3.54).

Figure 3.9: Radio light curves for SN 2018pv and SN 2018gv, at different fre-
quencies, expected from our model along with the observed upper limits. For this
study we assumed n = 13 and εe = 0.1. The effect of two different values of εB,
0.1 and 0.01, are shown with solid and dashed lines, respectively. For SN 2018gv
the mass loss rate is constrained by the observation done at 9 GHz around 6 days
after the explosion. Figure from PAPER III.

3.3.2 SN Type IIb

We modeled the late time emission from two SNe Type IIb, 1993J and 2011dh,
to gain information about the evolution of the progenitors of the SNe before
explosions. The density of the ambient medium around SN 1993J up to ∼
3000 days can be characterized by a mass loss rate of ∼ 10−5 M� yr−1 for a
vw = 10 km s−1 (Björnsson & Lundqvist 2014; Fransson & Björnsson 1998;
Fransson et al. 1996; kundu et al. 2018). For such a high value of Ṁ/vw the
radio emission from this SN is expected to suffer free free absorption by the
ambient medium. We assume that the CSM is made up of hydrogen and he-
lium, with solar abundances, with nH(r) and nHe(r) being the number density
of respective species. Furthermore, it is presumed that this medium is com-
pletely ionized due to UV radiation at the time of shock break out and X-ray
emission from reverse and forward shock (Fransson et al. 1996). In this kind
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of medium the free free absorption coefficient, αff , is given as

αff(r) = 0.018 T−3/2
csm

n2
e(r)

1 + 2y
ν−2 [

ḡH
ff (Tcsm, ν) + 4y ḡHe

ff (Tcsm, ν)
]

cm−1, (3.55)

where ne(r) (≡) is the number density of the electron in the ambient medium
and y = nHe(r)/nH(r). Tcsm represents the temperature of the CSM. ḡH

ff
(Tcsm, ν)

and ḡHe
ff

(Tcsm, ν) are the velocity average Gaunt factors for hydrogen and he-
lium, respectively. The temperature of the ambient medium in case of SN
1993J is around 105 K (Björnsson & Lundqvist 2014). For ν in GHz frequency

ḡff(Tcsm, ν) =


√

3
π

(
17.7 + log

(T 1.5
csm
zν

))
if Tcsm < 3×105z2

√
3
π log

(
2.2kTcsm

hν

)
if Tcsm > 3×105z2,

(3.56)

where z represents the atomic number of a given element. For a wind medium,
which is stretched up to a radius r >> Rsh, the optical depth, τff , can be written
as

τff(Rsh) =
1
3

Rsh αff(Rsh). (3.57)

However, if the density of the ambient medium has a different wind profile
beyond a given radius Rchng, the τff becomes

τff(Rsh) =
1
3

rs αff(Rsh)
(
1 − f 3

Rchng
( 1 − f 2

rate )
)
. (3.58)

Here fRchng = Rsh/Rchng and frate =
Ṁ1/v1

w
Ṁ/vw

. Ṁ1/v1
w represents the ratio between

the mass loss rate and wind velocity which characterize the medium at r ≥
Rchng.

As displayed in fig. 3.10 the observed radio light curves of SN 1993J
have shown a sudden downturn in fluxes beyond ∼ 3000 days. It is found
from our study that this decrease implies a sudden drop in CSM density at
r > 2× 1017 cm. The density of the ambient medium is given by eqn. 5.2.
The progenitor of SN 1993J was most likely part of a binary system, where
the secondary had accreted material from the primary before explosion (Fox
et al. 2014; Maund & Smartt 2009; Maund et al. 2004; Nomoto et al. 1993;
Podsiadlowski et al. 1993; Woosley et al. 1994). The mass transfer occurred
through Roche Lobe overflow. According to the accretion efficiency of the
companion some fraction of the accreted mass got lost in the ambient medium.
Therefore, it is possible that the change in the CSM density was due to a change
in the acrretion efficiency of the secondary star. In our study we found that this
transition occurred around 6500(vw/10 km s−1) years prior to the explosion
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Figure 3.10: Light curves of SN 1993J post 1000 days since the explosion with
our model’s prediction in dashed lines. The data show a sudden downturn in
fluxes beyond ∼ 3000 days. According to our model this decrease suggests a
rapid drop in CSM density at r > 2 × 1017 cm. Up to around this radius the
CSM is wind-like with a Ṁ/vw = 4×10−5 M� yr−1/10 km s−1. The density of the
ambient medium is given by eqn. 5.2. See text and § 5, § 7.1.1 of Paper II for
more details. Figure from PAPER II.

(see PAPER II for details). In modeling the emission we used q = 2.6 (Weiler
et al. 2007), Tb = 3.6×1010 K, Tcsm = 6×105 K and εe = εB = 0.03.

The light curves of SN 2011dh are shown in figs. 3.11 and 3.12. It is found
from our modeling that the SN is expanding in a wind medium, characterized
by Ṁ/vw of 4×10−6 M� yr−1/10 km s−1, which is 10 times less dense in com-
parison to the medium around SN 1993J. As exhibited in figs. 3.12 the model
has over-predicted the high energy fluxes at early epoch. The reason behind
this is inverse Compton cooling which is not included in our modeling, because
we are interested in the late time (∼ 200 days) evolution of the SN. The parame-
ters assumed to model the radiation are q = 2.95 (Krauss et al. 2012; Soderberg
et al. 2012), εe = 0.3 and εB = 0.04. Additionally, it is presumed that the source
is inhomogenious, and up to around 1500 days Tbright = 3.9×109 (t/1 day)0.32

K. For t > 1500 days the source has a Tb of 4× 1010 K. As the density of the
ambient medium around this SN is low free free absorption is not considered
in the calculation.

Radio observations done by Bartel et al. (2000); Marcaide et al. (1995a,b,
1997) found that the emission from SN 1993J comes from a nearly spherical
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Figure 3.11: Light curves of SN 2011dh between 300 MHz and 4.9 GHz along
with our model’s prediction in dotted lines for Ṁ of 4×10−6 M� yr−1 with vw =

10 km s−1. Figure from PAPER II.

shell (see fig. 1.3). As discussed in § 2.3.1 the evolution of this shell depends
on both the density profiles of the SN ejecta and CSM. For SN 1993J and
SN 2011dh we consider the ejecta structures obtained using multi-group radi-
ation hydrodynamics simulation (STELLA). These ejecta profiles are shown in
fig.2.2. Using these profiles the interaction between SN and ambient medium
are done by hydrodynamical simulations, which are described in detail in the
next Chapter. Therefore, at a given epoch the shock parameters (radii of for-
ward shock (Rsh) and contact discontinuity (rc), velocity of the forward shock
(vs) and density of shocked CSM (ρsh,csm)), required to model emission, are
evaluated from simulations. It is exhibited in the next chapter that there are
variations in ρsh,csm and vs across the shocked gas (see fig. 5.8). Thus to get av-
erage values of these variable we evaluate the shock parameters at r = rc +∆r/2,
where ∆r = Rsh− rc.

3.4 X-ray: Thermal Emission

At late epoch, the X-ray radiation from SN predominantly comes from the
shocked ejecta behind the reverse shock. The processes which play important
role in X-ray emission are free-free, free-bound, two-photon and line emis-
sions. The ionization structure of the shocked ejecta can be obtained by bal-
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Figure 3.12: Light curves of SN 2011dh in the range 6.7 GHz to 36 GHz along
with our model’s prediction in dashed lines for Ṁ of 4×10−6 M� yr−1 with vw =

10 km s−1. The model has over-predicted the fluxes at early times because the
inverse Compton cooling is not included in our modeling. See § 7.1.2 of Paper II
for more details. Figure from PAPER II.

ancing the collisional ionization with the recombination, when the amount
of external radiation is negligible. In this kind of medium both ionization
and recombination are caused due to the collision with thermal electrons. If
Xm = N(Xm)/N(z) defines the ionization fraction of ionization stage m of an
element z, with N(z) and N(Xm) being the density of z and the ionized material
with ionization degree m, respectively, the rate of change of Xm can be written
as (Nymark et al. 2006)

dXm

dt
= Ne [−(βm +Cm)Xm + βm+1Xm+1 + Cm−1Xm−1]. (3.59)

Here βm represents the recombination coefficient from ionization stage m to
m− 1 and Cm is the collisional ionization rate from the ionization state m to
m + 1. These rates for different elements are given in Arnaud & Rothenflug
(1985). Ne is the density of free electrons. In our model, we assumed steady
state condition, i.e. dXm

dt = 0, and solved the above equation (eqn. 3.59) for each
ionization stage possible for a given element taking into account two additional
processes, known as the dielectric recombination and charge transfer process.
The species for which all ionization stages are included in our calculation are
H, He, C, N, O, Ne, Na, Mg, Al, Si, S, Ar, Ca, Fe and Ni.
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After solving for the rate equation for each ionization states of all species,
we calculate the X-ray flux. A very effective way to lose energy in a hot plasma
is through collisions followed by radiative decay. In a nebula free electrons can
excite atoms/ions to higher energy levels which may subsequently de-excite
by the emission of photons. When the density of the electrons is sufficiently
high collisional de-excitation is also important. Therefore, for an ionization
stage Xm of a given element, with several possible excitation levels i, under
equilibrium we can write

∑
j,i

N(Xm) jNeq ji +
∑
j>i

N(Xm) jA ji =
∑
j,i

N(Xm)iNeqi j +
∑
j<i

N(Xm)iAi j, (3.60)

with ∑
j

N(Xm) j = N(Xm), (3.61)

and

qi j =

∫ ∞

0
V σi j f (V) dV, (3.62)

where σi j is the collisional cross section for the i to j transition and is often
expressed in terms of the collisional strength Ωi j, while Ai j represents the tran-
sition probability for the i to j transition. f (V) defines the thermal distribution
of speed of free electrons. This mechanism produces line emissions.

The free-free radiation is caused when a charged particle gets accelerated
in the Coulomb field of another charged particle. For isotropic thermal elec-
trons which get scatter from an ion z with an ionization stage m, the emission
coefficient for this radiation can be written as (Osterbrock 1989; Rybicki &
Lightman 1979)

j f f
ν =

1
4π

25πe6

3mec3

( 2π
3KBme

)1/2
T−1/2 z2 N(Xm) Ne exp(−hν/KBT ) ḡff(T, ν),

(3.63)
where T represents the temperature of the electrons. On the other hand, the
free-bound emission at frequency ν results when a free electron, having speed
of V, is captured by an ion in a shell with principal quantum number n ≥ n1
where

hν =
1
2

meV
2 +Xn. (3.64)

Xn is the ionization energy of level n. For thermal electrons, the emission
coefficient for free-bound is given by (Osterbrock 1989)
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j f b
ν =

1
4π

N(Xm) Ne

∞∑
n=n1

n−1∑
L=0

V σnL f (V) h ν
dV
dν
, (3.65)

where L and σnL are the orbital angular momentum and recombination cross
section, respectively.

As for free-free and bound-free, the two-photon decay also produces con-
tinuum radiation. It is mainly important for hydrogen-like or helium like ions.
Electrons populated directly, i.e., via collisions, and through recombination
cascades of higher levels in 22S level often decay to 12S by the emission of two
photons, where the sum of the energies of the two photons are hν

′

+hν
′′

= hν12.
Here hν12 is the energy difference between the two levels 12S and 22S . If N22S
and A22S ,12S represent the density of electron in the 22S state and the tran-
sition probability, respectively, the emission coefficient corresponding to this
radiation is

j2γν =
1

4π
N22S A22S ,12S 2 h yP(y), (3.66)

(Osterbrock 1989) where in each decay, P(y) is the normalized probability for
one photon being emitted in the energy range yν12 and (y + dy)ν12.

The X-ray emission from SN 1993J and SN 2011dh are computed beyond
1000 days and at around 500 days, respectively, considering the above four
processes as the main mechanisms which contribute to the X-ray emission at
these late epochs. Using the output of our hydrodynamical simulations the
total X-ray flux due the four processes are calculated from a plasma code,
which is described in some detail in Sorokina et al. (2004). It is assumed
in our model that electrons and ions are in temperature equilibrium. In fig.
3.13, the modeled X-ray emission is shown for SN 2011dh for a mass loss rate
of 4× 10−6 M� yr−1 with a wind velocity of 10 km s−1. The red curve here
represents the emission computed using the parameters from our hydro model,
and the black one demonstrates the effect of compressing the ejecta density
artificially by a factor of 3, assuming pressure equilibrium. It is clear from the
plot that if the ejecta have density clumps, then the emission will mainly be
affected at energies less that 2 keV.

The modeled X-ray emission for SN 1993J is shown in fig. 3.14 for
Ṁ/vw = 4× 10−5 M� yr−1/10 km s−1. The solid and dotted black curves rep-
resent the 0.3 - 2.4 keV and 2 - 8 keV emission from the shocked ejecta, re-
spectively, while the solid and dotted red ones demonstrate the effect of com-
pressing the ejecta density artificially by a factor of 3, considering pressure
equilibrium, in the corresponding energy ranges. The effect of unequal ion
and electron temperatures are shown with black crosses at 5000 days without
assuming any compression factor for the density.
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Figure 3.13: Modeled X-ray emission from SN 2011dh at around 500 days.
The red curve represents the emission from the shocked ejecta and the black one
demonstrates the effect of compressing the ejecta density artificially by a factor
of 3, considering pressure equilibrium. Figure from PAPER II.

Figure 3.14: Modeled X-ray emission from SN 1993J beyond 1000 days in
solid and dotted lines. The data are from Chandra et al. (2009) (blue ones) and
Dwarkadas et al. (2014) (magenta ones). The solid black and red lines show the
emission in the range 0.3 - 2.4 keV and the dotted lines of corresponding colours
depict that in 2 - 8 keV regime. Here the black ones display the flux expected
from our simulation, whereas the effect of compressing the shocked ejecta den-
sity by a factor of 3 are shown by the red lines. The two black crosses represent
the luminosity of X-rays at 5000 days after the explosion, where it is assumed
that the electron temperature is 25 % of that of the shock temperature. For this
estimate no compression is considered. Figure from PAPER II.
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4. Explosion models of normal
Type Ia Supernovae

As discussed in the Introduction (§ 1) of this thesis, there exist different for-
mation channels for Type Ia SNe. According to different progenitor channels
there are many explosion models. Any viable explosion mechanism needs to
reproduce the observed features of the SNe. For example the explosion must
be able to produce the right amount of different chemical elements, especially
56Ni in the centre and other intermediate mass elements in the outer layer of
the ejecta with high velocity. Fig. 4.1 (Hillebrandt et al. 2013) shows different
kinds of Type Ia SNe on the basis of luminosity, where ∆m15(B) represents
the amount of SN B-band brightness which has been decreased over 15 days
following the maximum light. The explosion mechanism requires to match
the observed rate of Type Ia SNe having different luminosities. Allowing fine
tuning of initial conditions or model parameters must not result in an entirely
different outcome. The explosion parameters have to be well connected with
the state of the progenitor system. Fig. 4.1 depicts that a large fraction of Type
Ia SNe (gray points) follows the Phillips relation (Phillips 1993; Phillips et al.
1999) quite accurately. These are called normal Type Ia SNe. From the optical
spectra of this type of SNe it is evident that the outer layer of the ejecta con-
tains intermediate mass elements, like Si, Ca, Mg, S and O (Filippenko 1997).
The center part of the ejecta contains 56Ni in the range 0.3 M� - 0.9 M�.

Our aim is to constrain the density of the ambient medium, i.e., either nISM
or Ṁ/vw, around SN 2014J and SN 2011fe using radio modelings discussed in
the previous chapter. Both these SNe are normal Type Ia. Therefore, in this
chapter we discuss the explosion models of normal Type Ia.

4.1 N100 model

One of the explosion models which could account for normal Type Ia is N100
model (Röpke et al. 2012; Seitenzahl et al. 2013), which is a delayed detona-
tion model. Here the central region is ignited by 100 sparks as shown in fig. 4.2
(Seitenzahl et al. 2013). An initial deflagration allows the WD to pre-expand.
After a while, when a spontaneous transition from deflagration to detonation
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Figure 4.1: Observed B band peak magnitude as a function of ∆m15(B) (Hille-
brandt et al. 2013) for different Type Ia SNe. The gray data points depict normal
Type Ia SNe (Hicken et al. 2009). This class of Type Ia follows the Phillips
relation (Phillips 1993; Phillips et al. 1999). Superluminous Type Ia are repre-
sented in cyan (Taubenberger et al. 2011) and the subluminous ones are in green
(Phillips et al. 2007). There exist a few Type Ia SNe which are even fainter than
subluminous Type Ia’s. These SNe are shown with red points (Taubenberger et al.
2008). Figure from Hillebrandt et al. (2013).

occurs, the low density fuel, created in the deflagration phase, in the outer part
of star ignites by the reaction wave and produces intermediate mass elements.
Along with deflagration, detonation also creates some amount of 56Ni at the
centre. The ejecta contain mainly intermediate mass elements with unburnt
carbon and oxygen in the outermost layers, which resembles the observational
features of normal Type Ia SNe. The initial mass of the WD and the asymptotic
kinetic energy of explosion in the N100 model are 1.4 M� and 1.45 ×1051 erg,
respectively.

Fig. 4.3 (Seitenzahl et al. 2013) shows the hydrodynamic evolution of the
N100 model. One hundred sparks are ignited around the centre of a Chan-
drasekhar mass WD which gives rise to a medium strength deflagration. The
evolution of the deflagration flame at 0.7 sec is depicted with whitish surface
in the left panel. The buoyancy induced plumes along with the turbulent ed-
dies accelerates the flames by increasing the surface area. The middle panel
shows the increased surface area of the deflagration flame just prior to the first
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Figure 4.2: N100 model where the centre of the WD is ignited by 100 kernels.
Figure from Seitenzahl et al. (2013).

transition from deflagration to detonation at 0.93 sec. Detonation at various
places may occur simultaneously, or can be followed immediately after the
first trigger. The first transition from deflagration to detonation, at 1.0 sec, is
represented by the right side panel with blueish surface. This shock wave ig-
nites material at low density and produces intermediate mass elements. As the
wave propagates supersonically the mixing of different elements due to con-
vection does not take place. The outcome of this explosion model is a 56Ni
core of mass 0.6 M� which is surrounded by an ejecta made up of intermediate
mass elements. The spectra of this model are shown in fig. 4.4 with black lines
(Röpke et al. 2012). The observed spectra of SN 2005cf (Garavini et al. 2007),
a typical normal Type Ia SN, are over plotted with red lines which shows a
reasonable agreement with the model. The spectra derived from the model fol-
low the observed pattern quite well, although they are unable to reproduce the
observed flux at shorter wavelength.

4.2 Violent Merger Model

Another model which can reproduce the features of normal type Ia’s is the vi-
olent merger model (Pakmor et al. 2012). In this case two sub-Chandrasekhar
mass WDs, with a total mass of the system being more than the critical mass,
merge violently. It is found that to have successful explosions the mass ratio
requires to be close to unity with mass of each WD MWD ≥ 0.9 M� (Pakmor
et al. 2010). Other models of merging WDs, with different mass ratio, may not
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Figure 4.3: Hydrodynamic evolution of a Chandrasekhar mass WD in the N100
model. Left panel: A medium strength deflagration flame (whitish color) at 0.7
sec. Middle panel: deflagration flame just prior to the deflagration to denotation
transition at 0.93 sec. Right Panel: formation of the first detonation wave (blueish
color) at 1.0 sec. Figure from Seitenzahl et al. (2013).

Figure 4.4: Spectrum derived from a delayed denotation model, N100, (Röpke
et al. 2012) with black lines and observed spectrum of a typical normal SN Type
Ia, SN 2005cf, in red lines (Garavini et al. 2007). Figure from Hillebrandt et al.
(2013).
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give rise to a thermonuclear explosion. They rather lead to the formation of a
neutron star.

The hydrodynamic evolution of two merging WDs with masses 1.1 and 0.9
M� has been examined by Pakmor et al. (2012) and snapshots of the evolution
at different epochs are shown in fig. 4.5. The WDs here spiral each other and

Figure 4.5: Hydrodynamic simulation of subsequent stages of a violent merger
model. The masses of the two WDs are 1.1 M� and 0.9 M� . See text for more
details. Figure from Pakmor et al. (2012).

subsequently merge. The mechanism responsible for the decrease of angular
momentum is the emission of gravitational waves. Hence the WDs rotate in
smaller and smaller orbits. In the top left panel of fig. 4.5 the secondary fills
it Roche-lobe when the WDs are orbiting with a period of ∼ 33sec. When
the WDs are sufficiently close to each other, at 150sec, the primary WD, the
heavier one, starts to accrete matters from secondary WD. This is shown by the
top middle panel. This mass transfer continues, depicted by top right and left
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panels in the 2nd row, and a common envelope is formed at 600 sec (middle
panel in the 2nd row). The secondary is deformed by tidal interaction at t >
600 sec (right panel in 2nd row) and results in a violent merger which creates
a hot spot, the black cross in the bottom left panel. The collision of both
the masses at the hot spot leads to the formation of a detonation wave. The
combustion shock, shown by the black contour in the bottom middle panel,
destroys the merged object completely. In this scenario, the secondary WD is
affected the most while the primary remains as it is. Thus the primary burns
into high density and produces substantial amounts of 56Ni, whereas burning of
the secondary WD generates ashes up to oxygen. For a primary mass of 1.1 M�
this model predicts 56Ni mass of about 0.64 M�. The amount of intermediate
mass elements and oxygen produced in the ejecta are ∼ 0.6 M� and 0.47 M�.
The asymptotic kinetic energy of the explosion in this model is 1.7 ×1051 erg.

Fig. 4.6 (Pakmor et al. 2012) shows the spectral evolution of this model
which depicts a good agreement with observed spectra (Garavini et al. 2007).
Along with the strong Si II lines at 595.8 nm and 597.9 nm, the spectra are also
able to reproduce the weak Si II lines at 412.8 nm and 413.1 nm. Although the
spectral features are consistent with the observations, the rise time of B band
light curve to maximum, predicted by this model, is somewhat longer than for
normal Type Ia SNe.

Figure 4.6: Synthetic spectrum of a violent merger model with black lines and
observed spectrum of a typical normal SN Type Ia SN, SN 2005cf, in red lines
(Garavini et al. 2007). Figure from Hillebrandt et al. (2013).
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5. Hydrodynamical Simulation

To perform hydrodynamical simulations we have used the publicly available
FLASH code (Fryxell et al. 2000)1, which has been modified accordingly to
meet our requirements. FLASH, a modular, multiphysics and parallel simula-
tion code, is written in FORTRAN 90 and C. For inter-processor communica-
tion the Message-Passing Interface (MPI) library is implemented in FLASH.
Along with MPI it uses the HFD5 or Parallel-NetCDF library to achieve the
parallel I/O facility. In FLASH the entire simulated space is divided into large
number blocks and each block is subdivided into a number of cells. Each
block communicates with the surrounding block through the guard cells, and
this transmission of information does not affect whether the surrounding block
is being processed by the same or a different processor. The computational
domain usually contains fluids, the evolution of which is governed by the con-
servation laws (for example conservation of mass, momenta and energy at each
cell). Therefore it is required that the cells must exchange information with the
neighbouring ones. For an irregular system, for example where the density of
fluid changes frequently with radius, like in our case (see fig.2.2), small time
steps are required to simulate interaction with reasonable accuracy. This en-
forces us to have high spatial resolution over the computational domain.

5.1 Simulation Setup

The interaction of a supersonic SN ejecta with an almost stationary ambient
medium generates shock waves. To understand this interaction and the suc-
cessive evolution of the shock waves through hydro simulations we consider
the Radiation Blast Wave problem among the suite of test problems created to
test FLASH. This problem consists a gas, made up of hydrogen, of constant
density which is initially at a rest. According to the initial conditions the gas
and the radiation are not in thermal equilibrium within a sphere of radius Rint
centered at the origin. However, beyond Rint the temperature of both gas and
radiation are set to equal. It is assumed that the gas follows the ideal gas law
and has a adiabatic index γ = 5/3. More details about this problem can be

1 also see the FLASH manual at
http://flash.uchicago.edu/site/flashcode/user_support/flash4_ug_4p4.pdf
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found in Zhang et al. (2011).
We perform simulations in one dimension considering spherical geometry.

In our case the gas is composed of 63% hydrogen and 37% helium (by mole
fraction) and both obey the ideal gas law with γ = 5/3. Radiation is not in-
cluded in our simulations. It is presumed that the initial temperature of the
fluid is 100 K. As the interaction occurs between a SN and CSM, the input
density is a combination of both SN ejecta and ambient medium. We assume
that the interaction starts a day after the SNe, 1993J and 2011dh, explode. The
density profile of these two SNe at day 1 are shown in fig.2.2. The compu-
tational domains for SN 1993J and SN 2011dh are 0 cm < r < 3× 1018 cm
and 0 cm < r < 1× 1018 cm, respectively, where r represents radius. Accord-
ing to the initial conditions SN ejecta (characterized by a density of ρej(r))
are expanded up to a radius, Rint, of 2.24× 1014 cm (3.15× 1014 cm ) for SN
1993J (SN 2011dh), while the CSM, with density represented by ρCSM(r), is
present beyond Rint in such a way that at day 1, just before the interaction,
ρej(Rint) = ρCSM(Rint).

The original density profiles of both the SNe, shown with solid lines in
fig.2.2, contain several sharp edges. These sharp features often find to give
rise numerical errors. Therefore, we fit the original structures with analytic
equations to avoid the unphysical numerical errors. These analytic fits are
shown in dashed lines in fig.2.2. For SN 1993J the analytic fit is given by

ρej(r) =
3.5×10−9( g

cm3 ) f1

1 +
( r

4.8×1013cm
)3

+
( r

8×1013cm
)16 +

3×10−11( g
cm3 ) f2

1 +
( r

8×1013cm
)4

+
( r

1.88×1014cm
)65

+
1×10−14( g

cm3 )

1 +
( r

2.15×1014cm
)35 ,

(5.1)

where f1 = 1 + 16×
(
r/2.5× 1014cm

)10 and f2 = 1 +
(
r/2.4×1014cm

)3. This
ejecta interact with a CSM having the following density profile

ρCSM(r) =
Ṁ

4πr2vw

(
0.05 +

0.95

1 +
( r

4×1017cm
)4

) g
cm3 , (5.2)

where Ṁ and vw are the mass loss rate and the velocity of the wind, respec-
tively, same as that have been mentioned in §2.2. The analytic form for the SN
2011dh ejecta is similar to eqn. 5.1, while the ambient medium in this case is
due to winds (see eqn. 2.2).

The simulations are run with uniform grid with a cell width of 2.13×1012

cm (6.51× 1011 cm) for SN 1993J (SN 2011dh). A Courant-Friedrichs-Lewy
(CFL) value of 0.6 is used for these runs. This gives a measure of how fast
information can traverse a given cell of thickness ∆x in time ∆t.
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5.2 Euler Equations

The hydrodynamical module we are using in FLASH is known as the split
Piecewise-Parabolic Method (PPM) (Colella & Woodward 1984). This code is
based on the PROMETHEUS code (Fryxell et al. 1989). It assumes that fluid
is compressible and its motion can be described by the Euler equations. In one
dimension the Euler equations can be written in the conservative from as

∂ρ

∂t
+
∂(ρu)
∂x

= 0 (5.3)

∂ρu
∂t

+
∂(ρu2 + p)

∂x
= gρ (5.4)

∂ρE
∂t

+
∂(ρuE + up)

∂x
= gρu, (5.5)

where g represents the acceleration due to gravity. ρ, u, p and E are fluid
density, velocity, pressure and total energy per mass, respectively. Here E is
the sum of the internal (ε) and kinetic energies per mass, i.e.,

E = ε +
1
2

u2. (5.6)

These equations are closed with another equation which is called the equation
of state (EOS). For an ideal gas the EOS is given by

p = (γ−1)ρε, (5.7)

where γ is the adiabatic index of the gas (same as that mentioned in § 2.3).
The EOS is generally used to evaluate the pressure of given cell. Similarly the
internal energy per mass, ε, corresponding to a given cell can be calculated
using eqn. 5.6. However, if the total energy is greatly dominated by the kinetic
energy, using eqn. 5.6 could result an unphysical value due to the truncation
error. Therefore, to prevent this kind of error to take place the internal energy
is evolved separately considering

∂ρε

∂t
+
∂(ρε + p)u

∂x
−u

∂p
∂x

= 0. (5.8)

It is found that using the above equation one can avoid the truncation error
even in cases where the internal energy is 10−4 times smaller than the kinetic
energy, without affecting the dynamics of the simulation.
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5.3 Euler equations: Numerical solutions

In one dimension the computational domain is divided into a large number
of cells, each of width of ∆x. As we use uniform grid, with the static mode
of operation (fixed block size), the resolution of each cell is same. Initially
the density and temperature are specified at each cell. The discretization of
computational domain into a number of points is shown in Fig.5.1 (Zingale
2017), where the red points denotes the solution of the Euler equations at a
given instant of time. Solving the Euler equations numerically is a three step
process:

• Reconstruct the state variables at the cell interfaces.

• Solve the Riemann problem.

• Finally do the conservative update on the state variables.

5.3.1 Reconstruct state variables

In the conservative form the Euler equations without the source terms can be
written like

at + [f(a)]x = 0, (5.9)

where

a =

 ρ

ρu
ρE

 f(a) =

 ρu
ρu2 + p
ρuE + up

 (5.10)

Here ρ, ρu, and ρE are conservative variables. In terms of primitive variables
the same system can be expressed as:

bt + H(b)bx = 0, (5.11)

with

b =

 ρ

u
p

 H(b) =

 u ρ 0
0 u 1/ρ
0 γp u

 (5.12)

Let us start with the evolution of any one of the conservative variables,
which according to eqn. 5.9 and 5.10 can be written as following:

at + [ f (a)]x = 0 (5.13)
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Figure 5.1: Uniform grid in one dimension with a cell width of ∆x. The red
points represent the solution of eqn. 5.13 at each cell at a given time. The two dot-
ted lines at each end, beyond the physical domain, are called ghost cells. These
cells are used to take into account the boundary conditions. Figure from Zingale
(2017).

Assume that over an interval xi−1/2 to xi+1/2 ai represents the average of a(x, t)
at a given time. Here xi−1/2 and xi+1/2 stand for the zone edges such that
xi−1/2 − xi+1/2 = ∆x. To perform numerical simulations it is required to dis-
cretize eqn. 5.13, which is possible to achieve by integrating the equation
between xi−1/2 and xi+1/2 and normalize it over the zone width ∆x:

1
∆x

∫ xi+1/2

xi−1/2

atdx = −
1

∆x

∫ xi+1/2

xi−1/2

∂[ f (a)]
∂x

dx (5.14)

Therefore,
∂ai

∂t
= −

1
∆x

{
[ f (a)]i+1/2− [ f (a)]i−1/2

}
. (5.15)

This (eqn. 5.15) implies that the evolution of the zone average, ai, can be
predicted if one knows the fluxes through the zone boundary. Therefore, pre-
suming that an

i and an+1
i represent the ith zone average at time n + 1 and n,

respectively, we write

an+1
i −an

i

∆t
= −

[ f (a)]n+1/2
i+1/2 − [ f (a)]n+1/2

i−1/2

∆x
, (5.16)

where [ f (a)]n+1/2
i+1/2 and [ f (a)]n+1/2

i−1/2 are fluxes through the boundary at the half-
time, n + 1/2, and can be defined as

[ f (a)]n+1/2
i+1/2 = f

(
an+1/2

i+1/2

)
. (5.17)

Therefore to calculate the fluxes it is needed to evaluate ai at the zone bound-
aries at time n + 1/2, which one may get by performing Taylor expansion of the
data around the zone center to the zone interface. Note that a given interface
is shared by two consecutive cells. Therefore, there are two possible interface
states that can be constructed; one from the data to the left to the interface (we
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Figure 5.2: At the i + 1/2 interface the left and the right states. The left state,
an+1/2

i+1/2,L, is constructed using the data from the ith cell (ai) while the right state,

an+1/2
i+1/2,R, is predicted considering the data in the (i + 1)th cell (ai+1). Figure from

Zingale (2017).

refer this sate with a subscript "L") and the other using the data from the cell
which is right to the interface (refer with a subscript "R"). This is depicted
clearly in fig.5.2.

The conservative form of the Euler equations is quite complex (see eqns.5.9
and 5.10). It turns out that reconstructing the states, at the interfaces, using
conservative variables is a laborious job. However, the reconstruction process
becomes much easier if one works with the primitive variables. Hence, from
here up to the end of the reconstruction process we work with these variables.

We perform a Taylor expansion of b around xi +∆x/2 and n+∆t/2 and get

bn+1/2
i+1/2,L = bn

i +
∆x
2
∂b
∂x

∣∣∣∣∣
i

+
∆t
2
∂b
∂t

∣∣∣∣∣
i

+ O(∆x2) + O(∆t2), (5.18)

where bn
i represents the average of b(x, t) between xi−1/2 to xi+1/2 and at time

n. As ∂b
∂t = −H(b) ∂b

∂x we write

bn+1/2
i+1/2,L ' bn

i +
∆x
2

(
1−Hi

∆t
∆x

)
∂b
∂x

∣∣∣∣∣
i

(5.19)

neglecting the higher order terms, The slope, ∂b
∂x , appearing in the equation can

be approximated simply as

∂b
∂x

∣∣∣∣∣
i
=

bi+1−bi−1

2∆x
. (5.20)

This slope may create new minima or maxima. Therefore it is required to limit
the slope. One of the ways to limit the slope is by defining a variable Ψ such
that Ψ = D(bi+1 −bi) (bi −bi−1), where D(bi+1 −bi) denotes a 3× 3 diagonal
matrix. Then the limited difference can be given as

∂b
∂x

∣∣∣∣∣
i
=

min
[
|bi+1−bi−1 |

2∆x ,2 |bi+1−bi−1 |
∆x , |bi+1−bi−1 |

∆x

]
sign(bi+1−bi−1) for Ψ > 0

0 otherwise.
(5.21)
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Therefore, in terms of the limited slope eqn. 5.19 is expressed as

bn+1/2
i+1/2,L = bn

i +
1
2

(
I−

∆t
∆x

Hi

)
∆bi, (5.22)

where it is customary to write the limited slope × the width of the cell (∆x ∂b
∂x

∣∣∣
i)

as ∆bi. Similarly using the data from the cell right to the interface we get

bn+1/2
i+1/2,R = bn

i+1 −
1
2

(
I +

∆t
∆x

Hi+1

)
∆bi+1. (5.23)

Here the 1 in the bracket has been replaced by the identity matrix I. These
interface states do not contain terms higher than first order. Therefore this
method is second order accurate in space and time. Next we decompose H in
terms of the right (R) and left (L) eigenvectors and the eigenvalue matrices (Λ),
i.e., H = RΛL. Therefore, for the ith cell we can write

H ∆b =

 r−1 ro
1 r+

1
r−2 ro

2 r+
2

r−3 ro
3 r+

3


 λ
− 0 0

0 λo 0
0 0 λ+


 l−1 l−2 l−3

lo1 lo2 lo3
l+1 l+2 l+3




∆ρ

∆u
∆p

 (5.24)

=
∑
ν

(
lν . ∆b

)
λν rν. (5.25)

With I ∆b = R L ∆b =
∑
ν

(
lν . ∆b

)
rν and eqn. 5.25 we can express eqn. 5.22

as

bn+1/2
i+1/2,L = bn

i +
1
2

∑
ν;λνi ≥0

[
1−

∆t
∆x

λνi

] (
lνi . ∆bi

)
rνi . (5.26)

Notice that while constructing bn+1/2
i+1/2,L the waves which are moving toward the

interface (λνi ≥ 0) are only considered. A similar expression can be written for
bn+1/2

i+1/2,R where the waves with λνi+1 ≤ 0 will be added in setting up the interface
state. The term ∆t

∆xλ
ν
i in eqn. 5.26 is known as the CFL number of the wave ν.

Here H is decomposed in eigenvectors and eigenvalues. That means we
approximate the quasi-linear system as a linear system. Thus Colella & Glaz
(1985) and Saltzman (1994) recommend to minimize the size of H by subtract-
ing off a reference state b̃+/− such that

bn+1/2
i+1/2,L − b̃+ = bn

i − b̃+ +
1
2

(
I−

∆t
∆x

Hi

)
∆bi. (5.27)

Therefore using eqn. 5.26

bn+1/2
i+1/2,L = b̃+ −

∑
ν;λνi ≥0

lνi .
{
b̃+ −

[
bn

i +
1
2

(
1 −

∆t
∆x

λνi

)
∆bi

] }
rνi . (5.28)
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The quantity inside the third bracket can be approximated as (Miller & Colella
2002)

bn
i +

1
2

(
1 −

∆t
∆x

λνi

)
∆bi '

1
λ∆t

∫ xi+1/2

xi+1/2−λ∆t
b(x) dx, (5.29)

where b(x) is the function that is reconstructed in a given zone (in eqn. 5.29 it
is the ith cell) from the b in that zone. This function may have a form like eqn.
5.20, which is linear function. A better choice is a parabolic function which
is used in PPM. The following parabolic function is used for reconstruction in
PPM (Miller & Colella 2002)

b(x) = b− + ζ(x) (∆b + b6 (1 − ζ(x))), (5.30)

with ∆b = b+ − b−, where b+ and b− represent, at a given cell, the values of
b(x) on the left and the right edges, respectively. Here ζ(x) and b6 are given as

ζ(x) =
x − xi−1/2

∆x
, xi−1/2 ≤ x ≤ xi+1/2 (5.31)

and

b6 = 6
[
bi −

1
2

(b+ + b−)
]
. (5.32)

The detail derivation of these parameters and the methods to limit the slope are
given in Miller & Colella (2002). Furthermore, for parabolic reconstruction we
can write the right hand side of eqn. 5.29 as

Iν+(bi) =
1

σνi ∆x

∫ xi+1/2

xi+1/2−σ
ν
i ∆x

b(x) dx, (5.33)

where σνi =
|λν | ∆t

∆x and represents the fraction of cell width, ∆x, that the wave ν
can move in a time step ∆t. Then using the parabolic reconstruction function
(eqn. 5.30) eqn. 5.33 give

Iν+(bi) = b+,i −
σνi
2

[
∆bi − b6,i

(
1−

2 σνi
3

) ]
, (5.34)

and in terms of Iν+(bi) eqn. 5.28 can be expressed as

bn+1/2
i+1/2,L = b̃+ −

∑
ν;λνi ≥0

lνi .
{
b̃+ − I

ν
+(bi)

}
rνi . (5.35)

Similarly we can construct bn+1/2
i+1/2,R. In fig. 5.3 the parabolic reconstruction

method is displayed. Note that whether one select a linear (eqn. 5.20) or
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Figure 5.3: The piecewise parabolic reconstruction in the ith and i + 1th cells.
Here σνi ∆x = |λν| ∆t is the distance a wave, ν, crosses in time ∆t. Figure from
Zingale (2017).

Figure 5.4: Piecewise parabolic reconstruction. The dashed and solid lines
exhibit the unlimited and limited parabolas, respectively. Figure from Zingale
(2017).

parabolic (eqn. 5.30) reconstruction these functions are piecewise continuous,
because each cell has its own b(x). The parabolic and linear reconstruction
across the computational domain are presented in figs. 5.4 and 5.5, respec-
tively. The solid and the dashed lines in the figures represent the limited and
unlimited slopes, respectively.

5.3.2 Riemann solver

After constructing the interface states, e.g. bn+1/2
i+1/2,L and bn+1/2

i+1/2,R for the i + 1/2th

interface, the Riemann solver is called. This solver then according to the char-
acteristic wave structure determine the state of the fluid at the interface and
returns

bn+1/2
i+1/2 = R (bn+1/2

i+1/2,L,b
n+1/2
i+1/2,R), (5.36)
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Figure 5.5: Piecewise linear reconstruction. The dashed and solid lines show the
unlimited and limited slopes,respectively. Figure from Zingale (2017).

where R represents a Riemann solver. The solver we consider for our sim-
ulations with FLASH is called the Harten, Lax and van Leer (HLL) solver
(Harten et al. 1983), which is an approximate solver. It is very expensive to
use the full solution of the Riemann problem in simulations. Therefore, in
practice, approximate solvers are deployed to speed up the process.

5.3.3 Conservative update on state variables

According to eqn. 5.16 the conservative update at the ith cell is done as

an+1
i = an

i +
∆t
∆x

(
[f(a)]n+1/2

i−1/2 − [f(a)]n+1/2
i+1/2

)
, (5.37)

where ∆t is determined by the speed of the fastest moving wave, i.e., the
amount of time takes by the fastest moving wave take to cross a single cell.
Therefore, first the interface states which are constructed in terms primitive
variables are required to convert into the interface states that are functions of
conservative variables. This is accomplished through the following simple al-
gebraic transformation

an+1/2
i+1/2 = a

(
bn+1/2

i+1/2
)
. (5.38)

In our simulations we used the directionally split PPM. This means that in
case of a multidimensional problem for each coordinate the states get updated
independently. In unsplit hydro this is not the case, and in constructing the
interface states the information from other dimensions are taken into account.
However, as we perform simulations in one dimension, the split and the unsplit
methods produce the same results.

5.4 Results

The snapshot of our simulations at 2000 days past the explosion of SN 1993J
are shown in figs. 5.6 and 5.7, where fig. 5.6 displays the expanding unshocked
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Figure 5.6: Snapshot of density profile from our simulations at 2000 days past
the explosion of SN 1993J. Figure from PAPER II.

ejecta and CSM structures along with the forward and reverse shocks. The
density profile across the shock can be better understood from the upper left
plot of fig.5.7. The other three diagrams in fig.5.7 exhibit the morphology of
velocity (upper right panel), pressure (lower left panel) and temperature (lower
right panel) across the shocked gas, respectively. At 2000 day the reverse
and the forward shocks are at radii around 1.6× 1017 cm and 2.04× 1017 cm,
respectively. The contact discontinuity is located in between these two shocks,
close to the reverse shock, and the gas around it has very high density, which
appears as a kink in the density structure (see fig. 5.6 and upper left panel
of fig. 5.7). The evolution of the density and temperature of the gas across
the shocked region for SN 1993J at 1000, 2000, 4000 and 8000 days past the
explosion is shown in fig. 5.8 with solid and dotted lines, respectively.

In computing the interaction between SN ejecta and CSM we did not take
into account any radiative cooling in the hydro code. The cooling is impor-
tant if the density of the ambient medium is high. In this kind of media the
shocked gas mainly cools via inverse Compton and line emissions, where the
former process effectively makes the gas to lose energy in the region close to
the forward shock while the later one predominantly cools the shocked ejecta,
enclosed between the reverse shock and contact discontinuity. In case of SNe
1993J and 2011dh these cooling will be important at early epoch. However, as
we are interested in the evolution of the SNe at late epoch, post 1000 days and
∼ 200 days for SN 1993J and SN 2011dh, respectively, the radiative loses will
have insignificant effect in the evolution.
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Figure 5.7: Morphology of density (upper left panel), velocity (upper right
panel), pressure (lower left panel) and temperature (lower right panel) across
the shock at 2000 days past the explosion of SN 1993J. Figure from PAPER II.

Figure 5.8: Density (solid) and temperature (dotted) of the shocked gas for SN
1993J at 1000, 2000, 4000 and 8000 days since the explosion. Figure from PA-
PER II.
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6. Paper summaries

6.1 Paper I; Constraining magnetic field amplification in
SN shocks using radio observations of SNe 2011fe
and 2014J

In this paper we investigate the radio emission from two nearby Type Ia SNe,
namely from SN 2011fe and SN 2014J, in detail. Both SNe 2011fe and 2014J
are observed in radio wavelengths around 4 and 1.5 years after the explosion
of respective supernova. In case of SNe Type Ia the two favoured formation
channels are single degenerate (SD) and double degenerate (DD). Therefore,
to do the radio modeling the inner ejecta structures have been taken from nu-
merical simulations, N100 and violent merger models, which are capable to
probe these formation channels. For the outer part a power law profile is con-
sidered, where the power law index can vary between 12 and 14. With this
ejecta profile the SN either interacts with a wind or constant density medium,
and it is assumed in this paper that this interaction can be described by the
self-similar solution. Furthermore, we presumed that the radio emission comes
from a spherical homogeneous shocked shell which is embedded between the
forward and the reverse shocks. It is generally expected that the radio flux from
the this shells are due to synchrotron radiation, which is a nonthermal mode
of emission. Considering that 10 % of bulk kinetic energy goes into electric
fields, the radio fluxes are calculated for two cases; i) the electric and magnetic
fields share equal fraction of kinetic energy, i.e, 10 % of post shock energy
in each field, and ii) magnetic field acquires 1 % of the bulk energy. In the
first case, it is found that the medium around both SN 2011fe and SN 2014J
are tenuous with a particle density nISM <∼ 0.35. In case of SD scenario this
implies a mass loss rate, Ṁ, of less than 10×10−9 M� yr−1 for a wind velocity,
vw, of 100 km s−1. For the second case the upper limits on nISM and Ṁ/vw are
∼ 1 cm−3 and ∼ 4× 10−9 M� yr−1/100 km s−1, respectively. In this paper we
compare these CSM densities estimated by our models with that predicted by
different plausible formation channels and have tried to constrain the ampli-
fication of magnetic fields in SN shocks. It is argued in the paper that in SN
shocks it is more likely that the amplification efficiency of magnetic fields is
less than that for the electric fields.
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6.2 Paper II; Evolution of progenitors of SNe 1993J and
2011dh revealed through late time radio and X-ray
studies

In this paper we perform hydrodynamical simulations of the interaction be-
tween SN ejecta and CSM for SN 1993J and SN 2011dh. In PAPER I this
interaction was assumed to be described by a self-similar solution. For hydro
simulations publicly available Flash code is used, which we modified accord-
ingly to meet our requirements. Considering the ejecta structures from multi-
group radiation hydrodynamics simulations (i.g., STELLA) for both SNe, the
radio and X-ray fluxes are calculated from the shocked circumstellar and ejecta
material, respectively. To estimate the radio emission a model similar to that
used in PAPER I is employed with shock parameters directly incorporated
from the hydro simulations. Unlike radio, late time X-ray are usually due to
thermal radiation, i.g., free free, two photon, recombination and line emissions.
The very late time radio and X-ray light curves of SN 1993J have revealed a
sudden downturn in fluxes. It is found in this study that this decrease implies
a change in the mass loss rate in the system around 6500 yrs prior to the ex-
plosion, for a wind velocity of 10 km s−1. There are indirect evidence that the
progenitor of this SN has a binary origin, where the primary has transferred
material to the secondary through Roche lobe overflow. For this kind of sys-
tem it is argued in this paper that the reason behind change in mass loss rate
could be related to a change in the accretion efficiency of the companion star.
In case of SN 2011dh the late time emission is turned up to be consistent with
a wind medium with Ṁ/vw = 4×10−6 M� yr−1/10 km s−1.
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6.3 Paper III; Radio observations of nearby Type Ia super-
novae

This paper focuses on the radio emission from four young SNe Type Ia, SN
2013dy, SN 2016coj, SN 2018pv and SN 2018gv, which are at distances 13
to 20 Mpc. The first three SNe are observed with electronic Multi Element
Radio Interferometric Network (eMERLIN) at 5.1 GHZ, 1.51 GHz and 5.1
GHZ, respectively, while for SN 2018gv Australian Telescope Compact Array
(ATCA) is employed to observe radio emissions at 5.5 GHz and 9.0 GHz. Us-
ing the same model for radio emission as in PAPER I, the upper limit on
mass loss rate Ṁ, in case of single degenerate (SD) scenario, and particle
density nISM, for double degenerate case, are estimated. For a wind veloc-
ity of 100 km s−1 the upper limits on Ṁ for SN 2013dy, SN 2016coj, SN
2018gv and SN 2018pv are found to be 12×10−8 M� yr−1, 2.8×10−8 M� yr−1,
1.3×10−8 M� yr−1 and 2.1×10−8 M� yr−1, respectively. This implies tenuous
media around these SNe, and put tight constrain on their SD progenitor sys-
tems. In case of constant density medium the upper limits on nISM computed
from our model and observations for the above four SNe are 300 cm−3, 240
cm−3, 300 cm−3 and 120 cm−3, respectively. For these estimates it is assumed
that 20 % of post shock is being shared equally between electric and magnetic
fields. In this paper, we also add 17 other well-observed SNe Type Ia and dis-
cuss the uncertainty in derived mass-loss rate due to uncertainties in amount
of post shocks energy that goes into electric and magnetic fields.
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Sammanfattning

Supernovor är kraftfulla explosioner som leder till total förstörelse av den
största delen av föregångarstjärnan. Stjärnor med huvudseriemassor på mer än
8 M�, gör vid slutet av sina liv slut på sitt nukleära bränsle och kollapsar under
sin egen gravitation. Implosionen låmnar i centrum efter sig en neutronstjärna
eller ett svart hål. Detta kan leda till en så kallad kärnkollapsexplosion, där
de yttre delarna slungas ut med höga hastigheter. Å andra sidan, stjärnor med
huvudseriemassor på under 8 gånger solens massa slutar sina liv som vita dvär-
gar. I närvaro av en binärkomponent kan dock även vita dvärgar explodera. Det
finns två välkända spår som kan leda till dit, nämligen de enkel- och dubbelde-
genereade spåren. I det förra fallet drar den vita dvärgen till sig materia från en
icke degenerad kompanjonsstjärna, och när den når Chandrasekhargränsen ('
1.4 M�) så triggar nukleär förbränning i stjärnan en okontrollerad termonuk-
leär reaktion som utplånar den vita dvärgen fullständigt. I det dubbeldegenera-
de scenariot är kompanjonen en annan vit dvärg. De två vita dvärgarna cirklar
runt varandra och separationen mellan dem minskar på grund av emission av
gravitionsvågor. Slutligen så sammansmälter de vita dvärgarna och under de
rätta fysikaliska betingelserna inträffar en explosion.

Supernovor är energerika händelser, med explosionsenergier av storleks-
ordningen 1051 erg, och kan observeras vid flera olika våglängder. Det är dock
svårt att bestämma vilken typ av stjärna som har exploderat och om stjärnan
varit del av ett dubbelstjärnesystem. En direkt metod är att söka i bilder av
värdgalaxen tagna före explosionen. Men då stjärnorna vanligtvis är svaga och
väldigt avlägsna objekt är detta ingen effektiv väg att söka efter föregångar-
stjärnorna. För relativt närbelägna stjärnor kan denna sorts eftersökningar sätta
gränser på föregångarstjärnans massa, kompanjonens luminositet etc.

Viktig information om föregångarstjärnorna kan erhållas från det super-
novan s.k. cirkumstellära medium, d.v.s föregångarstjärnans omedelbara om-
givning. Under en stjärnas utveckling förlorar den en del av sitt hölje genom
vindar, och det cirkumstellära mediets täthet avspeglar föregångarstjärnans ut-
veckling. I fallet med ett dubbelstjärnesystem kan massa också förloras genom
Roche Lobe-överföring. För olika stjärnor är massförlusthastigheterna olika
stora. Vid explosionen accelereras de yttre delarna av supernovans hölje til
mycket höga hastigheter (typiskt 104−105 km s−1), och när dessa växelverkar
med det omgivande mediet bildas starka chocker. Chockfronterna sänder ofta



ut stark radio- och röntgenstrålning. Styrkan på emissionen beror på det cir-
kumstellära mediets täthet, och ger därför ledtrådar till föregångarstjärnornas
natur.

I denna avhandling presenterar jag modellering av radioemissionen från
supernovachockfronter och hydrodynamiska simuleringar av växelverkan mel-
lan supernovor och deras omgivande medium. Supernovachockerna är ideala
platser för effektiv accelerering av partiklar och förstärkning av magnetiska
fält. I närvaron av ett magnetiskt fält kan de accelererade relativistiska partik-
larna emittera en del av sin energi via synkrotronstrålning vid radiovåglängder.
I min första artikel har vi modellerat synktrotronluminositeterna och jämfört
med övre gränser uppmätta för Typ Ia-supernovorna 2011fe och 2014J. Under
antagandet om ekvipartition av energin mellan elektriska och magnetiska fält
och att 10% av den termiska chockenergin deponeras i vardera fältet, finner vi
att mediet har en mycket låg täthet på ∼ 0.35 cm−3 runt båda supernovorna. I
termer av föregångarstjärnans massförlusthastighet ger detta en övre gräns på
10−9 M� yr−1för en vindhastighet på 100 km s−1. Från denna studie drar vi
slutsatsen att i supernovachocker är det troligt att försärkningseffektiviten för
magnetiska fält är mindre en den för de elektriska fälten.

Med samma modell för radioemission som i mitt första arbete, uppskat-
tar vi i min tredje artikel massförlusthastigheten och partikeldensiteten kring
de fyra unga Typ Ia-supernovorna SN 2013dy, SN 2016coj, SN 2018pv och
SN 2018gv. De första tre observerades med electronic Multi Element Radio
Interferometric Network (eMERLIN), och SN 2018gv studerades med Austra-
lian Telescope Compact Array (ATCA). Vi finner att det cirkumstellära mediet
kring dessa supernovor har mycket låg täthet.

I allmänhet antas det att växelverkan mellan supernovan och det cirkumstel-
lära mediet kan beskrivas av en självbevarande struktur (“self-similar”). Detta
är en rimlig approximation om de yttre delarna av ejektat har en densitetsprofil
beskriven av en potenslag. Det finns dock stöd från strålningshydrodynamis-
ka simuleringar (t.ex. med STELLA) för att densiteten i de yttre delarna av
en supernova kan avvika från en potenslag. I det fallet kan utvecklingen av
supernovan inte längre approximeras av en självbevarande lösning, och man
behöver hydrodynamiska simuleringar för att beräkna strukturen. I min and-
ra artikel har vi utfört hydrodynamiska simuleringar för att korrekt behandla
växelverkan för supernovorna 1993J och 2011dh, och vi har beräknat den för-
väntade radio- och röntgenemissionen från dessa vid sena tidpunkter. Detta
slags studie ger en bättre förståelse för utvecklingen av föregångarsystemet. I
vår undersökning finner vi att en förändring i massförlusthastigheten troligen
inträffade i föregångarsystemet c:a 6500 år innan supernova 1993J explodera-
de. För supernova 2011dh är emissionen vid sena tidpunkter konsistent med
en konstant massförlusthastighet.
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