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Preface

This thesis presents work on the solar coronal heating problem. It consists of a
brief introduction to the Sun and the coronal heating problem, followed by a sec-
tion explaining the numerical methods used to approach this problem. Chapters
three and four give a presentation of the work done, and chapter five the conclu-
sions drawn. The thesis is built around three scientific publications:

Paper I : Gudiksen, B.V. and Nordlund, Å, 2001, ”Bulk Heating and
Slender Magnetic Loops in the Solar Corona”, Astrophysi-
cal Journal, 572, L116

Paper II : Gudiksen, B.V. and Nordlund, Å, 2004, ”An Ab Initio Ap-
proach to the Solar Coronal Heating Problem”, Submitted
to Astrophysical Journal

Paper III : Gudiksen, B.V. and Nordlund, Å, 2004,”An ab Initio Ap-
proach to Solar Coronal Loops”, Submitted to Astrophysi-
cal Journal

In paper I, ÅN did most of the numerical groundwork to get the simulation
started. The magnetic field initial conditions were developed by me while the
development of the velocity driver and the analysis were equally shared between
us.

In papers II and III, the velocity driver, the new differential operators and the
initial conditions were developed by me, and I did most of the analysis.

All figures and the initial text for the three papers were prepared by me.
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Chapter 1

Introduction

The Sun is our nearest star and the only star for which we can ever hope to resolve
most of the physically relevant length scales in the visible layers. At and above
the visible solar surface, we can observe plasmas covering a wide range in density,
temperature and degree of ionisation. From an astrophysical point of view, it is
fortunate that the Sun has, in its outer layers, a convection zone which together
with differential rotation produces an astrophysical dynamo that generates a mag-
netic field. The most obvious manifestation of this magnetic field is in the form of
sunspots. Despite nearly 100 years of study, we are only beginning to understand
the underlying physical processes responsible for this magnetic field and its role
in the outer solar atmosphere. This thesis is an attempt to solve one of the most
intriguing problems in astrophysics, recognised nearly 60 years ago: Why is the
6000 K solar photosphere surrounded by a corona that has a temperature of more
than one million K and how is this high temperature related to the solar magnetic
field?

1.1 The Sun

The energy released by nuclear reactions near the centre of the Sun is transported
by photons inside the inner two thirds of the solar radius, every photon being ab-
sorbed and re-emitted so many times that it takes tens of thousands of years for
these photons to travel to the surface. Outside this radius, photons are no longer
able to transfer energy efficiently, so convective instabilities set in and vertical
flows carry nearly all the excess heat to the surface. At that surface, called the
photosphere, the gas cools quickly by radiation, which lowers its temperature and
thereby also the gas pressure, causing it to compress and its density to increase,
such that the cooled gas sinks to large depths where it is again heated. The centres
of the upwelling hot plasma plumes possess excess pressure, forcing the plasma
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2 CHAPTER 1. INTRODUCTION

Figure 1.1: Active region 10030 recorded with the Swedish 1-m Solar Telescope,
showing a dark sunspot and surrounding granules. Every tick mark is 1000 km.

horizontally away from the centre of the plume while it cools. It manifests itself
in a characteristic granular pattern, giving the impression of bright tiles, outlined
by darker lanes (see Fig. 1.1) and covering nearly the entire solar surface. How-
ever, over small fractions of the solar surface, this granulation pattern is replaced
by dark spots, usually surrounded by filamentary ‘penumbrae’. Although the ex-
istence of sunspots has been known for over 1000 years, no clues to explaining
their existence were found until Hale (1908) discovered that certain spectral lines
are split due to strong magnetic field in sunspots. During the last decades, it has
become increasingly clear that strong magnetic fields exist everywhere on the so-
lar surface and that, contrary to intuition, magnetic fields tend to clump into small
concentrations of strong field, rather than weakening by diffusion or random hor-
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Figure 1.2: Active region observed with the Swedish 1-m Solar Telescope,
through the SOUP filter tuned to Hα, showing the larger dominance of the mag-
netic field in the chromosphere. The sunspot at the top left is crossed by a bright
“light-bridge” and its large extended super-penumbra. A dark thin band called a
filament can be seen snaking its way across lower part of the picture1.

izontal flows.

The chromosphere is another atmospheric layer, which is located above the
photosphere and that was first observed during solar eclipses. It is most easily
observed in the strongest atomic lines, such as the Hα line from hydrogen (see
Fig. 1.2), by use of very narrow filters. The visual appearance of the chromo-
sphere is quite different from that of the photosphere. Near sunspots, extremely
long and thin penumbral filaments extend far outside the boundaries of the same
sunspots seen in the photosphere. Nearly everywhere in the chromosphere, there
are filamentary structures covering all ranges in size from those barely observable
to giant filaments extending over a significant fraction of the solar diameter. From
this appearance of the chromosphere, it appears obvious that magnetic fields play
a much more important role in structuring the chromosphere than is the case in
the photosphere.

1Reproduced with permission by Luc Rouppe van der Voort
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Figure 1.3: View of the corona over an active region by TRACE2 in the narrow
171 Å filter, showing gas at about one million K.

Above the chromosphere is the corona, separated from the chromosphere by a
very thin layer called the transition region. The corona extends from the transition
region and far into space where it becomes the solar wind. From Earth, it can only
be observed with special telescopes, so called coronagraphs, or during a solar
eclipse. It is much fainter than the photosphere and chromosphere because it is
much less dense and because most of the light is radiated in the ultraviolet part of
the spectrum. The light is mainly emitted at such short wavelengths because the
temperature in the corona is around one million K. The high temperature of the
corona was established by the Swedish physicist Edlén (1943) who showed that
spectral lines observed from the corona and previously assumed to come from a
new element called coronium, were actually from highly ionised iron and nickel.
The iron lines are emitted by atoms ionised between nine and thirteen times, and
had not previously been encountered in any laboratory experiments. Because of
the high degree of ionisation of iron in the solar corona, the conclusion was that
the temperature had to be around one million K. This is surprising, since if the
gas in the corona is simply gas from the chromosphere that is advected up into
the corona or heated by radiation, the temperature should actually be lower than

2The Transition Region And Coronal Explorer is a NASA Small Explorer Project, built and
operated by Lockheed Martin Solar and Astrophysics Lab
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Figure 1.4: Observation by TRACE in the 171 Å filter (left), and how the observa-
tion would have looked if the corona was in hydrostatic equilibrium (Aschwanden
et al. 2001)3.

in the chromosphere, not higher. We now know that the temperature rise from
the photosphere to the corona is comparable to that from the photosphere to the
centre of the Sun, but happens over a distance of only 0.2% of the solar radius.
The existence of a hot solar corona has puzzled astronomers ever since it was
discovered, but it became clear early on that there must be a heating mechanism
at work in the corona, which is not connected to radiation.

The gas in the corona is forced to follow the magnetic field and cannot cross
it (see Sec. 1.2). Therefore the corona is structured into loops of magnetic field as
shown in Fig. 1.3. The solar limb is visible, crossing the picture in the background,
and in front is an active region with loops stretching high into the corona. The
loops come out of the photosphere from two sunspots, which cannot be seen in
this image recorded at 171 Å, since the gas visible in the picture is about one
million K, much hotter than the photosphere and the sunspots. Many of the loops
in Fig. 1.3 are visible along their whole length, indicating that they are isothermal.
Since they appear to be equally bright at all heights about the same amount of gas
has to be radiating at each height. Constant temperature and density implies a
constant pressure with height and not a decreasing pressure, so apparently the gas
is not in hydrostatic equilibrium (see Fig. 1.4). Also visible in Fig. 1.3 is a dark
absorbing feature of cool gas, which is trapped in the magnetic field but not heated
to the high temperatures of the rest of the corona. Large differences in temperature
and density make the heating mechanism in the corona more mysterious, since it

3reproduced by permission of the AAS
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has to provide heating in most of the corona, while also being highly variable on
small scales, in order for both the cool absorbing gas and the hot luminous gas in
Fig. 1.3 to be present.

1.2 The physical nature of the solar atmosphere
A magnetic field is divergence free, which means that there are no magnetic
monopoles. If a line is drawn through a magnetic field, that at all places follows
the direction of the magnetic field, one has a “fieldline”. Fieldlines have no end so
a fieldline always closes back on itself, although it may continue far enough that
it is pointless to follow it any longer, i.e. to “infinity”.

The hot gas in the solar atmosphere constitutes a plasma, where a significant
fraction of the electrons are not bound to an atom, but move freely. The free
electrons and ionised atoms make the solar atmosphere a very good electrical
conductor. Because of the high electrical conductivity, the plasma can only move
along the magnetic field, which is “frozen” into the plasma. If the gas has a
velocity perpendicular to the magnetic field, the magnetic field has to move along
with the gas.

The magnetic field works on the plasma through the Lorentz force, which is
always perpendicular to the magnetic field. For purposes of discussion, the effect
of the Lorentz force may be split into two parts (which need not be perpendicular
to the magnetic field). The first part is called a magnetic pressure gradient and
works in a similar way to a gas pressure gradient, that is, it exerts a force when
there is a gradient in the magnetic field strength and tries to decrease this gra-
dient. The second part is the magnetic tension force, which works to straighten
magnetic fieldlines. Because of the latter force, the magnetic fieldlines may be
pictured as elastic bands, which produce tension when stretched, and behave in
much the same way. Both these forces are proportional to the magnetic field
strength squared.

A magnetic field is often characterised by one of a number of “standard” con-
figurations. The first is the potential magnetic field. This configuration holds the
minimum amount of energy stored in the magnetic field and furthermore does not
affect the plasma in any way. The next two standard cases are the linear and the
non-linear force-free states. These states are characterised by electrical currents
running only along the magnetic field and the Lorentz force is in this case every-
where zero. The two configurations differ in the relation between the electric cur-
rent and the magnetic field. Since the magnetic field and the electric current have
the same direction everywhere, the electric current is proportional to the magnetic
field, ~J = α(~x)~B where ~J is the electric current, ~B is the magnetic field, and α is
a scalar function of position that must be constant along magnetic field lines. In
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the case of the Sun, α then only has to be known at the solar surface to be known
everywhere, if all magnetic fieldlines pass through the surface at some point. The
linear force-free state corresponds to α being constant also across fieldlines, while
in the non-linear case α can vary from one fieldline to another. The force-free
configurations have free magnetic energy associated with them, and therefore the
extra energy they possess, compared to the potential field configuration, may in
principle be converted into heat or movement of the plasma. The magnetic field
of the solar active regions is generally not in any of these states, but frequently
nearly so.

To get an impression of how strong a magnetic field is compared to the plasma
it is immersed in, a parameter called the plasma β is usually used. β is the gas pres-
sure divided by the magnetic pressure, which in centimetre-grams-seconds (cgs)
units is defined as β = 8πPg/B2 where Pg is the gas pressure and B is the magnetic
field strength. When this parameter is much smaller than unity, the magnetic pres-
sure is much larger than the gas pressure, and therefore the magnetic forces are
much stronger than the gas forces, making the gas of secondary importance for
the dynamics. If β is much larger than unity, the gas forces are far stronger than
the magnetic forces and the magnetic field is advected by the gas if there is a gas
pressure gradient perpendicular to the magnetic field.

When there are large velocities, β might not be the relevant parameter. In that
case the “kinetic” plasma β is more important. It is given by the ratio between
the kinetic energy and the magnetic pressure (which is also the magnetic energy):
βK = 4πρu2/B2, where ρ is the gas density and u is the gas velocity amplitude.
This measures the importance of the magnetic field’s ability to dictate the move-
ments. If βK is larger than unity, then the magnetic field cannot resist velocities
perpendicular to the magnetic field direction, and therefore moves along with the
gas. On the other hand if βK is smaller than unity, then the magnetic field inhibits
gas movements perpendicular to the magnetic field direction.

1.3 Heating and the magnetic field
The heating needed to keep the corona at a temperature on the order of a mil-
lion K has had researchers speculating on a heating mechanism ever since the hot
corona was discovered, and it was realised that the heating could not be radiative.
The properties of the upper solar atmosphere were known in some detail early on
(see for instance Schatzman 1949), but the high temperature gradient in the solar
transition region was unknown. The initially most popular heating model was put
forward by Bondi et al. (1947) proposing the in-fall of interstellar matter as the
heating mechanism. At the same time Alfvén (1947) proposed electro-magnetic
waves to be the heating mechanism, but the theory was not generally accepted as
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viable because of the complications it introduced. Piddington & Davies (1953)
used the thermal radio spectrum to show that the temperature increased when
sunspots were present, making it plausible that the magnetic field was involved.
With the launch of Skylab, large arch-like structures were observed in the ultra-
violet and X-ray spectrum and it was realised that the gas in these arches was
confined to regions with strong magnetic fields (Tousey et al. 1973). When also
the majority of the ultraviolet radiation was observed to come from arches near
active regions, it was clear that the magnetic field played an important part in the
process of heating the corona.

In the photosphere, the gas movements are strong enough to overcome the
magnetic forces. In the corona, the pressure is so low that the gas can only move
along the magnetic fieldlines. That makes the photospheric velocity field able to
pump energy into the magnetic field by braiding the magnetic field. By a simple
dimensional argument, Parker (1979) showed that the flux of energy from the
photosphere available from a horizontal velocity u0 moving a vertical magnetic
field B0 and creating a horizontal magnetic field component Bh, is of the order
u0B0Bh/µ. For plausible values of these parameters in the solar photosphere, this
is more than sufficient to heat the solar corona.

1.4 Heating mechanisms
How the supply of energy in the magnetic field is converted into heat has been
under scrutiny since even before it was certain the magnetic field was involved.
Historically the conversion mechanisms have been divided into two main groups:
AC (alternating current) and DC (direct current) heating. The two groups are
divided according to the timescale over which the magnetic field is disturbed by
movements in the photosphere. If the movements in the photosphere change on
timescales shorter than needed for the disturbance to be transmitted to the other
side of the magnetic field loop, the velocities in the photosphere induce waves, and
thereby alternating currents. If, on the other hand, the velocity in the photosphere
changes on a timescale longer than the transmission time, then the magnetic field
can find an equilibrium and direct currents will be induced.

1.4.1 AC heating
AC heating models aim at dissipating waves in the magnetic field within a short
distance in the corona. In general three different types of waves involving the
magnetic field can propagate in the solar atmosphere. The first are Alfvén waves,
which are purely magnetic and do not carry any gas-pressure perturbation. The
other two are called the fast and the slow magneto-sonic wave modes respectively,
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Figure 1.5: Phase mixing happens where there is a wave-speed gradient (dashed
arrows). Alfvén waves then travel with different speeds, leading to large gradients
in the gas velocity (solid arrows) which make the Alfvén waves come out of phase
(to the far right).

and are combinations of gas-pressure waves (sound waves) as well as waves in
the magnetic field. In the slow mode, the magnetic and gas-pressure restoring
forces work against each other and therefore the wave velocity is slower than for
a purely magnetic wave. The fast wave mode has synchronised restoring forces
and is therefore faster than a purely magnetic wave.

Alfvén waves propagate along the magnetic field, while fast and slow mode
waves, in their purest form, propagate across the magnetic field. They transform
gradually into pure sound waves for directions approaching that of the magnetic
field. Because the magneto-sonic wave modes have wave speeds that depend on
the direction of propagation and on the properties of the gas, the large gradients
in pressure and density in the layer between the chromosphere and the corona
make the waves reflect against the transition region. The magneto-sonic waves can
therefore not transport energy from the photosphere to the corona. That leaves the
Alfvén waves, which Alfvén (1947) proposed as the transport mechanism. Alfvén
waves are much more resilient, which is an advantage because the waves pass
unhindered through the transition region. But when the waves have reached the
corona the resilience creates a problem, because it becomes very hard to convert
the wave energy into heat. It is therefore necessary to increase the dissipation in
order to make AC heating efficient.
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In essence, there are two flavours of AC heating: Phase mixing (Heyvaerts
& Priest 1983) and resonant absorption (Davila 1987). For both, instabilities are
helping to enhance the energy dissipation. In order for them to work, a wave-
speed gradient across the magnetic field is required. Phase mixing happens when
the magnetic field is excited by Alfvén waves and the wave-speed gradient makes
waves in nearby fieldlines propagate at different speeds, and therefore come out
of phase. That means that the gas speed has large gradients, inducing instabilities
and dissipating the wave energy. Resonant absorption happens when a magnetic
loop is excited with a frequency that matches the Alfvén eigen-frequency, so that
standing waves are induced in the loop. If there is a wave-speed gradient across
the loop, a single thin surface will resonate and the gas velocities will again have
large gradients. The wave-speed gradient will also provide surfaces that resonate
at different frequencies, effectively absorbing waves within a large range in fre-
quencies.

1.4.2 DC heating

DC heating is also usually split into two flavours, Joule heating and nano–flares.
Parker (1972) is generally accepted as the father of the Joule heating model, with
Glencross et al. (1974) and Parker (1983) coming up with the nano–flare flavour
of DC heating. Both flavours depend on the photosphere moving bundles of mag-
netic flux around in the photosphere, thereby braiding them into a complex pattern.
This complex pattern of magnetic fields induces electric currents that dissipate as
Joule heating and if forced further, leads to reconnection of the magnetic field-
lines, producing flares with energies within a large range of magnitudes. Parker
(1979) showed analytically that unless the motions in the photosphere possess a
strict symmetry, the magnetic field will be braided until it is forced to dissipate
its energy by reconnection. It is therefore clear that this mechanism is at work,
but just as for the AC heating mechanisms, it has been difficult to quantify how
much energy is actually dissipated. The amount of dissipation has been estimated
by various authors. Parker (1983) obtained a result that was at the limit of the
required energy and at the same time coined the expression “nano-flares”, while
the estimate of van Ballegooijen (1986) gave significantly less than the needed
energy.

Common for all models presented is that they have to rely on assumptions that
are more or less “ad hoc”. Even though most of these models seem plausible,
none has been able to produce a quantitative measure of the energy produced
without relying on parameters that were, at best, uncertain. It has therefore been
impossible to decide on a single model as the correct one.
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1.5 Observational hints
The solar corona above active regions is estimated to radiate on the order of
106−107 ergs cm−2 s−1 in the ultraviolet and soft X–rays, which is the major energy
loss mechanism for the gas in the corona. The heating mechanism must conse-
quently provide at least this amount of energy to the corona, in order to keep its
temperature at around one million K. The heating mechanism must also be able to
supply heat intermittently on small length scales, in order to reproduce the struc-
tured corona imaged by the TRACE and SOHO spacecrafts.

Nano-flare heating was for a long period a prime candidate for the heating.
In the nano-flare scenario, flares of all sizes are considered; from the largest and
most clearly observable ones through smaller, less remarkable flares down to small
scale events such as X–ray bright points, and the rapid flickering of X–ray inten-
sity on the smallest observable scales. The distribution of these events, covering
a wide range of event sizes, follows a power law, with a power law index of ap-
proximately −2 (see Fig. 1.6). Nano-flares are the assumed continuation of this
distribution, down to magnitudes much smaller than observed. To calculate their
contribution to the heating, one thus has to integrate an extrapolated distribution
of event sizes, which unavoidably leads to an uncertain result. Since a power law
index of −2 is the limit where there is a formal divergence of an infinitely ex-
tended distribution, there has been a lot of debate about whether the power law
index actually is slightly larger or slightly smaller than −2.

Recently, it has been argued that it does not matter much whether the index is
not exactly −2, since the real distribution cannot extend more than a few orders
of magnitude below the smallest scales observed. An argument for a cut-off in
the distribution is the association of event size and loop length. Large flares are
generally associated with large scale magnetic features while small scale X–ray
bright points are associated with much shorter, low-lying loops. At sufficiently
small (nano-flare) event sizes, the loops would be so short and low-lying that
they would be contained entirely within the chromosphere, and hence could not
contribute to coronal heating.

If the existence of a cut-off towards very small event sizes is accepted, then it
indeed does not matter much what the power law index of the distribution is; the
integrated contribution is then not sensitive to the power law index, and is insuf-
ficient for heating the corona. Arguments along these lines have recently made
the nano-flare heating scenario less popular (Parnell & Jupp 2000; Aschwanden
& Parnell 2002; Aschwanden et al. 2000; Aschwanden & Charbonneau 2002).

AC heating models are hard to verify observationally. The observable effect
of a passing Alfén wave is very small since it only manifests itself as alternat-
ing Doppler shifts of spectral lines. Wave dissipation are not expected to give
rise to localised energy injections and therefore it is very difficult to obtain direct
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Figure 1.6: Number of observed flare events in the Extreme UltraViolet (EUV),
Soft X-Rays (SXR) and Hard X-rays (HXR) as a function of the estimated energy
release. A power-law with index −1.8 over-plotted for comparison (Aschwanden
et al. 2000)4.

observational evidence for wave heating. In the corona, the spectral lines are
in general so weak, that very long integration times have to be used in order to
collect enough photons to reach a good signal to noise level. But by using long
integration times, the alternating signal is just smeared out. Since also the tem-
perature of the corona is very high, the intrinsic thermal broadening of the line
makes such measurements of the motion even more difficult. There is, however,
no doubt that Alfvén waves have been observed “in situ” in the solar wind, first
by the Helios spacecraft (Coleman 1968; Unti & Neugenbauer 1968; Neubauer &

4reproduced by permission of the AAS
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Musmann 1977). In the corona itself, radio observations have indicated the exis-
tence of Alfvén waves (see Aschwanden 1987). Lately both SOHO and TRACE
have observed waves in the corona, but mostly in connection with large flares
(e.g. Robbrecht et al. 2001; Klassen et al. 2000; Stepanova & Kosovichev 2000;
Thompson et al. 1999; Nakariakov et al. 1999). With this evidence in hand there
is no doubt that waves are present in the solar corona.
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Chapter 2

The direct approach and its
challenges

The previous discussion indicates that, in order to give a quantitative estimate for
any of proposed heating mechanisms, it is not enough to show that it could be
efficient under special circumstances. A way forward would be to use a direct
approach, and instead of assuming some specific circumstance that might be oc-
curring on the Sun, use well observed facts about the Sun, which are not directly
associated with the heating, and use these in a simulation of the solar atmosphere
and see what that would result in. If such simulations could be sufficiently re-
alistic, there would be no “special circumstances” and it would be possible to
conclude with certainty what role individual heating mechanisms play in the solar
corona. For DC heating, we know that the heating must come from the braiding of
the magnetic field, and we know exactly how the braiding is done. There are, how-
ever, several technical obstacles that have to be overcome before any real progress
can be achieved; first of all a computer code is needed, since direct modelling of
the process certainly cannot be done analytically.

2.1 The numerical code

The equations that describe the magnetised plasma in the solar atmosphere are
those that describe most of the gas in the universe. In general these are called
the Magneto-Hydro-Dynamic (MHD) equations, which are approximations to a
full set of equations consisting of the hydrodynamic equations and Maxwell’s
equations for electromagnetism. Maxwell’s equations can be simplified because
of the high electrical conductivity and the relatively low velocities (compared to
the speed of light) in the solar atmosphere, where all electrostatic fields are very
quickly cancelled out and therefore only the time evolution of the magnetic field

15
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is left; the electric field only appears as a secondary quantity.
The numerical code used in this thesis has been developed by Nordlund &

Galsgaard (1995). It solves the time dependent continuity equation, momentum
equation, energy equation and the induction equation for the magnetic field. The
equations are all differential equations and the code solves them directly, using
sixth-order derivative operators, fifth order interpolation operators, and a third or-
der time stepping algorithm. The equations are solved at discrete points, forming
a lattice or mesh. Values of the variables at intermediate points can then be found
by interpolating between the nearest mesh points.

The principle may be illustrated for a mesh with just one direction, i.e. a chain
of discrete points, where it turns an equation of the form

∂F(x)
∂t
=
∂G(x)
∂x

(2.1)

into
F1(x(0)) = F0(x(0)) + (t1 − t0)D

(
G0(x(...))

)
, (2.2)

where F is some variable (for example the density), which depends on the position
x(0), t is time and D is a differential operator. Superscripts within parentheses
indicate mesh point numbers and subscripts indicate time step numbers. What
basically happens is that the variable F at time t1 is equal to F at time t0 plus the
differential D of some other variable G (for instance the momentum) at time t0

times the interval in time between t1 and t0. The operator D uses the values of
G0 at 6 points in the chain to give good accuracy, but an important property is
illustrated by the simplified operator

D̃
(
G0(x(1/2))

)
=

G0(x(+1)) −G0(x(0))
x(+1) − x(0) . (2.3)

That is, D gives results that are shifted by half a mesh point with respect to the
input values. If the results are needed at the original location, they have to be
found by interpolation.

By having the variables at positions that are already shifted, interpolations are
not needed. In the example above, the G mesh would then be shifted to positions
−3/2, −1/2, 1/2, 3/2 and so on, from −2,−1,0 and 1. So the result of D(G)
comes out at integer locations, which makes it directly usable in Eq. 2.2. If the
equation that controls the time evolution of G depends on F in a similar way,
the loop may be closed without actually requiring any interpolations. This is, for
example, indeed the case with mass density and mass flux, where the equation of
motion most naturally gives the acceleration at points shifted with respect to the
gas pressure mesh, and the continuity equation most naturally gives the rate of
change of the density in-between the mass flux mesh points.
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G
(X

)

dG
(X

)/
dX

X X

Figure 2.1: A rapidly changing variable G (left) that cannot be handled correctly
by the differential operator, and instead of producing the exact results (right, solid
line) produces “ringing” (right, dashed line).

In the full MHD equations, the momentum and the magnetic field are shifted
by half a mesh point with respect to the mass and energy density. A scheme
such as this is called a staggered-mesh scheme, since the variables are located on
meshes shifted (staggered) by half a point.

In this kind of high order numerical scheme for solving differential equations
two particular requirements have to be fulfilled. The first is that the variables that
are solved for should not change too much between neighbouring mesh points, be-
cause otherwise the differential operators produce “ringing” as shown in Fig. 2.1.
In the worst case, the addition of such a “ringing” differential as in Eq. 2.2 can
make other variables “ring” and finally produce infinite or infinitely small numbers
that computers cannot handle. One cannot immediately quantify by how much the
variables are allowed to change, since the tendency for ringing also depends on
how rapidly or gradually a change sets in, but we try to avoid having the density
change by more than a factor of five per mesh point. The second requirement is
that a step forward in time must be shorter than the time needed for the fastest
(material or wave) motion to traverse about half the distance between two mesh
points. In this code, the time step is variable and is automatically adjusted to the
maximum length that satisfies the requirement at all points.

2.1.1 Length scale issues
In the context of simulating the solar corona, there are two length scales that are
important: The typical diameter of an active region, and the physical scale at
which magnetic energy is dissipated.

The solar corona is such a good electrical conductor that if any significant
dissipation is to take place, it requires large gradients over small distances. For a
solar flare like the one in Fig. 2.2, the scale at which the energy is dissipated is no
more than about a metre, while the magnetic fieldlines involved are several tens, if
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not hundreds, of mega-metres in length. This extreme scale difference means that,
in principle, one must be able to resolve the one metre scale as well as spanning
the tens of mega-metres. When setting up a 3 dimensional numerical simulation
this is very unfortunate because the calculations have to be done at each of the
mesh points in the simulation. Each calculation takes time and each mesh point
takes memory, which sets a limit on the number of mesh points. With a one-metre
mesh point distance, 107 mesh points are needed to span ten mega-metres, which
means a staggering 1021 mesh points in 3 dimensions. For comparison, the largest
simulations of this kind at the moment have “only” 109 mesh points.

In the case of normal hydrodynamics, such as for example when numerical
models are used to predict the weather over the next few days, the situation is
similar. Even though scales up to thousands of kilometres are involved, the tur-
bulence driven by the winds has structure down to fractions of metres. However,
both from experience and from a theoretical point of view, one knows that the
models do not require resolutions down to fractions of metres; much coarser res-
olutions give essentially the same results. The predictive powers of these models
are limited for other reasons.

For the case of coronal heating, Galsgaard & Nordlund (1996) and Hendrix
et al. (1996) made a number of simulations, showing that the dissipated energy
produced in a simulation of DC heating does not depend noticeably on the small-
est scales. At first, this seems counter-intuitive, since one would expect that not
resolving a scale would make the results lack in contrast. It would therefore not
seem likely that the dissipated energy would be the same. From an energy conser-
vation perspective, it is however clear that pumping energy into a magnetic field
will force the energy to be dissipated when the magnetic field reaches some max-
imum stress configuration. The dissipation would then be the same as the injected
energy. Higher resolution does not lead to a higher level of stress but only shifts
the stress to smaller scales. The crucial point is that the level of stress is deter-
mined by how much the magnetic field can be twisted, before instabilities set in,
and the critical amount of twist (about one or two turns from end to end) does not
depend on the scale of the stress.

This insight removed the need for the one metre-scale resolution, making it
possible to obtain reliable results from simulations with much poorer resolution.

2.1.2 Time scale issues
The solar atmospheric plasma has properties that are not common on Earth. A
significant fraction of the atoms in the solar atmosphere are ionised, making it a
very good electrical conductor. The low electrical resistivity makes it possible to
generate large magnetic fields, since small movements in the plasma can generate
large electric currents. Another effect is that the many free electrons are much
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Figure 2.2: TRACE observation in the 171 Å filter showing gas of approximately
one million K at the centre of the solar disc, where a small flare that has heated the
gas in the upper central part of the image. The image is roughly 240 × 170 Mm2.

better at conducting heat along the magnetic field than across it. The reason is
that they are bound to the magnetic field, spiralling around the field lines. Chap-
man (1954) derived an expression for the thermal conductivity for a plasma, now
called the Spitzer conductivity (Spitzer 1956). The formulae show that across the
magnetic field the high thermal conductivity is decreased by a factor 1/(1+ω2

ct2
c ),

where ωc is the cyclotron frequency and tc is the typical time between collisions
for an electron. This factor amounts to on the order of 1025 for a normal coronal
gas, effectively making the gas completely thermally insulated across fieldlines.
Because the electrons are so effective in conducting thermal energy along field
lines, this gives problems when trying to simulate the corona. The effective ther-
mal conduction means that heat can move along field lines very effectively, as long
as there is a gradient in the temperature. The stability of numerical simulations
requires that a step in time is adjusted so that no information can move more than
about half way between two mesh points. Since conduction can move thermal
energy so fast, the allowed time steps become very small, typically of the order
of a milli-second. The Sun does not change much in that amount of time, and it
is important to make the simulated time long enough that the initial condition is
“forgotten” and no longer has an influence on the the outcome of the simulation.
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This takes at least ten minutes, corresponding to the time of change of the granular
pattern in the photosphere. At time steps of the order of a milli-second it would
take a long time to complete a simulation, so this problem had to be circumvented.
We realised that the conduction does not need to be this fast, as long as it is much
faster than anything else. A thermal conduction that is much slower than the true
conduction while still much faster than anything else, allowed us to make the time
steps longer, enabling the simulation to be run for of the order on tens of solar
minutes.

2.1.3 The radiation
The radiation fields in the solar photosphere, chromosphere and corona are all dif-
ferent. The photosphere is close to optically thick even in the continuum, so all
photons are not able to escape the photosphere directly. In contrast, the corona
is optically thin also in spectral lines and photons being emitted there are not ab-
sorbed by anything before reaching Earth. The density in the photosphere is also
much higher than in the corona, so the photosphere is able to radiate much more
energy than the corona in spite of the partial absorption. The chromosphere is
optically thin in many wavelengths but is optically thick at a sufficient fraction of
the visible spectrum, in particular in strong lines such as Hα and the Ca II H and
K lines. This makes the energy balance in the chromosphere depend crucially on
radiative energy transfer effects. The details of that complicated process would be
impossible to include in the simulation model. However, we know the tempera-
ture structure of the photosphere and chromosphere reasonably well from obser-
vations, so instead of calculating the details of the radiation in the photosphere
and chromosphere we can impose an empirical thermal model as a constraint in
the simulation. In the corona, the radiative cooling can be assumed to depend on
temperature and density only and the radiative losses can be computed by evalu-
ating a simple function. This “radiative cooling function” has been modelled by
several researchers, all arriving at cooling functions that are very similar.
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Proof of concept

We first ran a “proof of concept” simulation, where parameters were chosen pri-
marily to optimise computational speed, while still maintaining as much as pos-
sible of the correct physics. The main “engine” of the DC heating process is
the horizontal flow in the photosphere. Apart from the geometrical pattern of
the granules on the solar surface, the velocity is also structured because the gas
comes up in the centre of the bright granules and flows horizontally out to the
dark boundaries and back down into the Sun and the velocities in the granules
have an almost constant amplitude. Similar flows exist also on larger scales but
with smaller typical velocities. Observations of the solar photospheric velocities
have been made for a range of scales, and show that the velocity amplitudes scale
as u ∝ d−1, where u is the velocity and d a typical length scale, while the life
times correspondingly scale as τ ∝ d2. Based on these very simple relationships
it is possible to create a simple procedure for creating random 2D model velocity
fields. Fourier transforms provide a way of setting the amplitude of the velocity
at each typical scale and by letting the phases evolve smoothly over time scales
obeying the life time relation above, the resulting velocity field has all the sta-
tistical properties of the solar photospheric velocity field. However, it does not
reproduce the granular pattern and it is divergence free, which the solar velocity
field is not.

From the photosphere to the base of the corona the overall drop in density is
about eight orders of magnitude over a height range of only about 3 Mm, cor-
responding to almost three orders of magnitude per Mm on average. The mass-
density drop across the photosphere is even steeper; the density scale height in
the photosphere is of the order of only 100–120 km. For a numerical code to be
able to handle such a steep transition, a common rule of thumb is that one needs
at least two mesh points per decade change in the variables. Since the code had to
have the same distance between all mesh points in the same direction, that would
mean that we needed a resolution of at least 150 km, making it expensive to make
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the model extend to sufficient heights. The solution was to ignore this fact and
set the resolution to 300 km, and then make the density change more gently. This
meant that we did not quite have a true representation of the Sun, but one where
the extent of the photosphere and the chromosphere was exaggerated.

At the same time observations pointed towards the coronal heating being dis-
tributed with an exponential decrease with height. Since we now had a density
scale height that was forced to be roughly 200 km instead of 100 km, the density
would be higher in the model than in the real case. Higher density makes radiation
more effective and able to radiate the heating away. We therefore had to increase
the heating by an amount corresponding to the increase in density. Since the den-
sity at any height in the chromosphere would be about a factor e ∼ 2.7 higher than
in the real case, we would have to increase the velocity by roughly this amount
to counter the effect. In order not to “overcompensate” for the increased den-
sity and thus produce too much heating, we chose to increase the velocity in the
photosphere by a factor two.

Finally, we had to choose the initial conditions for the simulation. The thermal
initial condition, which also acts as a constraint on the thermal structure in the
photosphere and chromosphere, was chosen to be a constant temperature of about
8000 K, sufficiently warmer than the normal solar photosphere to increase the
density and pressure scale height to about 200 km. The magnetic field would have
to be typical for an active region, without being special. To meet that requirement,
we took a high resolution magnetogram from SOHO/MDI, giving the vertical
component of the magnetic field. From that we extrapolated a magnetic field into
the rest of the simulated box. This can be done in a number of ways, giving a
magnetic field containing different amounts of energy. For practical reasons the
choice is limited to two types, a linear force free field and a potential field. The
linear force free field has an electrical current running through the magnetic field
but only along the magnetic fieldlines, which means that the magnetic field does
not work with a force on the gas in the corona. A potential field has neither
electrical currents, nor does it produce a force that works on the gas. In order to
ensure that any heating produced was not an effect of the magnetic field initial
condition, we used a potential extrapolation.

We chose to run the simulation with 100 mesh points in each direction, a reso-
lution of 500 km in the horizontal directions and 300 km in the vertical direction.
This gave a box of 50 Mm on a side and a height of 30 Mm, which would not
be able to hold an average active region, since these can be on the order of a few
hundred Mm on a side, with loops stretching one hundred Mm or more up into the
corona. The model can thus only represent a small active region or a fraction of
an active region. This had to be taken into account when comparing the heating
rate with radiative losses from observations of solar active regions.

In most observed active regions, the magnetic field is not in a potential con-
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Figure 3.1: Emulated TRACE 171 Å filter (top) and the underlying magnetogram
with two loops traced.

figuration, both because the field is stressed by photospheric motions and because
it may already be non-potential when it emerges from the convective zone. The
velocity field is also often more complicated than the one we created, with rotat-
ing sunspots and sheared active regions, showing signs of strong influence from
large scale velocity fields. Both of these changes would increase the heating, so
the heating rate obtained from the simulation would from that perspective set a
lower limit to the true heating rate.

The results of these initial simulations were very encouraging, and are pre-
sented in Paper I. The simulation ran for about two weeks on 12 processors on an
SGI supercomputer, producing a time sequence of roughly 40 minutes. Initially,
the heating is inefficient because the velocities in the photosphere had to braid the
magnetic field before any heat could be produced. If we had the radiative heating
and the Spitzer heat conduction active during this initial phase, the whole corona
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would tend to cool down and collapse before the heating would get started. We
therefore disabled these two processes during the first five minutes. After that
the heat conduction and radiative cooling were turned on and the corona was al-
lowed to find an equilibrium. The equilibrium is not static, since the heating by
the twisted magnetic field is time dependent, so there were constantly unbalanced
cooling and heating in the corona, leading to velocities virtually everywhere. The
equilibrium was only “statistical” in nature, meaning that when averaged over a
large enough area and a sufficiently long time the energy gains and losses were
equal. Figure 3.1 (top) shows what the TRACE satellite would have shown if
it could have observed a part of the solar corona identical to the simulation, lo-
cated at the solar limb. The emulated TRACE narrow band 171 Å filter shows
gas having a temperature of roughly one million K. It is obvious that the simu-
lated corona shows many very thin loops, exactly as the solar corona does. There
are so many of them, that some of the ones visible here are several loops that in
themselves would be only slightly brighter than the background, but because the
corona is optically thin, the radiation is added along the line of sight. Most of
the loops start and end at the two main polarities (Fig. 3.1, bottom). This result
was a bonus! Even though we could argue for loops forming, we had no evidence
to predict that they would be as obvious as seen in Fig. 3.1. The most important
result of this test was that the temperature in the corona was kept at about one
million K during the simulated time span. The heating was measured to about
2 × 106 ergs cm−2 s−1, well within the range of observed energy losses from the
corona. The heating rate from this model may differ from that of a more realis-
tic model by more than a factor two, because of the thick chromosphere and the
photospheric velocity increase, but in spite of that, the result showed that by us-
ing only observational facts about the Sun and well known physics, DC heating
was able to produce enough energy to sustain a one million K corona. The heat-
ing rate estimated was a minimum heating rate, from the point of view that it did
not include contributions from either large scale shearing velocity fields or from
emerging new magnetic flux. Those would add more magnetic stress and hence
cause more magnetic heating.
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The complete model

The next step was to make a more realistic model of the solar corona. Compared
to the first model, two aspects had to be improved in order to give more reliable
results. The resolution had to be increased so that we could resolve the steep
density gradient in the photosphere and chromosphere, and we had to engineer a
scheme to produce a more realistic velocity field in the photosphere. A description
of, and the results from, this simulation are included in papers 2 and 3.

To increase the resolution, we knew that simply adding more mesh points in
the vertical direction would extend the total run time too much, so we had to find
another solution. With the numerical code written in modules, the differential op-
erators can be exchanged without major restructuring of the main code. That made
it reasonably easy to change from the original operators, which required equidis-
tant mesh points, to new operators that could handle arbitrary distances between
mesh points. This modification allowed high vertical resolution in the photo-
sphere and chromosphere, where the density drops rapidly, and in the transition
region where the temperature rises sharply. We chose to increase the resolution to
150 km; twice the resolution compared to the test run. In the corona, where the
temperature and density changes more gradually, we chose a lower resolution of
250 km, which is still better than in the initial run. In the horizontal direction we
increased the resolution from 500 km to 400 km, while increasing the size of the
model to 60 Mm. Overall, this meant that the number of mesh points required in
each direction increased from 100 to 150, spanning 60 Mm by 60 Mm horizon-
tally and 36 Mm vertically. The overall computing time requirements, which scale
approximately as the fourth power of the number of mesh points, thus increased
with about a factor of five.

Modelling solar photospheric velocity fields turned out to be more compli-
cated, but fortunately, models describing the granules and their velocities had
been developed earlier. A scheme that could split a 2D surface like the photo-
sphere into tiles, similar to granules, had been employed by Schrijver et al. (1997),
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Figure 4.1: Corks being uniformly distributed (left) after having being advected
by the simulated solar velocity field for 15 min (middle) and after 45 min (right).

who applied Voronoi tessellation theory to the granular pattern in the photosphere.
Voronoi tessellations, and in particular multiplicatively weighted Voronoi tessel-
lation is relatively simple. Granules are defined by a weight wi which is placed at
a location xi. The location x is then inside tile i when

wi

‖x − xi‖
<

w j

‖x − x j‖
for all j , i . (4.1)

This makes the tile sizes depend on the weights they have, and in general how
closely they are located. The granules visible in Fig. 1.1 are all of roughly the
same size, so it is important to adjust the individual weights and the distances
between the weight points.

The granules on the solar surface disappear after a certain life time and new
ones appear, so a scheme that is able to do that had to be devised. A finite life time
is easily accomplished, by making the weights increase from a very small initial
value, reach a maximum, and then decrease again to a small value. When the tile
has become so small that it fits between two mesh points, it is effectively gone
and we can let it disappear. New granules can then be allowed to appear in places
where the values of nearest granule weight divided by the distance is small. This
threshold value is effectively set by the typical sizes of observed granules, as the
typical weight divided by a typical radius. This scheme would not produce equally
sized granules, or even circular granules, but in order to make the granules even
more diverse we also made the weights and life times randomly differ by 10 %.

Constructing granules like this only produces the geometrical shapes of gran-
ules, so we had to find a prescription for the velocity field inside granules and in
the dark inter-granular lanes between them. Simon & Weiss (1989) fitted a ve-
locity profile to velocities in meso-granules observed with the SOUP instrument
onboard Space lab 2. They assumed that the velocity is radial and directed out-
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wards from the granule centre and only depends on the distance from that centre.
These authors fitted a number of profiles depending only on a scaling factor and
the radius. Implementing such a scheme is simple, but only produces granules of
roughly uniform size, and we know the granular pattern on the Sun consists of
a continuous size distribution of granules, that become weaker and weaker with
size. We therefore included families of larger granules, in accordance with the
empirical relation u ∝ d−1. Instead of only making one family of granules, we
repeated the granule production procedure three times independently of the pre-
vious production and each time doubling the granule size and finally adding the
velocities. This produced almost exactly the desired velocity – size dependence.

Another quantity that characterises the velocity field is called the vorticity. It
measures the amount of twirl (rotation around an axis perpendicular to the flow)
in the velocity field. This property of the velocity field was initially not correct.
The Voronoi tessellation scheme tends to make the velocity in two points close
to each other inside a granule very similar, and so there was too little vorticity in
the velocity field produced. This can be fixed by simply magnifying the twirls
without magnifying the smooth flows. Reliable observed estimates of small scale
vorticity in the solar photosphere are sparse, so in order to scale the vorticity to
the correct value, we had to used earlier numerical work (Stein & Nordlund 2000)
on the solar convective zone that produced reliable results, and which have been
able to produce the right shapes of absorption lines for a number of spectral lines
in the solar spectrum, confirming the simulated velocity spectrum.

Strong magnetic fields in active regions are able to quench the velocities in
the photosphere, so the velocities in strong magnetic field regions need to be de-
creased in our simulation. Sobotka et al. (1999) observed average velocities of 0.3
km s−1 for umbral dots inside sunspots. At similar resolution, observed velocities
in the magnetic field free photosphere would be at least twice as large (in both
cases the observed velocities are heavily affected by atmospheric seeing and tele-
scope resolution). Berger et al. (1998) measured velocities in magnetic regions
that were 10-40% of those in non-magnetic regions. Our quenching mechanism
therefore decreases the velocity in high magnetic field regions by

q =
1 + β2

1 + 3β2 , (4.2)

meaning that the velocity inside sunspots is reduced to roughly 40–45%. β is
furthermore smoothed with a 3 × 3 boxcar, in order for small high magnetic field
strength dots to be carried along by the flow, like for instance G-band bright points
in inter-granular lanes.

These procedures and modifications combine to produce a random velocity
field, that looks very similar to the velocity field in the solar photosphere and that
can easily be implemented in the numerical scheme.
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4.1 Results
From this more realistic simulation we could obtain an understanding of how the
heating mechanism works in detail. The braiding of the magnetic field is very
efficient. In general the magnetic fieldlines are not moved far but they are twisted
around each other on the smallest scale the simulation can resolve and will in
reality be twisted at even smaller scales. Most of the heating does not take place
in the corona but in the dense and cool photosphere and chromosphere. Only
roughly 15% of the energy is deposited in the corona, while the rest is lost to
radiation in the denser lower layers. The reason for this large energy deposition
in the lower atmosphere can be found from general scaling arguments (Galsgaard
& Nordlund 1996). The energy deposition is expected to scale with the magnetic
energy density, which is higher in the chromosphere than in the corona, and is also
expected to scale inversely with the length of the magnetic field lines, which are
generally shorter in the chromosphere. In the lower solar atmosphere, that amount
of energy, even though large, is still small compared to that radiated by the gas.
In our numerical model the temperatures in these layers are constrained to stay
close to the initial values, so the high chromospheric dissipation does not change
the temperature noticeably.

In the low-β coronal environment, the magnetic field controls the gas motions
and tries to find the lowest energy state available. That state is in general force-
free, meaning that the magnetic field does no work on the gas (nor the gas on the
magnetic field). In a force free state the currents running in the magnetic field are
proportional to and parallel with the magnetic field and the heating is proportional
to the current squared. Lately, several articles have been published which point
toward heating with exactly those characteristics (see Aschwanden et al. 2000;
Aschwanden 2001; Démoulin et al. 2003; Foley et al. 2002; Mandrini et al. 2000;
Schrijver & Aschwanden 2002).

As in the first simulation, the total heating is in the range of 2 − 8 × 106

ergs cm−2 s−1, well inside the observed range. This provides direct evidence that
this heating mechanism is the principal one at work in the solar corona, because
it deposits heat at the right place, and in the right amount. There is probably also
AC heating present, but this is most likely not the dominating heating mechanism.

The time scales of the heating appear to be different in the layers below and
above the lower corona. In the lower regions the dissipation seems to be dom-
inated by short time scale events, while in the upper corona the heating varies
much more slowly. Our interpretation is that in the lower regions the shorter field
lines and the higher field strengths result in shorter time scales, while higher up
in the corona the heating is dominated by larger scale, more slowly evolving dy-
namics. These results are, however, not conclusive, since the results of Galsgaard
& Nordlund (1996) point toward more and more of the energy being dissipated as
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intermittent events when resolution is increased. To have a total dissipation, that
does not vary with resolution, requires a cascade of event sizes, and the power-law
distribution of flare events observed in the solar corona is most likely a manifesta-
tion of such a cascade. In a very simplified picture there should be a dependence
on loop length as well, since the Poynting flux injected into a long loop is dis-
tributed over a much larger distance and therefore builds up energy per unit length
slower than for short loops. Furthermore, short loops in general have more twist
per unit length than long loops, since loops in general are wound about once from
one end to the other, and so the crossing angle is higher for short field lines. If the
loops are embedded in a non-twisted field, the energy available for reconnection
would therefore be larger. This is of course very simplified, and does not hold to
high precision, but as a scaling argument it should be correct. It is obvious, how-
ever, that even in such events as solar flares there are smaller scale reconnection
events occurring, so loop length cannot be associated directly with event size.

In general we expect that a large fraction of what appears to be smooth and
slowly varying, at sufficiently high numerical resolution, resolves into dynamic
and intermittent behaviour.

The transition region is literally a region where a number of important transi-
tions occur. Just above the transition region all photons can escape the solar at-
mosphere, while just below photons of specific wavelengths can still be absorbed.
Just below the transition region, the temperature is relatively low, while just above
it is very high. At transition region temperatures, the optically thin corona cool-
ing function reaches its maximum and the importance of thermal conduction (but
not the conduction itself) is maximised. Above the transition region the magnetic
field is space filling and the plasma β is low practically everywhere, while in the
chromosphere some distance below the transition region the magnetic field is not
entirely space filling and there may still be “pockets” of high β-gas. All these facts
conspire to make the transition zone a very complicated region, where the balance
between all these effects can easily be disturbed. The transitions mentioned above
do not all happen at exactly the same height, and the exact heights where they
happen are to some extent independent of each other. Therefore their ordering
with height is not identical at all locations. The definition of the transition region
as the height where the temperature jumps from chromospheric temperatures to
coronal temperatures results in a transition region that is located at very different
geometrical heights, and that has a range of thicknesses, depending on location.
Such a “rugged” transition region has been observed by for instance Schrijver &
McMullen (1999) and Title & Schrijver (2003, private communication).

Our coronal model is intermittent in both temperature and density. Most of the
corona volume has a temperature not far from one million K, but extreme values
from 20000 K to 3 million K can be found at most heights in the corona. The
existence of low-temperature gas in the corona is not easy to confirm by direct
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Figure 4.2: Volume at a specific height (x-axis) that has a specific temperature
(y-axis) where darker colours mean larger volume. Most of the corona has a
temperature around one MK which is also the average temperature for a specific
height (dashed line). The dotted line marks the average temperature for a simu-
lation where the chromosphere was slightly colder, making the corona less dense
and hotter.

observations, but Schrijver et al. (1999) concluded that cold gas with a temper-
ature of less than 30000 K is present in most of the quiet Sun corona, based on
extinction estimates. The highest temperatures are often found in structures in the
lower part of the corona with high field strengths. The reason is probably both that
the heating is approximately proportional to the field strength squared, and that it
scales approximately as the inverse square of the length of the magnetic fieldlines,
making the heating most effective in low altitude high-field regions. The density
also shows large variations at each height. The density in the corona is controlled
by the temperature structure and density structure of the chromosphere and tran-
sition region. If the location where most of the heating is deposited is cold and
dense, then a larger part of the heating will be lost to radiation, and consequently
the evaporation and heating of chromospheric material to coronal temperatures is
reduced. The same mechanism makes sure that the corona stays at a temperature
of on the order a few million K. If the temperature in the corona were roughly the
same as in the chromosphere, the density scale height would be much shorter and
consequently the density at a specific height in the corona would be much lower.
The heating mechanism deposits a certain amount of energy in the corona, with
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Figure 4.3: The emulated TRACE 171 Å (top left) and 195 Å (top right) filter
observations, with the photospheric vertical magnetic field (bottom). Three box
widths are shown, in order to see the connection through the boundaries.

a scale height that, to a first approximation, is controlled by the distance between
the two main polarities in the photosphere. Since the radiative cooling function
does not vary much with temperature, the temperature would increase uncontrol-
lably, until the temperature gradient in the transition region would be sufficient for
thermal conduction to transport enough energy back down into the chromosphere.
Here the energy would evaporate plasma, increasing the density in the corona and
thereby also the radiative losses. A balance is found around one million K, al-
though this balance varies with active region size, magnetic filling factor, etc. For
other stars, where a heating mechanism similar to that of the Sun is believed to be
active, the overall coronal temperature also varies (see for instance the discussion
in Favata & Micela 2003).

TRACE images of active regions in the 171 Å and 195 Å filters (Fig. 4.3, top)
have typical exposure times of roughly half a minute. The number of emitted
photons from a given volume of corona, with given temperature and density, can-
not be computed with high precision, since the emission depends on the coronal
abundances and ionisation equilibrium. Coronal abundances generally vary from
active regions to quiet regions by at least a factor four; this is known as the First
Ionisation Potential (FIP) effect. It means that metals such as iron may be at least
four times more abundant in the active region corona than in quiet Sun regions.
The effect is unexplained, but is evidence for an electro-magnetic selection mech-
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anism, which makes it easier for ions with a low ionisation potential to move into
the corona by a mechanism most efficient in active regions. The ionisation equi-
librium is another uncertain parameter that varies depending on the assumption
of absorbed radiation and the transition probabilities of the highly ionised ions
in the solar corona. These uncertainties conspire to give uncertainties of at least
a factor two in the number of emitted photons. In the TRACE 195 Å filter, the
photons were thought to come from a number of emission lines from Fe XII, but
more recent data show that also a few Fe VIII lines are located in the wavelength
range that the 195 Å filter covers. Depending on the ionisation balance, radiation
from Fe VIII can be substantially higher than from Fe XII. For the 171 Å filter the
main contributions are from Fe X and Fe IX and new data make the contribution
change with on the order of 10% of the total emission at one million K. Using
new filter data, kindly provided by Del Zanna & Mason (2003, private commu-
nication), we found that our corona model was in general too dense by roughly
a factor three. Since the density in the corona is influenced by the properties of
the chromosphere, we investigated another model with a cooler chromosphere. A
chromosphere with lower mean temperature has for some time been advocated by
Carlsson & Stein (2002, and references therein), whose chromosphere model dis-
play short localised bursts of heating by sound-waves. These short, localised heat-
ing events and the effect of a long thermalisation equilibria timescale for hydrogen
are argued to be responsible for observational effects, that in the one-dimensional
and stationary VAL and FAL models have to be represented by warmer chromo-
spheres. Observations of CO emission in large areas of the chromosphere (Ayres
2002) support the idea of a cool chromosphere.

Since the temperature in the simulated chromosphere is controlled by a mech-
anism that forces the temperature toward a preset temperature, implementing a
cooler chromosphere was easy. The relaxation time was on the order of five min-
utes, over which the density dropped in the corona, because the cooler chromo-
sphere corresponds to a smaller chromospheric pressure scale height and hence
to a lower coronal base pressure. The energy dissipation in the corona was still
approximately the same, so with lower density, the temperature increased some-
what in the corona, from roughly one million K to about two million K. At the
same time, the density dropped to levels that made the emulated exposure times
for the TRACE filters between 30 and 40 s, which is consistent with the actual ob-
servations. The problems with accurately calculating the emission still remains,
however, and since the atomic and abundance uncertainties make the numbers un-
certain with at least a factor two, our result cannot be used as evidence for a cool
chromosphere.

The loops clearly seen in observations by the TRACE satellite are all very
thin, and their cross section most likely limited by the resolution. Loops have
therefore been modelled as having a constant circular cross section along their
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whole length. Loops in our simulation, identified in a similar way, would most
likely also be thinner if the resolution was increased. It is technically difficult to
follow fieldlines when the magnetic field is known only in a finite number of mesh
points. When loop diameters are roughly of the same size as the resolution on the
mesh, the interpolation needed to follow loops has to be very accurate. Following
fieldlines within a resolution element is therefore not simple but necessary in order
to resolve loop structure. We tried to establish the shape of loop cross sections, and
found that loops, that at one location are chosen to have a circular cross section,
do not continue to have a circular cross section. The cross section becomes very
complicated, not resembling circles or even ellipses. Loops are not likely to have
circular cross sections because the heating mechanism demands that the magnetic
fieldlines in the loop are not aligned. Since loops are in general identified in filters
selecting plasma with a single temperature, they are singled out as a function of
their heating history. If a loop has not been heated or only lightly heated in the
past, the gas in the loop cools by radiation and thermal conduction and do not
show up in the TRACE and SOHO/EIT filters normally used for identification
purposes. We analysed a number of loops in our simulation, and found in general
that loops are continuously evolving and not in hydrostatic equilibrium. These
results suggest that loops are characterised by more parameters than are available
from observations, making empirical modelling of coronal loops meaningful only
in a statistical sense.
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Chapter 5

Conclusions

The main result of this work is that it appears “easy” for the Sun to produce a
hot corona. The photospheric motions are braiding the ever present magnetic field
at the solar surface, pumping energy into the magnetic field that must dissipate
this energy input, which is intermittent both in time and space. The total amount
of dissipated energy obtained from the simulation falls inside the range estimated
from coronal radiative losses. The dissipation details cannot be fully investigated
because of practical limitations, but we expect that for “infinite” resolution, the
dissipation will mainly in the form of short time scale bursts, with the number of
events as a function of specific energy event size distributed as a power-law. The
heating decreases exponentially with height from the local height of the transition
region, which is located very intermittently and shows large variations. The heat-
ing scale height is best described relative to the typical loop length because the
heating scale-height will be dependent on the decrease in magnetic field strength
with height. A heating function with exactly these characteristics is supported by
a large amount of observational evidence.

The magnetic field is in two different states above and below the β = 1 surface.
Below the surface the magnetic field is, in a majority of the volume, in a non-
relaxed state, while above the β = 1 surface, the magnetic field is in a more
relaxed, more nearly force-free state. The dissipation is high in the volume below
the β = 1 surface, both because the heating is proportional to the magnetic field
strength squared, and because most of the volume is filled with short loops. For a
certain amount of injected energy, a short loop will receive more energy per unit
length, and since loops can only be twisted on average once from end to end, the
crossing angle between two fieldlines in short loops is typically larger than for
long loops.

The temperature and density distributions in the corona are consistent with
observational estimates, with the average temperature and density almost constant
with height. Temperature gradients are as high as 0.7 million K over a distance
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similar to a TRACE pixel (∼325 km) and these gradients are most likely a func-
tion of resolution, making it plausible that even larger gradients are present in the
solar corona. The emulated TRACE observations produce correct photon count
rates for the cool chromosphere but, due to uncertainties in ionisation balances
and abundances, the estimates can vary by a factor two. The simulated images are
also in good quantitative agreement with observations showing a forest of geo-
metrically thin loops of uniform temperature and density. The simulated loops are
not in equilibrium, but are constantly evolving and have non-uniform gas flows.
Scaling relations between a few parameters such as loop length, heating scale
height and foot-point pressure cannot be applied to individual loops, but for a
large number of loops statistical scaling relations may emerge. We have investi-
gated a number of loops from the simulation and they all turn out to be dynamic
with uneven heating and velocity profiles, in spite of having almost constant den-
sity and temperature along most of their lengths. Constant circular cross-section
for coronal loops is an assumption that lacks verification from observations but
is included in the models by many researchers. Cross sections of loops measured
so far have set only an upper limit, because no instrument has yet been able to
resolve loop filaments over which the emission is constant. The assumption of
circular cross-section is not a good approximation to loop structure because loops
cannot be bright unless they have been heated recently in their past, and such heat-
ing demands fieldlines that are not parallel. Even though it is theoretically possible
to construct a loop with twisted fieldlines and circular cross-section, it would be
a highly unlikely situation. These results indicate that loop scaling relations will
be associated with large errors because of the dynamic nature of the loops and
their irregular cross sections. This increases the number of free parameters that
have to be included to such an extent, that modelling will demand very detailed
observations over long time periods in order to produce meaningful results.

5.1 Outlook
We have learnt that the chromosphere is important for controlling the density in
the corona, but also for details of the temperature distribution. The chromosphere
is however a very complex region and detailed numerical models will require
additional work. Efforts are in progress, together with Mats Carlsson in Oslo, to
produce an approximation to the radiative losses in the chromosphere, that will
not require a full NLTE radiative treatment. This would increase the reliability
of the density and temperature results of the corona, as well as produce highly
interesting model chromospheres.

The lower boundary in these simulations is not treated in a completely satis-
factory way, since the real gas pressure is not constant in the photosphere but is
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lower in inter-granular lanes and in magnetic elements. It would be preferable
to have a more diverse photospheric pressure distribution than the nearly uniform
stratification we have at the moment. Such improvements could also lead to im-
proved driving of the magnetic field at the lower boundary, making it even more
realistic by also including vertical motions.

Emerging flux will produce enhanced heating, simply because it adds more
Poynting flux. It has not been included in this thesis, but work on this is being
carried out and will hopefully produce preliminary results within the next year.

The ultimate test of reproducing observations of an actual active region is an-
other project that might not be far in the future. A new method of acquiring a
much better approximation to the full three dimensional magnetic field has been
developed by Solanki et al. (2003), using vector-magnetograms from both the
photosphere and the chromosphere. The new Swedish 1-m Solar Telescope (SST)
will within one to two years have instruments installed, that will allow such ob-
servations, as well as providing a photospheric velocity map. The SST’s unique
ability to produce very high-resolution observations for extended periods of time,
will provide vital information needed for such a project.
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der Voort, L.H.M., 2002, “Dark cores in sunspot penumbral filaments”, Nature,
420, 151

Gudiksen, B.V. and Nordlund, Å., 2003, ”Heating of the Solar Corona by Topo-
logical Dissipation”, ”Stars as Suns: Activity, Evolution and Planets”, IAU Sym-
posium, 219

41



42 PUBLICATIONS



Bibliography

Alfvén, H. 1947, MNRAS, 107, 211
Aschwanden, M. J. 1987, Sol. Phys., 111, 113
—. 2001, ApJ, 560, 1035
Aschwanden, M. J. & Charbonneau, P. 2002, ApJ, 566, L59
Aschwanden, M. J. & Parnell, C. E. 2002, ApJ, 572, 1048
Aschwanden, M. J., Schrijver, C. J., & Alexander, D. 2001, ApJ, 550, 1036
Aschwanden, M. J., Tarbell, T. D., Nightingale, R. W., et al. 2000, ApJ, 535, 1047
Aschwanden, M. J., Tarbell, T. D., Nightingale, R. W., et al. 2000, ApJ, 535, 1047
Ayres, T. R. 2002, ApJ, 575, 1104
Berger, T. E., Loefdahl, M. G., Shine, R. S., & Title, A. M. 1998, ApJ, 495, 973
Bondi, H., Hoyle, F., & Lyttleton, R. A. 1947, MNRAS, 107, 184
Carlsson, M. & Stein, R. F. 2002, ApJ, 572, 626
Chapman, S. 1954, ApJ, 120, 151
Coleman, Paul J., Jr. 1968, ApJ, 153, 371
Davila, J. M. 1987, ApJ, 317, 514
Del Zanna, G. & Mason, H. E. 2003, A&A, 406, 1089
Démoulin, P., van Driel-Gesztelyi, L., Mandrini, C. H., Klimchuk, J. A., & Harra,

L. 2003, ApJ, 586, 592
Edlén, B. 1943, ZAp, 22, 30
Favata, F. & Micela, G. 2003, Space Sci. Rev., 108, 577
Foley, C. R., Patsourakos, S., Culhane, J. L., & MacKay, D. 2002, A&A, 381,

1049
Galsgaard, K. & Nordlund, Å. 1996, J. Geophys. Res., 101, 13445
Glencross, W. M., Dorling, E. B., & Herring, J. R. H. 1974, Sol. Phys., 38, 183
Hale, G. E. 1908, PASP, 20, 220
Hendrix, D. L., van Hoven, G., Mikic, Z., & Schnack, D. D. 1996, ApJ, 470, 1192
Heyvaerts, J. & Priest, E. R. 1983, A&A, 117, 220
Klassen, A., Aurass, H., Mann, G., & Thompson, B. J. 2000, A&AS, 141, 357
Mandrini, C. H., Démoulin, P., & Klimchuk, J. A. 2000, ApJ, 530, 999
Nakariakov, V. M., Ofman, O., DeLuca, E., Roberts, B., & Davila, J. M. 1999,

43



44 BIBLIOGRAPHY

Science, 285, 862
Neubauer, F. M. & Musmann, G. 1977, J. Geophys. Res., 82, 3201
Nordlund, Å. & Galsgaard, K. 1995, A 3D MHD Code for Parallel Computers,

Tech. rep., Astronomical Observatory, Copenhagen University
Parker, E. N. 1972, ApJ, 174, 499
Parker, E. N. 1979, Cosmical magnetic fields: Their origin and their activity (Ox-

ford: Clarendon Press)
Parker, E. N. 1983, ApJ, 264, 642
Parnell, C. E. & Jupp, P. E. 2000, ApJ, 529, 554
Piddington, J. H. & Davies, R. D. 1953, MNRAS, 113, 582
Robbrecht, E., Verwichte, E., Berghmans, D., et al. 2001, A&A, 370, 591
Schatzman, E. 1949, Annales d’Astrophysique, 12, 203
Schrijver, C. J. & Aschwanden, M. J. 2002, ApJ, 566, 1147
Schrijver, C. J., Hagenaar, H. J., & Title, A. M. 1997, ApJ, 475, 328
Schrijver, C. J. & McMullen, R. A. 1999, Bulletin of the American Astronomical

Society, 31, 964
Schrijver, C. J., Title, A. M., Berger, T. E., et al. 1999, Sol. Phys., 187, 261
Simon, G. W. & Weiss, N. O. 1989, ApJ, 345, 1060
Sobotka, M., Vázquez, M., Bonet, J. A., Hanslmeier, A., & Hirzberger, J. 1999,

ApJ, 511, 436
Solanki, S., Lagg, A., Woch, J., Krupp, N., & Collados, M. 2003, Nature, 423,

692
Spitzer, L. 1956, Physics of Fully Ionized Gases (New York: Interscience Pub-

lishers)
Stein, R. F. & Nordlund, Å. 2000, Solar Physics, 192, 91
Stepanova, T. V. & Kosovichev, A. G. 2000, Advances in Space Research, 25,

1855
Thompson, B. J., Gurman, J. B., Neupert, W. M., et al. 1999, ApJ, 517, L151
Title, A. & Schrijver, K. 2003, in Stars as Suns: Activity, Evolution and Planets,

Vol. 219, –
Tousey, R., Bartoe, J. D. F., Bohlin, J. D., et al. 1973, Sol. Phys., 33, 265
Unti, T. & Neugenbauer, M. 1968, Phys. Fluids, 11, 563
van Ballegooijen, A. A. 1986, ApJ, 311, 1001


